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Chapter 6

Molecular g as an d s tar

form ation

Abstract

We p resen t m o d els o f th e c o u p led ev o lu tio n o f th e g aseo u s an d s tellar c o n ten t o f
d w ar f g alax ies u s in g a h y b r id N -b o d y / h y d r o d y n am ic s c o d e an d a J ean s m as s c r ite-
r io n to d es c r ib e th e o n s et o f s tar fo r m atio n fr o m g as . We n o w in c o r p o rate fo r th e fi r s t
tim e th e fo r m atio n o f H2 g as as p ar t o f th e m o d el. We d o s o b y fo r m u latin g a s u b -g r id
m o d el fo r m o lec u lar c lo u d s , as s u m ed to o b ey w ell-k n o w n s c alin g relatio n s , an d s o lv -
in g fo r th e HI↔H2 b alan c e set b y th e H2 fo r m atio n o n d u s t g rain s an d its F U V -in d u c ed
p h o to d is s o c iatio n . T h is th en allo w s th e trac k in g o f th e ev o lu tio n o f th e m o lec u lar g as
o f g alax ies s eam les s ly alo n g w ith th at o f its p rec u r s o r c o ld n eu tral m ed iu m HI g as .
T h e th er m al an d d y n am ic ev o lu tio n o f g as as d en s e as ∼ 2× 1 0

2 c m −3 an d as c o ld as
Tk ∼ 4 0 K ( w h ere m o s t o f th e HI→H2 tran s itio n is ex p ec ted ) is p r o b ed in o u r s im u -
latio n s . We are th u s ab le to id en tify th e m o lec u lar reg io n s o f th e in ter s tellar m ed iu m
d u r in g th e ev o lu tio n o f a ty p ic al d w ar f g alax y. We fi n d a s ig n ifi c an t d ep en d en c e o f
th e HI→H2 tran s itio n an d th e res u ltan t H2 g as m as s o n th e am b ien t m etallic ity an d
th e H2 fo r m atio n rate, res u lts w e ex p ec t to b e v alid in all o th er ty p es o f g alax ies fo r
w h ic h th e d en s e an d c o o l HI p rec u r s o r an d th e res u ltin g H2 g as p h ases are c u r ren tly
in ac c es s ib le b y h ig h res o lu tio n n u m er ic al s tu d ies ( e.g . lar g e s p irals ) .

6 .1 In tro d u ctio n

S tar s fo r m in m o lec u lar c lo u d s , an d m o s t s tar s fo r m in th e lar g e c o m p lex es o f g ian t
m o lec u lar c lo u d s ( G M C s ) . A g en eral th eo r y to p red ic t th e lo c atio n an d am o u n t o f
s tar fo r m atio n in g alax ies d o es n o t ex is t y et. T h e g lo b al d r iv er s o f s tar fo r m atio n
are g en erally s o u g h t in lar g e s c ale p r o c es s es th at c an fo r m c o n c en tratio n s o f HI g as
( E lm eg reen 2 0 0 2 ) , fo r ex am p le g rav itatio n al in s tab ilities in d is k g alax ies , o r c o m p res -
s io n b y g alax y in terac tio n s o r m er g er s . T h ese c o n c en tratio n s o f n eu tral g as are th en
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assumed to be the sites of molecular cloud and ultimately star formation. Computer
simulations of galaxies have followed this lead and base their star formation model
usually on the local density directly using a Schmidt law (Mihos & Hernq uist 1 994 ,
Springel 2000, Semelin & Combes 2002), or on the consideration of gravitational in-
stability using a Jeans mass criterion (Katz 1 992, Gerritsen & Icke 1 997 ), and none
explicitly consider molecular gas.

The interstellar medium (ISM) consists of gas with a wide ranging properties,
from cold, dense molecular clouds to the cold and warm neutral medium (CNM,
WNM) and the hot ioniz ed medium intermixed in fractal-like structures. The physical
processes governing the state of the ISM have been progressively identified in the
last few decades, but the precise working of these, amongst which various heating,
cooling and ioniz ation processes, is still an area of active research (Váz q uez -Semadeni
2002). Most galactic scale simulations include only one phase, best thought of as the
warm neutral medium (Katz 1 992, Navarro & White 1 993 , Springel 2000). Some
authors have tried to include more physics to model a two phase medium (Gerritsen
& Icke 1 997 , Gerritsen & de B lok 1 999), or incorporated an empirical model for a
multiphase ISM (Springel & Hernq uist 2002, Semelin & Combes 2002, Andersen &
B urkert 2000). The inclusion of the molecular component into simulations of the
ISM of galaxies on galactic scale is generally not attempted, and so such simulations
cannot be compared directly to the numerous observations of H2 gas distribution in
galaxies (as revealed by its tracer molecule CO ).

Thus, apart from the obvious fallacy of forming stars out of atomic gas, the absence
of molecular gas deprives the simulation of a valuable diagnostic tool that one could
use to constrain the many free parameters that are part of this type of modelling:
molecular gas in galaxies is observationally well studied and a host of empirical rela-
tions have been established between molecular gas and star formation. For example
the Schmidt law has been demonstrated to be a much tighter relation for molecular,
rather than HI gas (Wong & B litz 2002). Recently, CO observations are beginning to
yield complete surveys of metal-rich molecular gas of nearby galaxies (Engargiola et
al. 2003 , Miz uno et al. 2001 , Helfer et al. 2001 , Regan et al. 2001 ). The catalogues
of molecular clouds from these works can be matched against Hα observations, which
yields information regarding lifetimes of giant molecular clouds. O n a more detailed
level, studies of molecular gas in the dense shells around superbubbles in for example
the L arge Magellanic Cloud (L MC) are used to unravel the star formation seq uence
(Y amaguchi et al. 2001 ). Thus, while the study of the relation between molecular gas
and star formation is part and parcel of observational studies of galaxies, the theoret-
ical approach of study of these complex systems by numerical simulation lacks such a
possibility, simply because of the computational demands of following the formation
of molecules from first principles.

For primordial gas, where H2 forms in the gas phase and no radiation sources are
present, simulations have followed the H2 chemistry (Abel 1 997 ), but these are not
applicable to current star forming galaxies. Some pioneering work to include H2 into
simulations of star forming spiral galaxies has been done by Hidaka & Sofue (2002)
but they did not consider a time dependent HI→H2 transition, which as we will argue
below, is essential. In this chapter, we will describe a method to incorporate a realistic
H2 formation criterion into simulations of galaxies. It is based on the application of
a time-dependent HI→H2 transition to a sub-grid model for interstellar clouds. This
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method allows us to simulate galaxies without omitting an important ISM component
which constitutes the “ fuel” of all star formation activity in galaxies. We implement
our method in an N-body/SP H code - although we want to emphasize that it can be
implemented in more general types of code for the simulation of the ISM. First results
for dwarf irregulars indicate the critical role of metallicity and the H2 formation rate
on the distribution and total amount of H2 present. Thus, this work contributes to
filling two gaps in the literature. First, the H2 formation criterion makes a connec-
tion between galaxy-sized simulations and molecular cloud theory, making the results
of numerous theoretical studies of cloud formation accessible and applicable to such
simulations. Secondly, our method can be used to explore the connection between
large scale instabilities and the formation of molecular gas complexes. Star formation
and molecular gas can then be studied in the dynamic setting of realistic galaxy mod-
els that include effects of e.g. spiral density waves, self propagating star formation,
galaxy interactions and mergers.

In Section 6.2 we will first give an overview of a simplified version of the theory of
H2 formation and destruction, in sections 6.3 and 6.4 we will discuss the N-body/SP H
code we use and the actual implementation of our H2 criterion, whereafter we present
the first results of our modelling in section 6.5.

6.2 H2 form ation and de struction

The formation of H2 in galaxies has already been studied by Elmegreen (198 9, 1993),
where the important role of ambient metallicity and pressure has been described.
Subsequent efforts to incorporate his approach into analytical models of galactic disks
(Honma et al. 1995) or numerical simulations (Hidaka & Sofue 2002) have adopted
stationary models, namely once an H2 formation criterion is satisfied the HI→H2

transition is set to be instantaneous. The time-dependence of several factors affecting
this transition (e.g. the ambient H2-dissociating radiation field) and the various gas
heating and cooling processes were not considered. This seriously restricts the ability
of such models to track the evolution of the ISM and particularly its H2 gas phase. This
is because the conditions affecting the HI↔H2 equilibrium can vary over timescales
comparable to or shorter than that needed for equilibrium to be reached.

D ust grains, when present, are the sites where H2 mostly forms. The H2 formation
rate Rf for gas with temperature Tk and metallicity Z can then be expressed as

Rf =
1

2
σd〈vH〉SHγH2

= 3.5 × 10−18 µZT
1/2

k SHγH2
cm3 s−1, (1)

(e.g. Hollenbach, Werner, & Salpeter 1971; Cazaux & Tielens 2002, 2004). This
equation expresses the rate of collisions resulting in H2 formation of H atoms, having
mean velocities 〈vH〉, with interstellar dust particles with effective surface σd. The
grain surface (and thus the formation rate) is assumed to scale linearly with metallic-
ity Z , σd = σgng/n = 4.9× 10−22Z cm2, for grain surface σg and ratio of grain density
to hydrogen density ng/n. The functions SH = SH(Tk) and γH2

= γH2
(Tdu st) express

the HI grain-sticking , and H2 formation probability (once HI is on the grain surface)
respectively. Laboratory experiments usually constrain only the product SHγH2

for
various temperature domains rather than provide any analytical fits for each function
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separately (e.g. Pirronello et al. 1997; Katz et al. 1999). The theoretical study of
Buch & Zhang (1991) yields a function SH = [1 + (kBTk/E◦)]

−2 (E◦/kB = 102 K)
valid for Tk . 300 K, which we adopt in the present work. We incorporate the un-
certainties of the H2 formation rate into a constant parameter µ. These uncertainties
reside mainly in the formation probability, but also in the effective surface for H2 for-
mation. This surface may be bigger than the value σd, which is actually the value for
the effective visual extinction cross-section. A value of µ = 3.5 corresponds to the
canonical formation rate Rf = 3 × 10−17 cm3 s−1 (e.g. Jura 1974, 1975), for typical
CNM HI gas conditions (Tk ∼ 100 K), but values up to µ ∼ 18 are not excluded. Early
suggestions for a high value of µ emerged from the study of rovibrational infrared
lines of H2 in refl ection nebulae (Sternberg 1988), and more recently from the detec-
tions of particularly intense H2 rotational lines with the Infrared Space Observatory
(ISO) in photodissociation regions (Habart et al. 2000; Li et al. 2002).

The timescale associated with H2 formation is (e.g. Goldshmidt & Sternberg 1995)

τf = (2nRf)
−1 = 5 × 107

(

Tk

100 K

)

−1/2
( n

10 cm−3

)

−1

[µZSH(Tk)]
−1

yrs, (2)

where n and Tk are the density and temperature of HI. For n ∼ 50 cm−3 and
Tk ∼ 100 K, typical of the Cold Neutral Medium HI gas out of which H2 clouds
form, τf ∼ 107 yrs. This is comparable to the timescales of a wide variety of processes
expected to fully disrupt or otherwise drastically alter typical molecular clouds and
their ambient environments. Some of the most important ones are star formation,
with the disruptive effects of OB associations (e.g. Bash et al. 1977), turbulent dissi-
pation (Stone et al. 1998; MacLow et al. 1998), and inter-cloud clump-clump colli-
sions (Blitz & Shu 1980). The mean FUV field driven by the evolution of continously
forming stellar populations throughout a galaxy evolves over similar timescales (e.g.
Parravano, Hollenbach & McKee 2003), and the same is the case for the ambient pres-
sure environment and its perturbations by passing supernova (SN) induced shocks
(e.g. Wolfire et al. 2003). Hence a r ealis tic mo d el o f th e HI→H2 transitio n in g alax ies

mu st b e time-d ep end ent.

6.2.1 E q u ilib r iu m m o le c u la r fr a c tio n

The equilibrium molecular gas fraction per cloud, under a given ambient FUV field,
can be estimated by considering the formation/destruction equilibrium for a plane
parallel cloud illuminated by a radiation field G◦. In equilibrium formation balances
destruction, hence

Rfnn1 = G◦k◦f(N2)e
−τn2 (3)

which must hold at any depth. The densities n1 and n2 denote the HI and H2 densities,
while the total hydrogen density is n = n1 + 2n2. The H2 dissociation rate k◦ =
4 × 10−11 s−1 is normalised for an ambient FUV field in units of the Habing (1968)
field value (G◦ = 1). The factor f(N2) is the normalised H2 self-shielding function
which describes the decrease in dissociation rate due to absorption by the molecular
column, N2. Furthermore, τ = σ(N1 + 2N2) is the FUV continuum optical depth
due to grain extinction, with a dust FUV absorption cross-section σ = ξF U V σd for
ξF U V = 2 − 4. Eq. (3) can be converted to a separable differential equation for the
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columns N1 and N2 (e.g. Goldshmidt & Sternberg 1995) which, when integrated by
parts for a uniform cloud, yields an HI transition column density

Ntr(H I) =
1

σ
ln

(

1 +
G◦k◦

nRf
Φ

)

. (4)

This is the total HI column density marking the HI/H2 transition zone from the surface
of the cloud for a uniform one-side illuminated cloud. The factor Φ is an integral of
the self-shielding function over the H2 column (Goldshmidt & Sternberg 1995), which
for f(N2) ∼ N−k

2 ,

Φ = 2k−1 (Nchσ)
k
∫

∞

0

x−ke−xd x = 6.6 × 10−6
√

π Z1/2ξ
1/2
FUV, (5)

and encompasses the details of the H2 self-shielding. Its numerical value was obtained
for k = 1/2 and a characteristic column density of Nch = 1.7 5 × 1011 cm−2 (Jura
1974).

The equation of the HI↔H2 balance still yields an analytical expression for Ntr(H I)
for clouds with density profile: n(r) = nex(r/R)−1, with R the cloud radius. Such a
profile results from cloud models using a logotropic equation of state (Mclauglin &
Pudritz 1996) hence we will refer to them as ”logotropic clouds,” but the reason we
will consider such profiles here is that this is a rough representation of sub-resolution,
non-uniform, GMC density structure. For a radial incident interstellar radiation field,
such a density profile yields

Ntr(H I) =
ν◦
σ

ln

(

1 + ν−1
◦

G◦k◦

nexRf
Φ

)

, (6)

where ν◦ = nexRσ (1 + nexRσ)
−1

. For R → ∞ we obtain ν◦ → 1 and Eq. (6) reduces
to Eq. (4) as expected for uniform density clouds (n(r) → nex). The visual extinction
corresponding to (6) is given by (using the expressions for Rf and φ, (1) and (5))

A(tr)
v = 1.086ν◦ξ

−1
FUV ln

[

1 +
ν−1
◦

G◦

µSH(Tk)

(

ξFUV

ZTk

)1/2
( nex

135 cm−3

)

−1
]

. (7)

It is then easy to show that the H2 gas mass fraction contained inside the HI transition

zone marked by A
(tr)
v is given by

fm =
M(H 2)

Mc
=

(

1 − 4A
(tr)
v

3〈Av〉

)3

, (8)

for constant density clouds, and

fm =
M(H 2)

Mc
= exp

[

−4
A

(tr)
v

〈Av〉

]

(9)

for logotropic clouds. Here, 〈Av〉 is the average extinction for a spherical cloud mea-
sured by an outside observer.
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We consider the cloud fraction fm to be a measure of the local molecular gas
content of the ISM. Here, the implicit assumption is that most of the HI/H2 gas mass
ultimately can be traced in such cloud structures. For CNM HI and the resulting H2

clouds this is a reasonable assumption. In certain models this is predicted to be the
final configuration of any initial gas mass which quickly cools and fragments in an
environment of constant “background” pressure (Chièze 1987; Chièze & Pineau des
Forêts 1987).

To derive fm we need some measure of the average cloud extinction 〈Av〉. The cru-
cial assumption we make in order to derive this is that all unresolved cloud structures
in the ISM where the HI/H2 transition takes place obey the widely observed density-
size power law (e.g. Larson 1981). The bulk of the H2 gas is assembled in Giant
Molecular Clouds, the sites of most star formation activity in galaxies, and which are
observed to be virialised entities (e.g. Larson 1981, Elmegreen 1989 and references
therein). Indeed their well known density/size scaling relation can be readily repro-
duced from the virial theorem applied for clouds under a given boundary pressure Pe

(Elmegreen 1989). In this case it can be shown that the average H density is given by

〈n〉 = n◦

(

Pe/kB

104 K cm−3

)1/2

R−1
pc , (10)

where Rpc is the cloud radius in parsecs. The range of the normalising constant n◦

(cm−3) can be determined theoretically by choosing a range of plausible polytropic
solutions to the cloud density profiles (e.g. Elmegreen 1989), or from the observed n-
R relations for galactic molecular clouds. The latter approach, after using the scaling
relation n(H2) = 1700R−α

pc cm−3 reported by Larson (1981) (α ∼ 1), yields n◦ ∼
1520 cm−3. In estimating n◦ from the observed n-R scaling relation we took into
account that for the galactic midplane molecular clouds the outer pressure P◦/kB ∼
104 K cm−3 , but the boundary pressure on the molecular part of the cloud Pe =
Pe,m ∼ 5P◦ (Elmegreen 1989). Using (10) we estimate the average extinction of a
cloud with radius R as measured from the outside as

〈Av〉 = 2kg〈n〉Rσd, (11)

with a geometric factor kg = 2/3 (for a spherical cloud). After substituting 〈n〉 from
Eq. (10) we get,

〈Av〉 = 0.22Z
( n◦

100 cm−3

)

(

Pe/kB

104 K cm−3

)1/2

. (12)

The cloud boundary pressure is due to thermal and macroscopic motions (Elmegreen
1989), assuming the latter to be isotropic, Pe can be expressed as

Pe = nexkBTk +
1

3
ρeσ

2
vel =

[

1.085Tk + 54
( σvel

km s−1

)2

K

]

nexkB, (13)

where σvel is the 3-dimensional velocity dispersion of the gas due solely to macro-
scopic motions. From (8), (9), and (12) it is obvious that high pressure gas will tend
to be molecular, a result already known from the analytical/steady-state models of
the HI→H2 transition in galactic disks (Elmegreen 1993; Honma et al. 1995).
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Fig u r e 6 .1 : The E q u ilib r iu m m o lec u la r fr a c tio n fm. P lo tted a re c o n to u r s o f fm la b elled w ith the

c o n to u r v a lu e. A b o v e 1 0 0 0 K the fo r m a tio n r a te is ta k en to b e z er o . γ in d ic a tes the p o w er la w

in d ex o f the c lo u d d en s ity p r o fi le (n ∝ r
−γ), th u s γ = 0 m e a n s c o n s ta n t d e n s ity c lo u d s , γ = 1

lo g o tr o p ic c lo u d s .
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We c an no w c alc u late th e eq u ilib r iu m fm fo r a g iv en p ar c el o f inter s tellar g as o f
tem p eratu re T and d ens ity n u s ing E q s . ( 8 ) o r ( 9 ) . Inp u t p aram eter s are th e rad iatio n
fi eld G0, m etallic ity Z , v elo c ity d is p er s io n σvel and o u r H2 fo r m atio n rate p aram eter
µ. In F ig . 6 .1 w e h av e p lo tted th e res u lting eq u ilib r iu m frac tio n fm fo r a nu m b er o f
ty p ic al v alu es o f th ese p aram eter s .

Th e tr u e eq u ilib r iu m m o lec u lar g as c o ntent w ill m o s t lik ely b e h ig h er th an fm s inc e
th e real IS R F inc id ent o n G M C s is no t rad ial and th u s falls o ff m o re rap id ly ins id e th e
ab s o r b ing c lo u d lay er s . Hig h er g as d ens ities th at ex is t d eep er in th e c lo u d s as p ar t o f
th e c o ns id erab le s p atial and d ens ity s u b s tr u c tu re/ c lu m p ing o b s er v ed in th e IS M w ill
ac t to rais e th e tr u e fm. In th at res p ec t lo g o tr o p ic c lo u d s are m o re realis tic th an th o s e
w ith u nifo r m d ens ity.

6.2.2 Tim e -d e p e n d e n c e o f th e H I/ H 2 e q u ilib r iu m

Th e tim e d ep end ent HI/ H2 trans itio n c an b e ap p r o x im ated fr o m th e s o lu tio n o f E q u a-
tio n ( 2 2 ) o f G o ld s h m id t & S ternb er g ( 19 9 5 ) , w h ic h d es c r ib es th e ev o lu tio n o f th e
to tal HI c o lu m n Ntr(H I) in th e HI→H2 trans itio n lay er o f a p lane p arallel s lab o f H2

g as w ith an im p ing ing d is s o c iating rad iatio n fi eld :

τf
dσNtr(H I, t)

dt
= rd ise

−σNtr(HI,t)
− σNtr(H I, t), ( 14 )

w h ere τf = 1/(2nRf) is th e H2 fo r m atio n tim e and th e q u antity rd is q u antifi es th e
lo c al b alanc e b etw een H2 d is s o c iatio n and fo r m atio n and is g iv en b y

rd is =
G◦k◦

nRf
Φ = 2.6 7

G◦

µSH(T k)

(

ξF U V

Z T k

)1/2
( n

5 0 c m −3

)

−1

. ( 15 )

Th e as s u m p tio n u nd er ly ing th e v alid ity o f E q . ( 14 ) is th at o f an ex trem ely nar r o w
HI/ H2 trans itio n lay er, w h ic h th u s s ep arates th e s lab into a fu lly ato m ic and a fu lly
m o lec u lar s ec tio n. In th e c ase o f s tead y s tate E q . ( 14 ) red u c es to

rd ise
−σNtr(HI) = σNtr(H I), ( 16 )

w h ic h d o es no t y ield Ntr(H I) as ex p res s ed in E q . ( 4 ) , th o u g h s o lu tio ns o f E q . ( 16 ) fo r
Ntr(H I) d iffer . 3 0 % . Th is is no t s u r p r is ing g iv en th at E q . ( 4 ) d o es no t inv o lv e th e
ap p r o x im atio n o f a s h ar p HI/ H2 trans itio n. It is eas y to s ee at w h at s tep o f d ed u c ing
E q . ( 4 ) th e as s u m p tio n o f a s h ar p HI/ H2 trans itio n lay er y ield th e res u lt ex p res s ed in
E q . ( 16 ) . F r o m G o ld s h m id t and S ternb er g ( th eir E q u atio n 2 )

RfndN(H I) = G◦k◦f[N(H 2)]e
−2σN(H2)e−σN(HI)dN(H 2). ( 17 )

If no t m u c h HI ex is ts w ith in th e s h ar p HI/ H2 trans itio n z o ne to s ig nifi c antly ad d u p
to th e to tal HI trans itio n c o lu m n d ens ity w e c an rep lac e e−σN(HI) b y e−σNtr(HI) Th e
latter is th en treated as a c o ns tant o f integ ratio n o v er th e H2 c o lu m n d ens ity and k ep t
in th e r ig h t p ar t o f th e latter eq u atio n y ield ing E q . ( 16 ) .

A fu lly tim e-d ep end ent treatm ent o f th e HI/ H2 trans itio n is c o nv eniently p r o v id ed

b y s o lv ing E q . ( 14 ) fo r A
(tr)
F U V = σNtr(H I, t) and fi nd ing th e c o r res p o nd ing fm(t) fr o m

E q . ( 8 ) . Alth o u g h th e ap p r o x im atio n o f a nar r o w trans itio n lay er is no t s tr ic tly v alid ,
th e tim e d ep end ent s o lu tio n o f th e fu ll integ r o -d ifferential eq u atio n w o u ld b e to o
c o s tly fo r u s e in nu m er ic al s im u latio ns , and als o th e u nc er tainties inh erent in o u r
m o d el w o u ld no t ju s tify th e ad d itio nal ex p ense fo r th e m o re ex ac t s o lu tio n.
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Analytical ap p r o x im atio ns o f tim e v arying H2 trans itio n

It is interesting to examine approximate analytical solutions, if only for the reason of
checking the more general solution of Eq. (14) in limiting cases. This can be done
for two particular domains, namely that of rapidly increasing and rapidly decreasing

A
(tr)
FUV(t). For τfdA

(tr)
FUV/dt � 0 we can approximate Eq. (14) as

dA
(tr)
FUV

dt
= −

1

τf
A

(tr)
FUV ⇒ A

(tr)
FUV = A

(tr)
FUV(0)e−t/τf . (18)

In the case of τfdA
(tr)
FUV/dt � 1, and thus a decreasing molecular mass fraction, we

approximate Eq. (14) as

dA
(tr)
FUV

dt
=

rdis

τf
e−A

(tr)
F U V = 2G◦k◦Φe−A

(tr)
F U V , (19)

hence
A

(tr)
FUV(t) = ln

(

eA
(tr)
F U V (0) + 2G◦k◦Φt

)

, (20)

which in the case of Rf = 0, provides a convenient solution describing the photo-
destruction of molecular clouds.

T h e cas e o f lo g o tr o p ic clo u d s

Eq. (14) is derived under the assumption of the HI/H2 transition being sharp and
under the assumption of a uniform density. In the case of a radial density profile the
latter is no longer the case, but the approximation of a sharp HI/H2 transition can be
maintained. In the case of a logotropic density profile the modification of Eq. (14)
(or Eq. (22) of Goldshmidt and Sternberg (1995)) turns out to be particularly simple,

1

2

dN(HI, t)

dt
=

G◦k◦Φ

σ
e−σN(HI,t) − Rf

∫ rH I

0

n(r)n(HI)dr, (21)

where rHI marks the depth of the pure HI layer. U sing the relation n(r) = nex e
N(r)/N◦

(N◦ = nex R) valid for a logotropic density profile, Eq. 21 eventually yields

τf
dσNtr(HI, t)

dt
= rdise

−σNtr(HI,t) − σN◦

(

eσNtr(HI,t)/σN◦ − 1
)

. (22)

where τf and rdis are calculated with nex . It can be easily seen that for N◦ = nex R →
∞ (eN(HI,t)/N◦ → 1 + N(HI, t)/N◦), signifying a uniform density cloud n = nex (or
one with so large of a radius where the density of outer layers hardly changes), the

latter reverts back to Eq. (14). Again we solve for A
(tr)
FUV = σNtr(HI, t).

For dA
(tr)
FUV(t)/dt � 0 the solution of Eq. (22) remains the same as that of Eq.

(14) with only nex = 2/3〈n〉 replacing n. So in case of cloud destruction when Rf = 0
Eq. (20) again gives the time dependence of the transition layer. In the case of

dA
(tr)
FUV(t)/dt � 0, Eq. (22) is now approximated by (A◦ = σN◦)

τf
dA

(tr)
FUV(t)

dt
= −A◦

[

eA
(tr)
F U V (t)/A◦ − 1

]

, (23 )
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The solution of this being

A
(tr)
FUV(t) = A◦ln

[

1 + (eA
(tr)
FUV(0)/A◦ − 1)e−t/τf

]

(24)

The latter equation reduces to Eq. (18) when N◦ → ∞ (A◦ → ∞), as expected.

6.2.3 C ollis iona l des truction of H2 a t hig h tempera tures

At high temperatures the above is not a good description to follow the H2 content.
O nce the temperature of the gas reaches Tk & 1000 K, H2 formation effectively be-
comes zero (Cazaux & Tielens 2004). Moreover, at high temperatures the cloud scal-
ing laws (and hence the expressions used to estimate fm) no longer hold since the
observed “cloud” line widths would now be mostly thermal and thus no longer scale
with size.

For temperatures above Tk & 3 × 103 K the H2 fraction will be controlled by
collisional destruction processes according to

dn(H2)

dt
= −γ1(Tk)n(H2)n(HI) − γ2[n(H2)]

2, (25)

where γ1(Tk) and γ2(Tk) are the H2-HI and H2-H2 collisional destruction coefficients.
Their values can be found in Martin, Keogh, & Mandy (1998) where it can be seen
that they are strongly temperature dependent( ∝ T 12). Also it turns out that the HI
collisions are much more efficient in destroying H2 than those with H2 itself.

Indeed [γ1(Tk)/γ2(Tk)]min = 10 at Tk ∼ 3× 104 K and it is much bigger for lower
gas temperatures. Thus for the H2 collisions to be more important the condition

γ2(Tk)[n(H2)]
2

γ1(Tk)n(H2)n(HI)
> 1 ⇒

n(H2)

n(HI)
>

γ1(Tk)

γ2(Tk)
& 10. (26)

must be satisfied. In the WN M gas phase such a high percentage of remaining H2

(remaining from the dominant FUV destruction mechanisms operating in the CN M,
CN M-to-WN M phases) is unlikely. We thus consider only the HI collisional destruction
term as important and then Eq. (25) becomes

dn(H2)

dt
= −γ1(Tk) [n − 2n(H2)] n(H2), (27)

where n = n(HI) + 2n(H2) is the total density. Solving the latter eventually yields

fm(t) =
2n(H2)

n
=

m◦e
−nγ1(T k)t

1 − m◦e−nγ1(T k)t
, w h ere m◦ =

f◦
1 − f◦

. (28)

The value f◦ is the last value that fm has before conditions change so that we switch to
Eq. (28) to describe the evolving HI/H2 equilibrium. Here we must mention that we
assumed that in the WN M phase there is no FUV -induced HI/H2 spatial segregation.
If there is some remnant spatial segregation H2 would be destroyed by the much less
effective H2 collisions, thus our assumption may somewhat overestimate the level of
collisional H2 destruction.
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We now have all ingredients to build a H2 formation module into numerical code
for the simulation of the ISM of galaxies. Given the local conditions in the ISM we can
follow the HI/H2 transition using Eqs (14) or (22) for gas with T < 1000 K. Above
1000 K, it is Rf = 0 and in this case these equations describe the photo-destruction of
clouds. For T > 3000 K, Eq. (28) is used as a rough approximation of the collisional
destruction process. We have implemented a module using the above prescription in
an N-body/SPH code that includes a detailed model for the neutral phases. We will
estimate the local H2 content using a sub-grid model calculating the solution to the
time dependent Eq. (14) at every particle position in our simulation. B efore we detail
the precise algorithm we will first give some background of the code.

6.3 Im p le m e n ta tio n

The code we use is an N-body/SPH code for the simulation of galaxy sized objects.
D etails of the code are explained in previous chapters. Here we will use the complete
model for the ISM described in Chapter 2 (“model D ”). The main features of the code
that make it especially attractive to follow the formation and destruction of molecular
gas is the fact that our code includes an extensive ISM model as well as star formation
and feedback. The ISM model lets the gas cool down to temperatures of T ≤ 100 K
and the densities that are reached are of order n ≈ 100 cm−3. As we will discuss
below this is just the ISM phase we expect the transition to molecular gas to occur.

N-body/SPH codes are in routine use within the astrophysical community as tools
to explore problems of galaxy evolution and formation and a description of this
method can be found elsewhere (Hernquist & Katz 1989, Monaghan 1992). We
use the conservative SPH formulation of Springel & Hernquist (2002). We employ
a model for the WNM and CNM that was extended from Gerritsen & Icke (1997) and
B ottema (2003). We will summarise the most important features here.

6.3.1 N eutral IS M model

Our model for the ISM is similar to the equilibrium model for the CNM and WNM of
Wolfire et al. (1995, 2003). We solve for the ionization and thermal evolution of the
gas including the various processes given in Table 6.1. An overview of the ISM model
is given in Fig. 6.2, where we have plotted the equilibrium temperature, ionization
fraction and pressure as a function of density. The plots in this figure show that as
density varies, the equilibrium state of the gas changes from a high temperature/high
ionization state (T = 104 K, xe ≈ 0.1) at low densities, to a low temperature/low
ionization state (T < 100 K, xe < 10−3) at high densities. In between there is a
density domain where the negative slope of the P-n relation indicates that the gas is
unstable to isobaric pressure variations, the classic thermal instability (Field 1965).
The shape of these curves and hence the exact densities of the thermal instability vary
locally throughout the simulation under the infl uence of the local time-varying UV
radiation field and supernova heating. We assume a constant cosmic ray ionization
rate ζC R throughout the galaxy. We take a value of ζC R = 3.6 × 10−17 s−1.

The FUV luminosities of the stellar particles, which are needed to calculate the
local FUV field used in the photoelectric heating and that also will be used to calculate

105



Table 6 .1 : Overview o f th e p ro c es s es in c lu d ed in th e IS M m o d el u s ed . Fo r H a n d He io n iz a tio n

eq u ilib riu m is ex p lic itly c a lc u la ted , fo r o th er elem en ts c o llis io n a l io n iz a tio n eq u ilib riu m ( C IE )

is a s s u m ed . referen c es : 1 ) Wo lfi re et a l. 1 9 9 5 , 2 ) R a g a et a l. 1 9 9 7 , 3 ) Vern er & Ferla n d 1 9 9 6 ,

4 ) S ilva & Vieg a s 2 0 0 1

process com m en t ref.

heating

C osm ic R ay ion iz ation rate ζCR = 3.6 10−17 s−1 1
P h oto E lectric F U V fi eld from stars 1

c o o ling

e, H0 im pact H,He,C ,N ,O ,S i,N e,F e 2 ,4

io niz atio n

& rec o m b inatio n

U V ion iz ation assu m ed for
species w ith Ei < 13.6 eV

C osm ic R ay H, He on ly ; prim ary 1
& secon d ary ion iz ation s

C ollision al H, He on ly 3
R ad iativ e recom b in ation H, He on ly 3
C IE assu m ed for m etals

H2 d estru ction , are d eriv ed from B ru z u al & C h arlot ( 19 9 3, an d u pd ated ) popu lation
sy n th esis m od els for a S alpeter in itial m ass fu n ction ( IM F ) w ith cu toffs at 0.1 M�

an d 100 M�. In th e presen t w ork w e d o n ot accou n t for d u st ex tin ction of U V lig h t,
ex cept for th e fact th at y ou n g stars are sh rou d ed in th eir n atal clou d : for y ou n g
stellar clu sters w e d ecrease th e am ou n t of U V ex tin ction from 7 5 % to 0 % in 4 M y r
( P arrav an o et al. 2 0 0 3) .

6.3.2 S ta r fo r m a tio n a n d fe e d b a c k

T h e cold est an d d en sest ph ase in ou r m od el is b est id en tifi ed w ith th e C N M , w h ere
g ian t m olecu lar clou d s are em b ed d ed an d form . We u se a sim ple prescription for star
form ation , b ased on th e assu m ption th at star form ation is g ov ern ed b y th e g rav ita-
tion al stab ility in th e G M C s. A reg ion is con sid ered u n stab le to star form ation if th e
local J ean s m ass MJ is sm aller th an a referen ce m ass Mc. T h e rate of star form ation
is set to scale w ith th e local free fall tim e:

τsf = fsftff =
fsf

√

4πGρ
( 2 9 )

T h e d elay factor fsf is u n certain , as w e w ill d iscu ss b elow th is factor m ay in fl u en ce
th e am ou n t of H2 form ed . We w ill tak e v alu es ran g in g from fsf = 2.5− 20. T h e actu al
effi cien cy of star form ation is th en d eterm in ed b y th e b alan ce b etw een th e coolin g of
th e g as an d th e U V an d S N h eatin g . N ote th at ou r star form ation d oes n ot d epen d on
th e form ation of m olecu lar g as. T h is is reason ab le as in th is pictu re star form ation is
a process associated w ith collapse th rou g h self-g rav ity an d , th ou g h in practice alw ay s
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Fig u r e 6 .2 : Overview o f th e IS M m o d el: E q u ilib riu m p lo ts o f ( a) p ressu re P, ( b ) tem p eratu re

T, ( c ) c o o lin g rate Λ an d ( d ) elec tro n frac tio n xe as a fu n c tio n o f d en sity n fo r th ree d ifferen t

valu es o f th e U V fi eld G0 ( g iven in u n its o f 1.6 × 10
−3 erg c m −2 s−1)

related to H2 fo rm atio n , it is in dep en den t o f th e g as p h ase. A “ san ity ” c h ec k o n o u r
m o del is th u s s im p ly to s ee if s u b s tan tial s tar fo rm atio n h ap p en s in reg io n s w ith lo w
H2 c o n ten t.

Feedb ac k fro m s tellar w in ds an d s u p ern o v ae is es s en tial fo r reg u latin g th e IS M .
W h ile th e m ec h an ic al en erg y o u tp u t o f s tars is reas o n ab ly w ell k n o w n , it h as p ro v en
to b e diffi c u lt to in c lu de it c o m p letely s elf-c o n s is ten tly in g alax y s iz ed s im u latio n s o f
th e IS M . T h e reas o n fo r th is is th at th e effec tiv e en erg y o f feedb ac k dep en ds sen s i-
tiv ely o n th e en erg y radiated aw ay in th in s h ells aro u n d th e b u b b les c reated. T h is
w ill m ean th at th e effec t o f feedb ac k is n o t reliab le u n les s p ro h ib itiv ely h ig h res o lu -
tio n is u s ed. In S P H c o des th ere h av e b een c o n v en tio n ally tw o w ay s to ac c o u n t fo r
feedb ac k : b y c h an g in g th e th erm al en erg y in p u t an d b y ac tin g o n p artic le v elo c ities .
B o th are u n s atis fac to ry, as th e th erm al m eth o d s u ffers fro m o v er c o o lin g ( K atz 1 9 9 2 )
an d th e k in etic m eth o d seem s to b e to o effi c ien t in dis tu rb in g th e IS M ( N av arro &
W h ite 1 9 9 3 ) . Here w e u s e a n ew m eth o d b ased o n th e c reatio n at th e s ite o f y o u n g
s tellar c lu s ters o f a pressure pa rtic le th at ac ts as a n o rm al S P H p artic le in th e lim it o f
th e m as s o f th e p artic le m → 0, fo r c o n s tan t en erg y. Fo r th e en erg y in jec tio n rate
w e tak e Ė = εsn nsn Esn /∆ t, w ith Esn = 105 1 erg , εsn = 0.1, nsn = 0.009 p er M� an d
∆ t = 3 × 107 y r. T h e effi c ien c y εsn th u s as s u m es th at 9 0 % o f th e en erg y is radiated
aw ay, a v alu e w h ic h c o m es fro m m o re detailed s im u latio n s o f th e effec t o f s u p ern o v a
an d s tellar w in ds o n th e IS M ( S ilic h et al. 1 9 9 6 ) , an d is als o u s ed in o th er s im u la-
tio n s o f g alax y ev o lu tio n ( e.g . S em elin & C o m b es 2 0 0 2 , S p rin g el & Hern q u is t 2 0 0 2 ,
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Buonomo et al. 2000). The feedback model is explained in more detail in chapter 3.

6.3.3 H2 fo r m a tio n

For our H2 formation model we follow the same philosophy as for the star formation
model: unresolved structure is assumed to be present at the SPH particle positions. In
this case the underlying cloud structures are assumed to conform to the relation (12)
for the mean cloud extinction, derived from the observed density/ size scaling relation
(10). However, this equation is not expected to be valid everywhere in our simulation
domain. Regions where E q. (10) will fail are those with low density and pressure. In
those regions our algorithm as detailed in section 6.2 will not give sensible outcomes.
To be specific, if pressure is low, E q. (10) predicts very large cloud sizes, such that the
resulting photo-destruction of H2 proceeds very slowly. To circumvent this problem
we modify E q. (10) for pressures below Ptra ns:

〈n〉 = n◦

(

Ptra ns/kB

104 K cm−3

)−1/2 (

Pe/kB

1 0 4 K c m −3

)

R−1
pc , ( 3 0 )

w h ere w e tak e Ptra n s ≈ 1 0 0 0 K c m −3. T h is is ju s t a c o n v en ien t p atc h , w h ic h h o w -
ev er in lo w p res s u re en v ir o n m en ts d o es s c ale th e ” c lo u d s ” ac c o r d in g to th e nex ∝ Pe

s c alin g ap p r o p r iate fo r d iffu s e c lo u d s ( E lm eg reen 1 9 9 3 ) , an d w ith th is m in o r m o d ifi -
c atio n w e c an ap p ly th e s u b -g r id m o d el to all IS M c o n d itio n s .

Fo r th e m ac r o s c o p ic p res s u re Pe th at en ter s in E q . ( 1 2 ) w e n eed th e lo c al v elo c ity
d is p er s io n σvel. Fo r th is v elo c ity d is p er s io n w e tak e th e fo r m al S P H es tim ate

σ2
j =

∑

i

mi

ρj
(vi − 〈v〉j)

2W (|rij|,hj) ( 3 1 )

w ith vi an d mi th e p ar tic le v elo c ities an d m as s es , 〈v〉j th e lo c al b u lk v elo c ity. A n u m b er
o f s u b tle is s u es are c o n n ec ted w ith th e c h o ic e o f th e d is p er s io n . E q . ( 3 1 ) d es c r ib es th e
in ter p ar tic le v elo c ity d is p er s io n , w h ile th e d is p er s io n th at en ter s in th e p res s u re ( 1 3 )
is really an in ter -c lo u d v elo c ity d is p er s io n . E v en if w e as s u m e th ese to b e eq u iv alen t,
th e p r o b lem rem ain s th at E q . ( 3 1 ) s am p les a v elo c ity d is p er s io n o n s c ales o f th e
s m o o th in g len g th s hi. We c an tr y to ac c o u n t fo r th is b y s c alin g σj, u s in g fo r ex am p le
th e relatio n fo r Ko lm o g o r o v tu r b u len c e,

σ′

j = σj

(

hj

Rclo u d

)

−1/3

, ( 3 2 )

b u t in p rac tic e th is h as v er y little in fl u en c e o n H2 fo r m atio n .
D ep en d in g o n th e c lo u d m o d el as s u m ed , E q . ( 1 4 ) o r ( 2 2 ) th en d es c r ib es th e

ev o lu tio n o f th e HI lay er d u r in g a s im u latio n tim e s tep d t, g iv en an in itial A
(tr)
F U V . T h e

d en s ity th at en ter s is as s u m ed to b e th e m ean d en s ity 〈n〉 g iv en b y th e S P H d en s ity
at th e p ar tic le p o s itio n , an d th e tem p eratu re th e p ar tic le tem p eratu re ( b o th tak en
c o n s tan t fo r th e tim e s tep ) . T h e rad iatio n fi eld is c alc u lated fr o m th e d is tr ib u tio n o f
s tar s , w h ere th e as s u m p tio n is th at ex tin c tio n fr o m d u s t, o r fr o m m o lec u lar c lo u d s is
n o t im p o r tan t ( ap ar t fr o m ex tin c tio n fr o m th e n atal c lo u d ) . After w e h av e ev o lv ed th e

tran s itio n A
(tr)
F U V fo r th e tim e s tep d t th e res u ltin g fm ( E q s ( 8 ) an d ( 9 ) ) is c alc u lated
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and assigned to the SPH particle for the duration of the next time step (where it can
be used to calculate for example cooling). At the next time step this value is retained

and used to calculate the initial A
(tr)
FUV, given the new average cloud extinction 〈Av〉.

The 〈Av〉 may have changed from the previous time step, if for example the pressure

Pe has changed. The choice to keep fm constant rather than A
(tr)
FUV is dictated by H2

mass conservation, and the decision to assign all variations of fm to the time varying
U V field.

6.4 A p p lic atio n to a d w ar f g alax y m o d e l

O ur first application and test of the H2 formation model will be a model for a dwarf
irregular galaxy. There are a number of practical reasons to choose this type of system
as a test model, as well as some interesting questions particular to the H2 gas presence
in dwarf galaxies that can be explored using our model.

Firstly, the small siz es of these systems allow relatively high resolution with mod-
est computational effort. In our present work the choice of dwarf galaxies as mod-
elling templates allows a given numerical simulation to probe small physical scales
and high gas densities, the latter being of crucial importance if the HI→H2 phase
transition is to be incorporated successfully. Insight gained from simulating these sys-
tems, whose properties are constrained by a wealth of observational data (e.g. van
Z ee 2001; B arone et al. 2000; de Paz et al. 2003), furthermore it holds the promise of
yielding good constraints about physical processes that are expected to be universal
in galaxies ( as we have done for SN feedback strength; see Pelupessy et al. 2004).

Aside from being excellent testbeds for quantifying phenomena expected to be
common across the Hubble sequence, dwarf galaxies are important systems on their
own right because of their crucial role in current galaxy formation theories as the
building “blocks” of larger systems (Kauffmann, White, & G uiderdoni 1993), and as
major “polluters” of the intergalactic medium with metals (Ferrara & Tolstoy 2000).

6.4.1 S im u la tio n s e tu p

We construct a simple model of a dwarf irregular with gas mass of Mgas = 108 M�

and a stellar mass of Mstar = 108 M�. The dark halo is constructed with a flat core,
in agreement with B urkert (1995 ).

Specifically, the gas disk has radial surface density profile

Σ = Σg/(1 + R/Rg), (33)

with central density Σg = 10 M�/pc2 and radial scale Rg = 0.3 3 kpc, truncated at
4 kpc. An exponential stellar disk,

ρdisk (R, z ) =
Σ0

2hz
e x p (−R/Rd)se ch2(z/hz) (34)

with central surface density Σ0 = 3 00 M�/pc2, Rd = 0.5 kpc and vertical scale height
hz = 0.2 kpc, is constructed as in Kuijken & Dubinski (1995 ). The ages of the initial
population of stars are distributed according to a constant SFR and an age of 13 Myr.
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We take a halo profile

ρhalo(r) = ρ0
exp(−r2/r2c)

1 + r2/γ2
(35)

with core radius γ = 2 kpc, cutoff radius rc = 20 kpc and central density ρ0 =
2×107 M�/kpc3, for a total mass of Mhalo = 15×109M� and a peak rotation velocity
of about 50 km/ s. We represent the dark halo by a static potential.

6.4.2 P rac tic al c onsid erations

For H2 to be able to form in the simulation two requirements must be met: we must
probe in our simulation the gas densities where H2 is expected to form, and at these
densities stars must not form before H2 has had a chance to form, as star formation
will inhibit H2 formation by irradiating and heating the gas. We can derive some min-
imum requirements in order for our model to be able to follow the HI→H2 transition
as well as some constraints on the fsf star formation parameter. In addition, it may be
necessary to consider the effect of H2 cooling.

The n ec es s a r y r es o lu tio n , the c ho ic e o f Mref

Simulations of self-gravitating fluids done with insufficient numerical resolution can
suffer from artifacts: artificial clumping or inhibition of gravitational collapse may
occur. For SPH simulations including self-gravity these effects can arise if the local
J eans mass is not resolved (Bate & Burkert 1997 , Whitworth 1998). Hence, this
requires for our simulation that

MJ ≡
πρ

6

(

πs2

Gρ

)3/2

> N mS P H , (36 )

with s the sound speed, N the number of SPH neighbours and mS P H is the particle
mass. For our simulation, this requirement is met by a choosing the parameters of
our star formation recipe such that violation of (36 ) is precluded by star formation.
A gas particle will spawn star particles, and thus be subjected to heating that raises
its J eans mass, if MJ < Mref . Taking Mref ≈ N mS P H the particle mass mS P H will
then determine the densities probed by the simulation. In figure 6 .1 we can see that
densities in the order of 50 − 100 cm−3 are sufficient to follow the HI→H2 transition,
while somewhat higher densities may be necessary for low metallicity gas. For such
densities and typical C NM temperatures of 100 K Eq (36 ) corresponds to a J eans
mass of ≈ 104M�, well below the typical GMC mass scales. Hence, running the
simulation with particle masses of mS P H ≈ 500M� allows a good resolution of the
aforementioned mass scale.

The c ho ic e o f fsf: the r o le o f H2 a n d s ta r fo r m a tio n

In our star formation recipe the delay for star formation to occur is set by the free
parameter fsf . We will examine various values for this parameter and its effect on H2

formation. It may seem somewhat odd that this parameter could determine whether
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H2 formation can happen, normally one views H2 formation as a prerequisite for star
formation, but remember that in our simulation these two are not causally linked.

We can use the timescale for the formation of H2 along with the well-established
empirical fact that everywhere in the local Universe stars seem to form out of molec-
ular clouds rather than atomic gas to deduce a lower limit on the value of fsf . For H2

formation to remain always ahead of star formation it must be τf(H 2) ≤ τsf , which
from Eqs 2 and 29 becomes,

fsf & 5.33

(

〈n〉

cm−3

)−1/2 (

µZ

3.5

)−1 [

(1 + T/100 K)2

(T/100 K)1/2

]

. (37)

Since CNM HI gas is the most likely precursor phase of the H2 gas, for typical CNM
conditions of Tk ∼ (100− 200) K and 〈n〉 ∼ (10− 50) cm−3, the latter equation yields
fsf & 3 − 10. These values are roughly similar to those deduced using the constraints
on the observed star formation rate in the Galaxy. Given the uncertainties inherent
in e.g. the SH(Tk) function, such a rough agreement is noteworthy and here it is
worth mentioning that τf(H 2) is also a good approximation of chemical equilibrium
timescales in FUV-illuminated clouds (e.g. Hollenbach & Tielens 1999). Thus the
rough agreement of the constraint set by Eq. 37 with what are considered reasonable
fsf values may signify an important role for cloud chemistry in setting the average
star formation rate. This is not far-fetched since molecule formation enables totally
different cooling functions for the gas and thus drastically alters its thermodynamic
state allowing to eventually cool and fragment further (e.g. Chièze & Pineau des
Forêts 1987).

Cooling b y H2

A recent calculation of the cooling by H2 was done by L e Bourlot et al. (1999). At
high and intermediate temperatures (1000 − 8 000 K) H2 is a more efficient coolant
than the major coolants of atomic gas (C and Fe). Hence even a low (10−4) remnant
abundance of molecular gas in the diffuse WNM can have an impact on the cooling
at high temperatures. Indeed some people have included H2 cooling in their cooling
curves, but without calculating the abundance of molecules (Carraro et al. 1998).
Admittedly our accuracy in following the amount of warm molecular gas is limited,
but to get some idea of the possible effect of this warm molecular gas it is nevertheless
interesting to do some calculations including H2 cooling. For this we use the L e
Bourlot cooling curve, where we use a limited set of data (low density limit, constant
ortho to para ratio, only H2-H collision excitation), appropriate for our purposes.
Note that some observations find abundances of H2 gas the order of 10−4 − 10−3 in
diffuse HI gas, even in regions of the ISM hostile to H2 formation, like galactic high
velocity clouds (Richter et al. 2001).

6.5 Res u lts for th e dwarf galaxy model

In a model that incorporates H2 formation the two most important parameters that
should be explored are the formation rate µ and the metallicity Z. The formation rate
is uncertain by a factor of 5-10, and this obviously introduces some uncertainty in the
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Fig u r e 6 .3 : H2 fr a c tio n . T h e lin e s in d ic a te th e tim e d e p e n d e n c e o f th e m o le c u la r fr a c tio n fm

fo r d iffe r e n t v a lu e s o f Z a n d µ. With , fr o m to p to b o tto m , lo n g -d a s h e d lin e : µ = 1 7 .5, Z = Z�,

d a s h -d o tte d lin e : µ = 1 7 .5, Z = Z�/5, d r a w n lin e : µ = 3.5, Z = Z�, D a s h e d lin e : m o le c u la r

fr a c tio n fm fo r µ = 3.5, Z = Z�/5, a n d D o tte d lin e : µ = 3.5, Z = Z�/5 w ith lo g o tr o p ic c lo u d s .

S im u la tio n s a r e s ta r te d w ith fm = 0.

theoretically calculated H2 content. For high formation rates large amounts of warm
and diffuse H2 may be present in the outer parts of spiral galaxies (Papadopoulos et al.
2002). Metals play an important role: the H2 formation rate is directly proportional to
the dust surface available, and we take this surface to be proportional to Z. Dust also
plays an important role shielding molecules from UV radiation. Observations of low
metallicity systems, like dwarf irregulars, using CO as a tracer give low molecular gas
contents (e.g. Barone et al. 2000). However, the interpretation of these observations
are complicated by the fact that the conversion factor from CO flux to H2 mass under
these conditions may not be reliably known: for low metallicity environments not
enough C may be present to build self-shielding CO cores (Israel 1997).

Hence, we explore a small 2x2 grid of models using a formation rate of µ = 3.5
and µ = 17 .5, and metallicities of either Z = Z�/5 or Z = Z�. Note that for our
model dwarf galaxy the high metallicity is somewhat unrealistic, because normally
dwarf galaxies have lower metal content. We included this to explore H2 formation
under conditions more pertinent to other systems. Note also that for simulations
without H2 cooling our sub-grid model only follows the H2 content as a passive tracer
of the history of the local conditions, thus the simulations for high and low formation
rate will be identical except for the amount of H2.

6.5.1 Spatial and temporal distrib ution of H2 g as

We start the simulation with a gas disk that has a temperature of T ≈ 8000 K, and
with a molecular fraction fm = 0. After the start of the simulation the gas cools and
collapses on itself in the z-direction, forming regions of cold and dense gas in the
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Figure 6.4 : Radial dependence of the molecular fraction. Drawn line: mean molecular frac-

tion as a function of radius ( scale on left y -ax es) , and dotted line: total gas surface density

( scale on right y -ax es) . N ote that the y -ax is scales are not the same for the different panels.

midplane. There, H2 starts to form and after some time star formation starts taking
place as well. An equilibrium fraction of H2 is reached (Fig. 6.3) on a timescale
of ≈ 50 − 100 Myr. T h is ag re e s w ith o u r e arlie r e s tim ate o f E q . (2 ). Fo r th is m o d e l
g alax y, th e m e an s tar fo rm atio n rate (S FR ) is ab o u t S F R = 0.002 M�/yr fo r lo w Z an d
S F R = 0.003 M�/yr fo r h ig h Z, w ith m o d e s t v ariatio n s th at c au s e s o m e v ariatio n s in
fm, v is ib le als o in Fig . 6 .3 .

Fu rth e rm o re w e s e e th at, as e x p e c te d , th e lo w µ/ lo w Z s im u latio n h as th e lo w e s t
e q u ilib riu m m o le c u lar frac tio n o f ab o u t fm = 0.001. A h ig h e r fo rm atio n rate µ w ill
b o o s t th at to fm = 0.03 fo r µ = 17 .5. Fo r h ig h m e tallic itie s , m o le c u lar frac tio n s o f
fm = 0.17 (µ = 3.5) an d fm = 0.4 (µ = 17 .5) fo rm . Als o d raw n in Fig . 6 .3 is tim e
d e p e n d e n c e o f th e m o le c u lar frac tio n fo r a lo w µ/lo w Z s im u latio n w ith lo g o tro p ic
c lo u d s . As c an b e s e e n th e d iffe re n c e b e tw e e n c o n s tan t d e n s ity an d lo g o tro p ic c lo u d s
is n o t v e ry larg e , c e rtain ly s m alle r th an th e d iffe re n c e s d u e to th e fo rm atio n rate
p aram e te r (th is is als o e v id e n t in th e e q u ilib riu m fm s h o w n in th e p an e ls in Fig .6 .1 ,
w h e re th e m ain d iffe re n c e b e tw e e n c o n s tan t d e n s ity an d lo g o tro p ic c lo u d s w as th at
fo r lo g o tro p ic c lo u d s s m all frac tio n s fm re m ain at lo w d e n s itie s ).

In Fig s . 6 .4 an d 6 .5 w e h av e p lo tte d th e (m e an ) m o le c u lar frac tio n as a fu n c tio n
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Fig u r e 6 .5 : z-Height d ep en d en c e o f the m o lec u lar frac tio n . D r a w n lin e : m ean m o lec u lar

frac tio n as a fu n c tio n o f height ab o v e the d is k p lan e ( s c ale o n left y -ax es ) , an d d o tte d lin e :

to tal gas m as s d is tr ib u tio n ( s c ale o n r ight y -ax es ) . N o te that the y -ax is s c ales are n o t the sam e

fo r the d ifferen t p an els .

of radius and height above the disk -plane for the four simulations. We see that, as
expected, molecules form mostly in the central regions and in the midplane. N ote
also that for high metallicity and high formation rate the molecular fraction seems
to have a tendency to “ saturate” in the central regions at a fi xed value, in this case
fm = 0.6.

L ook ing in more detail at the spatial distribution of H2, Fig. 6.6, we see that H2

is concentrated in the dense clumps and fi laments of the HI distribution. N ote also
that if we compare the low and high µ simulations, we see that the distribution is
similar: the u n c er ta in ty in the fo r m a tio n p a r a m eter is m a in ly a n u n c er ta in ty in the

a m o u n t o f H2 fo r m ed , n o t in the lo c a tio n s o f H2 fo r m a tio n . The relative distribution of
H2 is represented by our simulation, but the exact amount of H2 is more diffi cult to
determine exactly, as this depends on the formation rate parameter (as we will discuss
further on, comparison with observations to constrain µ is not straightforward). If
we look at the high metallicity simulations, we can see that, apart from the clumpy
distribution there is also a siz able mass of “diffuse” H2, where H2 is more widespread,
but still mainly confi ned to gas fi laments.
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Figure 6.6: HI and H2 maps. Left p anels : results for Z = Z�/5, righ t p anels : Z = Z�.

S how n are, from top to bottom, the HI distribution, the H2 distribution for µ = 3.5 and for

µ = 1 7 .5. T he HI maps of low and high µ simulations are very similar, show n are only the

maps for µ = 3.5. T he H2 maps have been divided by the global molecular fraction such that

the differences w ith the HI distribution can be seen more clearly.
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Figure 6.7 : Hα and H2: simulated Hα maps (greyscales) with H2 contours. L eft panel shows

the maps for the Z = Z�/5, µ = 3.5 simulation (contours at column densities of NH I = 2×10
1 9

and 10
20 cm−2) while the right panel shows the Z = Z�, µ = 17.5 run (contours at column

densities of NH I = 2 × 10
20 and 10

21 cm−2).

Finally we look at the relation between star formation and H2. In Fig. 6.7 we
have plotted a simulated map of “Hα” (actually a map of the luminosity of the stars
in ionizing photons), overplotted with contours of H2 gas. The contours are chosen
such that the plots show the relation of star formation with the densest parts of the
H2 distribution. As can be seen star formation is almost always associated with some
nearby complex of H2 gas, while some H2 clumps do not show Hα emission, these
have not yet formed stars.

6.5.2 T h e in fl u e n c e o f th e c o lla p s e tim e

Apart from the parameters directly related to H2 formation, fm will also depend on
the delay factor fsf . As discussed in section 6.3.2, this parameter accounts for the fact
that a region unstable to star formation does not collapse in the free-fall time τff . The
fact that we have time-dependent H2 formation means that the total amount of H2

is sensitive to the time regions stay in a cold and dense phase conducive to molecule
formation. Indeed, comparing models run with different values for fsf , we see that the
total amount of molecular gas is strongly dependent on this parameter (Fig. 6.8 ). In
our model the formation of stars and the formation of molecules are in competition.
Thus we cannot make the delay factor too small as this would completely quench
molecule formation. As we discussed in section 6.4.2, the chosen typical values of fsf ,
as constrained by the observed H2 mass in G MC s and the star formation rate in e.g.
the G alaxy, satisfy Eq. 37 and thus H2 formation always precedes star formation.

116



Figure 6.8 : H2 fraction vs time for simulations with different fsf . Dotted line: fsf = 2.5, drawn

line: fsf = 10, dashed line: fsf = 20 (for all three: µ = 3.5 and Z = Z�).

Figure 6.9 : H2 fraction vs time for simulations with cooling. Drawn line: Z = Z�/5, dashed

line:Z = Z�/5 with H2 cooling, dash-dotted line: Z = Z� and dotted: Z = Z� with H2

cooling. For all: µ = 3.5.
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6.5.3 S imulations w ith H2 cooling

The inclusion of the cooling by H2 affects the simulation in a number of ways. As
an extra coolant it will increase the amount of gas in a cold state. This in turn will
increase the formation of H2. However, star formation may also increase, and thus
also the U V field. In Fig. 6.9 the effect of cooling on fm is illustrated for the µ = 3.5
simulations . As can be seen, cooling has only some infl uence for the high Z simu-
lation. For the low Z simulation the molecular fractions are too low to substantially
alter the results. Note that while H2 is a strong coolant at high temperatures (of a
few thousand K), where it will dominate the cooling for fm > 0.001, the effect of the
extra cooling is limited because of the small amount of gas at these temperatures.

6.5.4 D iscussion

D etection and mapping of the molecular component of dwarf galaxies is usually done
by mapping of the 1 2C O (J = 1 → 0) line (e.g. B arone et al. 20 0 0 , Mizuno et al. 20 0 1)
or by U V absorption studies (Tumlinson et al. 20 0 2). The derived H2 fractions are
in the order of 1-10 percent, but for low metallicity systems CO is often not detected
giving only upper limits for the molecular fraction in the order of a percent. A direct
comparison with our simulations must be made cautiously because our simulations
do not follow the formation of CO , in fact we cannot probe the state of gas where the
formation of CO will take place, because of the high densities and low temperatures
needed. Hence we cannot determine CO luminosity directly, although in principle
empirical relations for the ratio MH2

/LC O , the so-called XC O factor, as a function of
G0 and Z could be used to derive expected CO brightness distributions (Israel 19 9 7).
Nonetheless, the molecular fractions we derive seem to be reasonable, although for
low µ/ low Z the derived fraction of fm is rather low. This could indicate that a
higher formation rate is likely. The molecular fraction may increase somewhat for a
simulation run at higher resolution, because in metal poor environments the HI→H2

transition is taking place above n = 100 cm−3, this can increase fm by a factor 2-5.

For the galaxy models run with high metallicity and/or formation rate we find
quite substantial fractions of H2, of fm = 0.17− 0.4. However we also find suprisingly
high values, fH2

≈ 0.001− 0.01, of the diffuse warm neutral medium to be molecular.
To illustrate this we have plotted in Fig.6.10 the molecular fraction as a function of to-
tal column density for a face-on projection. There is a clear column density threshold
for the presence of H2 for the low metallicity simulation. For high metallicity even
low column density regions (which are also of low density and high temperature)
show fractions of fH2

≈ 0.001 − 0.01. We can compare this to studies done with the
Far U ltraviolet Spectroscopic Explorer (Tumlinson et al. 20 0 2), where typical upper
limits of fm ≤ 10−6 are found for such low column density regions. Furthermore
the state of the gas (low density, high temperature) is also not typically associated
with the presence of such quantities of molecular gas. There is no - or very little -
formation of molecular gas going on in this gas phase and any H2 present should
dissociate. In fact, destruction is taking place in the simulation, but the timescales of
destruction are quite long. For the thermal dissociation this is due to the low density
of the gas: for temperatures of T = 5000 K and density of nH = 0.3 cm−3 the colli-
sional destruction timescale (for neutral gas) is still τc o l ≈ 108 yr. Furthermore, for
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Figure 6.1 0 : Fraction of H2 vs total column densities.

our model galaxy the radiation fields in quiescent regions are quite low, G0 . 0.1,
due to the low star formation, so the radiative dissociation timescales are also in the
order τra d = 1.3/G0 × 107 yr≈ 108 yr. So we see that the fact that H2 can survive
some time in lukewarm gas is not unrealistic. Note however that the simulation may
not represent the dispersion of H2 from dense regions realistically: molecular gas is
formed in star forming regions, where radiation fields are higher (for our model up
to G0 = 100). As the star formation heats the surrounding gas it will destroy H2, the
amount of molecular gas that ”escapes” destruction is then sensitive to for example
the time it is exposed to the high radiation field or the combination of high density/
high temperature. Also, destruction by supernova shocks is not represented very well,
because the interaction of the supernova shocks with the (sub resolution) molecular
clouds is absent. Nevertheless, our simulations indicate that in so far as the molecu-
lar gas is not destroyed, it will survive and so the warm medium of quiescent dwarf
galaxies may still contain significant amounts of H2. More active galaxies will destroy
H2 effectively by UV irradiation. Note that for similar reasons H2 in the outer regions
of spiral galaxies may survive for long times. This result may indicate the origin of the
H2 rotational emission from the disk of NGC891, where an extended and pervasive
component of warm H2 with a scale length larger than that of the cooler molecular
gas traced by CO was found (Valentijn & Van der Werf 1999). This warm H2 can
then by identified with the warm, extended, moderate density transition zones be-
tween GMCs and the WNM, and trace amounts of H2 in the WNM that has espaced
destruction in relatively quiescent regions.
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6.6 C o n c lu s io n s

We have presented a method to calculate the local H2 content in simulations of the
ISM based on a subgrid model for the formation and destruction of molecular clouds.
The model includes the formation of H2 on dust grains and destruction of molecules
by UV irradiation, including the effects of shielding by dust and self-shielding. Its
main assumption is that the formation of H2 takes place in structures that conform
to observed density/size scaling relations, and that are present on scales not directly
probed by the hydrodynamic code of the simulation. We presented steady state so-
lutions of the model for the molecular fraction fm as a function of the macroscopic
density, temperature, velocity dispersion, radiation field, and metallicity. The effect
of cloud substructure is roughly accounted for by taking 1/r density profiles for the
model clouds, but this has only modest effect on the derived H2 fractions.

A simple time-dependent formulation of the same model can be coupled to hy-
drodynamic simulations, and thus calculate the local evolution of fm according to the
local macroscopic quantities. We have implemented the model in an N-body/SP H
code for the simulation of galaxy sized objects. We applied this model to a model low
surface brightness dwarf, and found the following:

• We found that our model reproduces reasonable molecular fractions ranging
from fm = 0.001 − 0.03 for low metallicity systems to fm = 0.17 − 0.4 for solar
metallicity.

• The biggest uncertainty is the exact value of the formation rate parameter µ
adopted, however the general features of the H2 spatial distribution do not
depend on µ.

• The molecular fraction also shows a strong dependence on the metallicity Z .
This is physically reasonable. However our model run for high metallicity shows
surpising amounts of “diffuse” H2, possibly due to the low radiation fields out-
side star forming regions. This may be analogous to what happens in the outer
regions of spiral galaxies where the radiation field drops, and a diffuse H2 gas
phase may be present.

• Our model for molecular hydrogen is sensitive to details of our star formation
recipe, as star formation controls the destruction of H2.

• H2 cooling has only a minor impact for our model.

Summarizing, we have developed an algorithm to calculate the evolution of the
molecular phase of galaxies, coupled to the evolution of their gaseous and stellar
components. Strong points are that it is simple, physically motivated and not com-
putationally expensive. It is well suited to galaxy-sized simulations where a complete
treatment of the physics involved in the formation of the H2 clouds is not yet attain-
able, and in our case it complements our ISM description of the neutral phases. The
astrophysical questions that it may be applied to include the question of the distribu-
tion and role of H2 in irregular dwarf galaxies such as the LMC, where complete cloud
surveys have recently become available. Also interesting would be application of the
model to mergers of spiral galaxies, as observations show that large concentrations of
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molecular gas are present in between the cores of the merging galaxies (e.g. Stanford
et al. 1990), preceding or concurrent with the starbursts associated with these events.
The concentrations of molecular gas are possibly forming out of the disrupted HI that
“rushes” towards such regions. A direct example is furnished by the advanced merger
NGC6240 (Van der Werf et al 1993), where the molecular gas is located between the
remnant stellar nuclei. Here the strong emission from H2 in rotational and vibrational
lines provides a direct measurement of the cooling radiation, showing that in extreme
cases the additional cooling by molecular gas does play an important role. This effect
is further enhanced by the suppression of [ CII] 158µm emission in these objects (e.g.,
Malhotra et al 1997), which is one of the principal coolers in more diffuse gas. Our
model can be used to investigate the emergence of such a merger-induced molecular
gas phase along with the evolving morphology and star formation rate. The fact that
our prescripition takes account of the role of the macroscopic pressure for the for-
mation of H2 may be important for a complete understanding of this class of objects
since the ISM pressure environment is expected to be rapidly evolving.
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Le Bourlot, J., Pineau des Forêts, G., & Flower, D. R., 1999, MNRAS 305, 802

Li, W., Ev ans, N. J., Jaffe, D. T., v an Dishoeck, E. F., & Thi, W., 2002, ApJ 568, 242

Malhotra, S. et al., 1997, ApJ 491, L27+

Martin, P. G., Keogh, W. J., & Mandy, M. E., 1998, ApJ 499, 793

McLaughlin, D. E. & Pudritz, R. E., 1996, ApJ 469, 194

Mihos, J. C. & Hernq uist, L., 1994, ApJ 437, 611

Mizuno, N., Yamaguchi, R., Mizuno, A., Rubio, M., Abe, R., Saito, H., Onishi, T.,
Yonekura, Y., Yamaguchi, N., Ogawa, H., & Fukui, Y., 2001, PASJ 53, 971

Monaghan, J. J., 1992, ARA&A 30, 543

Nav arro, J. F. & White, S. D. M., 1993, MNRAS 265, 271

Pap adop oulos, P. P., Thi, W.-F., & Viti, S., 2002, ApJ 579, 270

Parrav ano, A., Hollenbach, D. J., & McKee, C. F., 2003, ApJ 584, 797

Pelup essy, F. I., v an der Werf, P. P., & Icke, V., 2004, A&A 422, 55

Pirronello, V., Liu, C., Shen, L., & Vidali, G., 1997, ApJ 475, L69+

Raga, A. C., Mellema, G., & Lundq v ist, P., 1997, ApJS 109, 517

Regan, M. W., Thornley, M. D., Helfer, T. T., Sheth, K., Wong, T., Vogel, S. N., Blitz, L.,
& Bock, D. C.-J., 2001, ApJ 561, 218

Richter, P., Sembach, K. R., Wakker, B. P., & Sav age, B. D., 2001, ApJ 562, L181

Semelin, B. & Combes, F., 2002, A&A 388, 826

122



Silich, S. A., Franco, J., Palous, J., & Tenorio-Tagle, G., 1996, ApJ 468, 722

Silva, A. I. & Viegas, S. M., 2001, C om puter Physic s C om m unications 136, 319

Springel, V., 2000, MNRAS 312, 859

Springel, V. & Hernquist, L., 2002, MNRAS 333, 649

Stanford, S. A., Sargent, A. I., Sanders, D. B., & Scoville, N. Z., 1990, ApJ 349, 492

Sternberg, A., 1988, ApJ 332, 400

Stone, J. M., Ostriker, E. C., & Gammie, C. F., 1998, ApJ 508, L99

Tumlinson, J. et al., 2002, ApJ 566, 857

Vázquez-Semadeni, E., 2002, in ASP C onf. Ser. 2 7 6: Seeing T hroug h the D ust: T he

D etec tion of H I and the Ex ploration of the ISM in G alax ies, pp 155–+

Valentijn, E. A. & van der Werf, P. P., 1999, ApJ 522, L29

van der Werf, P. P., Genzel, R., Krabbe, A., Blietz, M., Lutz, D., Drapatz, S., Ward, M. J.,
& Forbes, D. A., 1993, ApJ 405, 522

van Zee, L., 2001, AJ 121, 2003

Verner, D. A. & Ferland, G. J., 1996, ApJS 103, 467

Webber, W. R., 1998, ApJ 506, 329

Wolfi re, M. G., Hollenbach, D., McKee, C. F., Tielens, A. G. G. M., & Bakes, E. L. O.,
1995, ApJ 443, 152

Wolfi re, M. G., McKee, C. F., Hollenbach, D., & Tielens, A. G. G. M., 2003, ApJ 587,
278

Wong, T. & Blitz, L., 2002, ApJ 569, 157

Yamaguchi, R., Mizuno, N., Onishi, T., Mizuno, A., & Fukui, Y., 2001, PASJ 53, 959

123



124


