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Chapter 2

Global m od e ls for th e

in te r s te llar m e d iu m

Abstract

Here w e p resen t a m o d el o f th e in ters tellar m ed iu m (IS M ) fo r u s e in s im u latio n s o f
g alax ies . T h e m o d el in c lu d es th e m ain p ro c es s es im p o rtan t fo r th e n eu tral IS M . We
in c lu d e fo r th e fi rs t tim e realis tic p h o to -elec tric h eatin g effi c ien c ies an d w e s o lv e fo r
th e io n iz atio n , in v o k in g c o s m ic ray s as io n iz in g ag en t. U s in g an N -b o d y / S P H m o d el
o f a s tar fo rm in g g alax y, w e tes t m o d els w ith d ifferen t as s u m p tio n s reg ard in g c o o lin g ,
h eatin g an d io n iz atio n . S tar fo rm atio n an d feed b ac k are in c lu d ed u s in g s im p le b u t
realis tic p res c rip tio n s , res u ltin g in s elf-reg u lated s tar fo rm atio n . We tes t th e in fl u en c e
o f m etallic ity an d c o s m ic ray fl u x . Vary in g th e c h em ic al ab u n d an c es , w e fi n d th at C
d ep letio n g iv es lo w er s tar fo rm atio n , w h ile Fe d ep letio n d ec reases th e am o u n t o f c o ld
g as , leav in g th e s tar fo rm atio n rate relativ ely u n affec ted . We als o c o m p are w ith p re-
v io u s m o d els an d s h o w th at if realis tic p h o to -elec tric h eatin g is u s ed , s tellar feed b ac k
is es s en tial.

2 .1 In tro d u ctio n

O u r u n d ers tan d in g o f th e fo rm atio n an d ev o lu tio n o f g alax ies is lim ited b y o u r k n o w l-
ed g e o f th e b eh av io u r o f th e in ters tellar m ed iu m . S tellar d y n am ic s an d ev o lu tio n are
c o m p arab ly w ell u n d ers to o d , an d w h ile p rac tic al p ro b lem s rem ain th ere is a g o o d
u n d ers tan d in g o f p h en o m en a. O f c o u rs e, th e n atu re o f th e d ark m atter in g alax ies
is a m y s tery , b u t to s o m e ex ten t th is is a triv ial p ro b lem as it o n ly p artic ip ates , al-
m o s t b y d efi n itio n , in g rav itatio n al d y n am ic s , an d th e d is trib u tio n o f d ark m atter o n
larg e s c ales c an b e rep ro d u c ed in h ig h d etail th ro u g h N -b o d y s im u latio n s . It is n o t
s u rp ris in g th en th at a failu re to m atc h th e o b s erv ed n u m b er o f d w arf g alax ies an d
th e m is m atc h in th e p ro p erties o f s p irals an d ellip tic als o f th e c u rren t p arad ig m o f
s tru c tu re fo rm atio n in th e u n iv erse, th e Λ-c o ld d ark m atter (ΛCD M ) m o d el, is o ften

9



attributed to a failure to account properly for physics of the ISM, especially the effects
of feedback on the interstellar medium, rather than to defects of the basic properties
of dark matter or the nature of gravitational forces in the model.

The state of the ISM determines where and when stars form. On the other hand,
stars will seed the ISM with heavy elements and stir up the interstellar gas by putting
in mechanical energy through the action of stellar winds, supernova (SN) explosions
and UV radiation of young stars. From stellar evolution models the amount of met-
als, and energy produced are, except maybe for extremely low metallicity stars, well
known input parameters.

The complexity of the dynamics and thermodynamics of the ISM have led to a
prominence of computer modelling in galactic astrophysics. However the present
models for the ISM used for galactic sized objects have been rather limited in the
amount of physics that is included in these models. Most models represent the ISM as
a smooth fluid, where the temperature of the gas, when not taken to be isothermal,
is limited to be above 104 K .

In this chapter we will explore global models for the ISM in galaxies, and discuss
their implementation in a smoothed particle hydrodynamics (SPH) code. The models
we develop can be used to simulate a wide variety of objects and would be useful
whenever star formation is important on galactic scales, such as in studies of collisions
of galaxies, galaxy formation scenarios or studies of star formation in spiral galaxies
or dwarf galaxies.

2.2 T h e N -body / S P H m e th od

The ISM models we present below will be implemented in a derivative of the N-
body/SPH code TR E E SPH (Hernq uist & K atz 1 98 9, G erritsen 1 997 , B ottema 2 0 0 3 ).
The gravitational forces are calculated using the B arnes-Hut algorithm (B arnes & Hut
1 98 6 ) and gas dynamics using SPH (Monaghan 1 992 ). The models we present here
are not limited in their applicability to N-B ody/SPH codes: they can be implemented
in other types of hydrodynamic codes, like E ulerian grid codes. We have opted for a
first implementation into an existing N-body/SPH code, as this method is well suited
for problems with open boundary conditions and arbitrary geometries, like galaxy
evolution and collision problems. N-body/SPH codes are well established tools for
the theoretical astrophysicists, so we will only describe both methods concisely with
an emphasis on the most relevant features of the implementation used.

2.2.1 B a r n e s -H u t tr e e c o d e

The first ingredient of any self consistent model for galaxies is self gravity, as large
scale gravitational instabilities are thought to drive star formation in galaxies. In
the context of particle codes a number of different approaches are possible. The
most precise solution is simply the brute force method of direct summation (DS) of
the pairwise gravitational forces. This is costly, needing O (N 2) operations per force
evaluation (although see Makino et al. 2 0 0 3 for hardware solutions to this problem).
Hence a number of approximate methods, sacrificing accuracy for speed, have been
devised. We use the B arnes-Hut (B H) method (B arnes & Hut 1 98 6 ). It is based on the
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following two concepts: 1) an approximation for the gravitational force of a group
of particles by cutting off the multipole expansion after the quadrupole term, and
2) the hierarchical organization of particles in an oct-tree. A force evaluation for a
particle is then done by recursive opening of the nodes in the tree, conditional upon
a comparison of the size l of the node and the distance d to the centre of mass of the
node:

l/d > θ (1)

where the parameter θ of the cell o p en in g cr iter io n controls the accuracy of the calcu-
lated gravitational forces. The BH method has been widely used in numerical N-body
simulations, due to its O(N lo g N) scaling and its ability to be applied efficiently to
general mass distributions. In astrophysics the method has found wide application
in, for example, cosmological simulations, galaxy collision and star formation simu-
lations. It has been shown that it is generally acceptable to use BH for collisionless
N-body dynamics (Barnes & Hut 1989). However the classical BH opening criterion
(1) can fail in exceptional circumstances (Salmon & Warren 1994 ). Also it was shown
by Springel et al. (2001) that it will give large fractional force errors if particles are
subjected to large cancelling forces such as those experienced in the smooth matter
distributions found in the early universe. A similar problem may also occur for galaxy
simulations, especially in the central regions of galaxies where particles experience
large cancelling forces from the rest of the galaxy. Springel et al. (2001) propose an
alternative opening criterion,

Ml4 > α |a| d6 (2)

where M is the total mass contained in the node, a is an estimate of the acceleration,
in practice this is the acceleration of the previous time step, and α the parameter
controlling the accuracy of the force calculation. We have compared the accuracy
of the BH criterion and the Springel criterion and found that the latter indeed gives
smaller fractional force errors in the central regions of the galaxy.

2.2.2 S m ooth ed Particle Hy drody nam ics

Smoothed Particle Hydrodynamics (Gingold & Monaghan 1977, L ucy 1977) is a par-
ticle based method for gas dynamics. It is based on an estimate of the local density
of a continuous fluid respresented by a finite set of particles using a kernel function
W(r,h). Thus, for a set of particles with masses mi and smoothing lengths hi we have

ρi =
∑

j

mjW(|ri − rj|,hi) (3)

for the density ρi at particle positions ri. The kernel function W is usually (and also
here) taken to be the spline kernel of Monaghan & L attanzio 1985 :

W(r,h) =
1

πh3







1 − 3
2

(

r
h

)2
+ 3

4

(

r
h

)

0 ≤ r ≤ h
1
4
(2 − r

h
)3 h ≤ r ≤ 2 h

0 otherwise

The idea of SPH is then to derive equations of motion for the particles starting from
Eq. (3). This was originally done by substituting Eq. (3) into the equations of gas
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dynamics, but this is done more elegantly starting from the discretized Lagrangian
for a compressible non dissipative flow, with adiabatic index γ (Rasio 1999),

L =

N
∑

i= 1

mi

(

1

2
v2
i +

1

γ − 1
Aiρ

γ−1
i

)

, (4)

where mi is the mass of particle i (1 ≤ i ≤ N), vi its velocity, Ai is the entropic
function, defined by (Pi being the pressure): Pi = Aiρ

γ
i . We will formulate the

dynamic evolution of the internal energy in terms of this entropic function. The
internal energy ui itself is obtained through

ui =
Ai

γ − 1
ργ−1
i (5)

Treating the flow adiabatic for the moment and assuming constant smoothing lengths
hi, it is easy to recover the SPH formalism from the Lagrangian equations of motion
for (q,p) = (r1, ..rN, v1, .., vN). Notice that the procedure we have outlined here is not
specific for the kernel based density estimate of Eq. (3), indeed in Chapter 7 we will
present an alternative method for gas dynamics by using the Delaunay Triangulation
Field Estimator for the density, which is a much better density estimate in regions of
high density contrasts or anisotropy. The dynamic range of conventional SPH is im-
proved by the use of adaptive smoothing lengths. Normally this is done by choosing
the hi such that the number of neighbours within a smoothing length hi is (more or
less) constant for every particle. This introduces errors in energy and/or entropy con-
servation (Hernquist 1993, Nelson & Papaloizou 1993). This is because the variability
of hi introduces extra ∇h correction terms into the dynamical equations, inclusion of
which is, although possible (see Nelson & Papaloizou 1994), cumbersome. An al-
ternative approach is to consider hi as dynamic variables in the Lagrangian (4) and
introduce constraints which will determine these extra variables (Springel & Hern-
quist 2002). Taking as the set of constraints

φ =
4π

3
h3

i (ρi + ρ̃) − Mr = 0 (6)

which (for constant density) is simply the requirement that the mass enclosed within a
smoothing length is fixed. In this equation Mr = m̄Nnb with mean particle mass m̄ and
a target number of neighbours Nnb. Comparing with Springel and Hernquist (2002)
we add a term ρ̃ to limit the smoothing length hi. Without this term the smoothing
length grows as hi → ∞ when ρi → 0, leading to a very high number of neighbours
for particles on the edge of the simulation. A maximum h3

i,m a x = 3Mr/4πρ̃ leads

to a minimum ρi,m in = mi/πh3
i,m a x = 4ρ̃/3Nnb, which, to ensure errors due to poor

sampling for particles with ρi . ρ̃, are limited, is set to be lower than the intergalactic
medium density by a suitable choice of ρ̃.

From the Lagrangian (4) and the constraints (6) the equations of motion follow in
the usual way using Lagrange multipliers (for step by step derivation see Springel &
Hernquist 2002). Because the potential of the Lagrangian in Eq. (4) is symmetric in
the coordinate differences, total energy, entropy momentum and angular momentum
will be conserved. The ∇h terms are implicitly included to all orders. In our case
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this yields the following system of dynamic equations we solve in the code, including
artificial viscosity terms (Wij(hi) = W(|ri − rj|,hi)):

dvi

dt
= −

N
∑

j=1

mj

{

fi
Pi

ρ2
i

∇iWij(hi) + fj
Pj

ρ2
j

∇iWij(hj) + Πij∇W̄ij

}

(7)

with the fi defined by:

fi =

(

1 +
hi

3(ρi + ρ̃)

∂ρi

∂hi

)

−1

(8)

The artificial viscosity Πij is necessary to smooth out discontinuities to resolvable
scales, and we can take any one of the standard forms (Monaghan 1992, Hernquist &
Katz 1989). Here, W̄ij = Wij(hi) + Wij(hj) is a symmetrized form of the kernel. The
thermodynamic state of the gas is determined by integrating the entropic function
according to

dAi

dt
= −

γ − 1

ργ
i

(Γ − Λ) +
1

2

γ − 1

ργ−1
i

N
∑

j=1

mjΠijvij · ∇iW̄ij (9)

Here Γ and Λ represent the external heating and cooling terms, which will be derived
from a consideration of the physical processes that we want to include to model the
ISM.

2.2.3 Some notes on imp lementation

The code we use is written in FORTRAN 90, and parallelised for use on shared mem-
ory architectures using OpenMP compiler directives.

We must solve Eq. (6) for the smoothing lengths hi. This can be done efficiently
using Newton-Raphson iteration, seconded by recursive bisection.

2.3 Physical p rocesses of the ISM

Our model for the ISM will be mainly geared towards the representation of the neutral
atomic phases of the ISM. Roughly speaking we will follow the ISM of our model
galaxies as long as the temperature is higher than 100 K and densities are greater
than 100 cm−3. We will consider the formation and subsequent evolution of molecular
clouds to be part of the process of star formation. The process of star formation in
these clouds is not explicitly present in our model, but implicitly in the recipe for star
formation (section 2.5.1).

A comprehensive model for the warm and cold neutral medium (WNM, CNM) that
is similar to our model, albeit more extensive, was formulated by Wolfire et al. (1995,
2003). They explored the thermal equilibrium of the neutral ISM, in the context of a
static model of the Milky Way. They concluded that their model was consistent with
a number of observations, amongst which dust emission and [ CII] line observations.

The main ingredients of our model are: cosmic ray regulated ionization, photo-
electric heating from polycyclic aromatic hydrocarbons (PAHs) and small grains and
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Fig u r e 2 .1 : Secondary ioniz ation fu nction φH for d iffe re n t e le c tron e n e rg ie s . C u rv e s a re la -

b e lle d w ith th e c orre s p on d in g e n e rg y of th e s e c on d a ry e le c tron ( in e V ) .

realistic co o lin g b y a v ariety o f ato m ic sp ecies. T h is im p ro v es o n th e treatm en t o f
p rev io u s m o d els u sed in g alactic sim u latio n s b y n o t assu m in g a p rio ri th e io n iz atio n
an d b y tak in g in to acco u n t th e effi cien cy d ecrease o f p h o to electric h eatin g b y g rain
ch arg in g . Also o u r co o lin g cu rv es are m o re accu rate an d co m p o sed fo r arb itrary ab u n -
d an ces, w h ich allo w s u s to ex p lo re th e effect o f v ariatio n s o f co m p o sitio n o n th e IS M .

2.3.1 Io n iz a tio n

E v en n eu tral in terstellar g as retain s so m e io n iz atio n . G erritsen & Ick e (1 9 9 7 ) fo u n d
th at th e resu lts o f th eir m o d el d ep en d ed o n th e io n iz atio n fractio n xe ≡ ne/nH as-
su m ed fo r tem p eratu res b elo w T ≈ 14 000. Fo r ex am p le fo r xe = 0.1 th ey fo u n d a star
fo rm atio n rate 4 tim es h ig h er th an fo r xe = 0.01 w h ile th e am o u n t o f co ld g as w as
ro u g h ly ten tim es lo w er fo r th e lo w xe case. T h e reaso n fo r th is is th at th e co o lin g
p o w er is p ro p o rtio n al to xe. At lo w tem p eratu res co o lin g is m ain ly d u e, if m o lecu -
lar g as is ab sen t, to ex citatio n o f fi n e stru ctu re lev els o f n eu tral an d io n iz ed sp ecies.
T h e ex citatio n effi cien cy fo r co llisio n s b y electro n s is m u ch h ig h er th an th at o f n eu -
tral h y d ro g en , so fo r q u ite lo w io n iz atio n lev els (xe > 0.001) th e electro n fractio n
w ill d eterm in e th e am o u n t o f co o lin g . G erritsen & Ick e (1 9 9 7 ) d id n o t so lv e fo r th e
io n iz atio n , so th ey h ad to assu m e a v alu e an d fo r th eir stan d ard m o d el th ey settled
fo r xe = 0.1. T h is seem s to b e reaso n ab le fo r th e so lar n eig h b o u rh o o d (C o x 1 9 9 0 ),
h o w ev er o n e w o u ld ex p ect it to v ary w ith lo cal tem p eratu re an d d en sity, h en ce it is
n ecessary to so lv e fo r io n iz atio n .

T h e C N M an d W N M (w ith tem p eratu res b elo w T < 14 000) are to o co ld fo r th e
resid u al io n iz atio n to b e ex p lain ed b y co llisio n al io n iz atio n eq u ilib riu m (C IE ). Ad d i-
tio n al so u rces o f th is io n iz atio n can b e p h o to -,X -ray an d C o sm ic ray io n iz atio n . As
th e IS M is o p aq u e to U V p h o to n s w ith en erg ies h ig h er th an io n iz atio n p o ten tial o f
h y d ro g en , p h o to -io n iz atio n o f h y d ro g en is g en erally co n strain ed to H II reg io n s, th e
im m ed iate su rro u n d in g s o f b rig h t U V so u rces, activ e g alactic n u clei o r star fo rm atio n
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regions. We will lump the effect of HII regions together with the effects of stellar
winds and supernovae as the mechanical luminosity of young stellar clusters. P ho-
tons with energies below 13 .6 eV will propagate freely through the ISM, and any
elements with ionization potentials less than 13 .6 eV will be assumed to be at least
singly ionized. O f the elements we include in our model these are C, Fe and Si. In
practice the minimum ionization fraction in the simulation will be determined by the
abundance of carbon, as it is the most abundant. Ionization of these species is also
important for the cooling, in the next section we will see that C+, Si+ and Fe+ are
important coolants.

The main source of ionization in the neutral medium is probably collisions with
cosmic rays. To calculate the resulting electron fraction xe, we solve for the ionization
equilibrium of H and He only,

αi
c o llneni + ξC R ni = αi+1

re neni+ (10)

with the ni as the densities of i =H, He, He+ and He++, αi
c o ll = αi

c o ll(T) and
αi

re = αi
re(T) the appropriate collisional ionization and recombination rates. For

these we take the fits of Voronov (1997)1. Here, ξC R is the total cosmic ray ionization
rate, which is determined by the primary ionization rate ζC R multiplied by a factor ac-
counting for the secondary ionizations by the energetic electrons produced in primary
ionization events (Wolfire et al. 1995 ),

ξC R = ζC R

(

1 + φH(E, xe) + φHe(E, xe)
)

. (11)

The functions φH(E, xe) and φHe(E, xe) give the number of secondary ionizations of
hydrogen and helium per primary ionization. These depend on the energy E of the
secondary electron (we take a typical value of 3 5 eV) and the electron fraction xe. We
use the analytic fits for φH and φHe provided in the appendix of Wolfire et al. (1995 ).
Q ualitatively, the number of secondary electrons increases with E, as expected, while
for increasing xe, it decreases (the secondary electron will loose its energy more easily
through Coulomb interactions for high ionization fractions). For the primary ioniza-
tion rate we take a standard value of

ζC R = 1.8 × 10−17 s−1. (12 )

Note that the primary cosmic ray ionization rate ζC R is mainly due to particles with
energies below 100 MeV, which are shielded from direct observation by the helio-
sphere (extrapolation from P ioneer and Voyager data yields a rate of ζC R = 3×10−17 ,
Webber 1998 ) and also expected to vary substantially due to their low travelling
lengths. P resumably their production sites are regions of star formation, and calcula-
tion of the propagation of these cosmic rays is complicated. The canonical value (12 )
comes from chemical modelling of molecular clouds (Van D ishoeck & B lack 198 6 )
and may not be appropriate for the diffuse ISM (McCall et al. 2 003 ). So the actual
value of the cosmic ray fl ux that is appropriate is uncertain (however this does not
mean that details as (11) are superfl uous, because it introduces a feedback of xe on
the ionization rate that is present regardless of the actual value for ζC R ).

The system of Equations (10) is easily solved by iterating over xe, in practice we
also tabulate its solutions for quick referencing by interpolation in temperature T

1http://www.pa .u k y.e d u /˜ v e r n e r/a to m .htm l

15



1 2 3 4 5 6 7 8
logTHKL

-3

-2

-1

0

1

lo
g
x
e

Ζ�n=1.8́10
3

Ζ�n=1.8́10
-2

Fig u r e 2 .2 : Ionization fraction xe = ne/n for d iffe re n t v a lu e s of ζCR/n, in c re a s in g from
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3 in fa c tors of 1 0 .

and ζCR/n. In Fig . 2 .2 w e h av e p lo tted th e res u lting io niz atio n frac tio n fo r s o lar
m etallic ities .

We s o lv e fo r th e io niz atio n to g et an es tim ate o f xe. M etals w ill no t c o ntr ib u te
s ig nifi c antly and h enc e w e do no t s o lv e fo r th eir io niz atio n. T h e ab u ndanc e o f th e
different io niz ed s p ec ies needed fo r th e c o o ling rates ( s ee b elo w ) w ill b e as s u m ed to
b e in C IE . Fo r c alc u latio n o f C IE a m o re c o m p lete set o f p r o c es s es inc lu ding c h ar g e
ex c h ang e is c o ns idered ( inc lu ded in th e Doric p ac k ag e, R ag a et al. 1 9 9 7 , M ellem a &
L u ndq v is t 2 0 0 2 ) .

Ap ar t fr o m c o s m ic ray io niz atio n a seiz ab le c o ntr ib u tio n is ex p ec ted fr o m X-ray
io niz atio ns . We w ill no t c o ns ider th ese sep arately, b ec au s e o f th e ab o v e m entio ned
u nc er tainties in th e c o s m ic ray io niz atio n rate, and b ec au s e th e p h y s ic al p r o c es s o f
X-ray io niz atio n is s im ilar to c o s m ic ray io niz atio n.

2.3.2 C o o lin g p r o c e s s e s

A h eated, p ar tially io niz ed g as c o o ls th r o u g h th e c o nv er s io n o f k inetic ener g y into
lu m ino s ity b y c o llis io n p r o c es s es , and th e effi c ienc y o f c o o ling is a sens itiv e fu nc tio n o f
th e c o m p o s itio n o f th e g as . T h e c o o ling in th e lo w dens ity lim it c an b e ap p r o x im ated
b y

Λ = n2Λ?(T ) ( 1 3 )

Fo r th e c o o ling c u r v e Λ?(T ) a nu m b er o f p re-c o m p iled c o o ling c u r v es fo r s p ec ifi c
m etallic ities ex is t ( e.g . D alg arno & M c C ray 1 9 7 2 , S u th er land & D o p ita 1 9 9 3 ) . We c al-
c u late th e c o o ling c u r v e fo r g eneral ab u ndanc es u s ing rec ent ato m ic data. In Fig . 2 .3
w e h av e p lo tted th e c o o ling c u r v e

Λ?(T ) =
∑

i,j

Xij

(

xeL
e
Xij

(T ) + LH
Xij

(T )
)

( 1 4 )

fo r s o lar and 0.2× s o lar m etallic ity. T h e fu nc tio ns Le
Xij

and LH
Xij

g iv e th e c o o ling p o w er

fo r c o llis io ns w ith elec tr o ns and neu tral h y dr o g en o f io niz atio n s tag e j o f elem ent i
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Fig u r e 2 .3 : Cooling c u r v e s . To p p a n e l: Cooling c u r v e s for Z = Z�, la b e lle d w ith v a lu e s of

ζ/n a s in F ig. 2 .2 . C e n tr e p a n e l: Cooling c u r v e s for Z = 0.2 × Z�, id e m . B o tto m p a n e l:

c ontr ib u tions to c ooling c u r v e s for th e m os t im p or ta nt e le m e nts , for ζCR/n = 1 8 a nd Z = Z�.
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with a r e lativ e ab u n d an c e Xij. We tak e Le
Xij

fr o m a rec en t c o m p ilatio n o f ato m ic d ata

fr o m th e Doric p ac k ag e (R ag a et al. 1 9 9 7 , M ellem a & L u n d q v ist 2 0 0 2 ) , w h ile w e
c alc u late LH

Xij
, u sin g th e Pop ra tio p r o g ram (S ilv a & Vieg as 2 0 0 1 ) . A lso in Fig 2 .3 w e

h av e p lo tted th e c o n tr ib u tio n s o f th e v ar io u s elem en ts to th e c o o lin g fo r th e m o st
im p o r tan t c o o lan ts. Fo r so lar m etallic ity c ar b o n (in th e fo r m o f C II) is th e m ain
c o o lan t at lo w tem p eratu res (T < 10 0 0 K ) . Ir o n is d o m in an t at tem p eratu res b etw een
30 0 0 an d 10 0 0 0 K . S i c an also b e a su b stan tial c o o lan t at in ter m ed iate tem p eratu res
(ar o u n d 10 0 0 K ) .

N o te th at ap ar t fr o m th e d ep en d en c y o n th e c o m p o sitio n o f th e g as, c o o lin g is
str o n g ly d ep en d en t o n th e io n iz atio n frac tio n , b ec au se Le

Xij
is ty p ic ally a fac to r 10 0 0

b ig g er th an LH
Xij

.

2.3.3 H e a tin g p r o c e s s e s

Th e m o st im p o r tan t h eatin g m ec h an ism in th e n eu tral IS M is p h o to elec tr ic h eatin g
fr o m sm all g rain s an d PA H s (Watso n 1 9 7 2 ) : U V rad iatio n w ill h eat g as in th e p resen c e
o f d u st th r o u g h th e ejec tio n o f elec tr o n s fr o m th ese p ar tic les. We w ill u se th e resu lts
o f m o d ellin g b y B ak es & Tielen s (1 9 9 4 ) to c alc u late th is h eatin g . Th e h eatin g fo r a
rad iatio n fi eld G0, n o r m alised to H ab in g ’s (1.6 × 10 −3 er g c m −2 s−1, 1 9 6 8 ) , is g iv en
b y

Γ = 10−24 εU V n (Z/Z�) G0 er g c m −3 s−1, (1 5 )

w h ere th e h eatin g effi c ien c y εU V is fi tted b y

εU V =
4.9 × 10−2

1 + [ξg r/192 5 ]
0.73

+
3.7 × 10−2

(

T/10 4
)0.7

1 + [ξg r/5 0 0 0 ]
(1 6 )

w ith ξg r = G0T
0.5/ne th e g rain c h ar g e p aram eter. Th is p aram eter is p r o p o r tio n al to

th e rate o f io n iz atio n o f th e d u st g rain s d iv id ed b y th e rec o m b in atio n rate. A s d is-
c u ssed in Wo lfi re (1 9 9 5 ) , fo r sm all v alu es o f ξg r th e d u st g rain s are m ain ly n eu tral,
w h ereas fo r lar g e v alu es o f th is p aram eter th e g rain s b ec o m e p o sitiv ely c h ar g ed , an d

1 8
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electrons need to overcome an ex tra potential barrier to get ex pelled from the grains.
This lowers the energy available for heating the gas, which decreases the efficiency for
increasing ξgr (Fig. 2.4). This has important implications for the heating rates in our
model, effectively reducing the strength of the radiative feedback for high radiation
fields to ∝ G0.27

0 . So compared to G erritsen & Icke (1997) and Bottema (2003), who
took a constant efficiency, the UV radiation feedback will be less important for estab-
lishing star formation equilibrium. Note also that in this case the heating becomes a
strong function of ionization, as high ionization reduces grain charging.

The heating of E q. (15) scales with metallicity (assuming the dust-to-gas ratio
scales with Z), UV field, density and takes into account grain charging. We do not
take into account the finer points of dust physics, notably the dependence of the heat-
ing on the shape of the spectral energy distribution of the impinging radiation field
and the dependence of the heating on size and shape distribution of the dust grains.
Both effects can change the heating rate by 25% , when varying the parameters under
reasonable constraints (Wolfire 1995). In principle the distribution of the grain sizes,
shapes etc could come out of a model for the formation, processing and destruction
of dust grains and PAHs, but clearly this is a very complicated problem. We will just
assume the same grain distribution to be present everywhere.

The UV field needed in E q. (15) is calculated from the distribution of stars, anal-
ogous to the way the gravitational forces are calculated. D ust ex tinction is not taken
into account ex plicitly, although we do roughly model the ex tinction of UV light from
young stellar clusters by the remnants of the natal clouds by increasing the emission
of UV light from 25% to 100% of the nominal luminosity over a period of 4 Myr.

Normally photoelectric heating dominates over X-ray and cosmic ray heating, but
this is not the case in the outer parts of galax ies where both density and radiation field
drop. In these regions we will provide for heating by including cosmic ray heating,
which for a primary ionization rate ζC R is given by

Γ = nζC R Eh(E, xe) (17)
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The function Eh(E, xe) gives the heat deposited for every primary electron of energy E
(of typically 35 eV), given in Wolfire (1995). We have plotted this function in Fig. 2.5.

In principle X-ray heating may also be important, but as its effect and magnitude
is similar to that of cosmic ray heating (and this term is subject to some uncertainty,
see discussion in section 2.3.1), we do not include it separately.

2.3.4 M olecu lar gas

We will not consider the formation of molecular gas in this chapter. However in
view of the importance of molecular gas, both as fuel for the formation of stars, and
as a diagnostic tool in extra-galactic studies of star formation, we will here give an
overview of the relation of molecular gas and the gaseous phase of our simulation. In
Chapter 6 we will investigate the formation of the most important molecule, H2, in
some detail.

A direct implementation of H2 formation from first principles in current galaxy
scaled computer simulations is, both from the viewpoint of the necessary resolution
as from the viewpoint of necessary physics, impractical. In our simulation the physics
of molecular cloud formation is considered to be part of the star formation process,
captured in a basic but plausible model (see below). A result of this approach is that
the star formation rates will not be set by molecular cloud physics, but at a larger
scale: by the surface density of the gas, cooling properties of the neutral medium
and large scale instabilities. This is consistent with the prevailing view of star forma-
tion (Elmegreen 2002). The mass that is contained in the molecular phase will be
present in the cold phase in our simulation, and thus, while assessing the amount of
cold gas resulting from our simulations, one must keep in mind that this includes a
considerable amount of what would be molecular gas.

Note that diffuse H2 gas is also absent in our model. This may be a more serious
omission. Diffuse H2 may be present at abundances of 10−3

− 10−4 in the neutral
medium (Richter et al. 2001) and at this level it could affect the cooling of the
neutral medium substantially, as the cooling efficiency of H2 gas is about a factor 103

higher than for our neutral gas (Le Bourlot et al. 1999).

2.4 E q u ilib r iu m m o d e ls

The different heating and cooling processes we have discussed in section 2.3 consti-
tute a reasonably complex model for the ISM. It is certainly more realistic than most
previous models that have been used in galaxy simulations, as it attempts to include
the cold and warm phases of the neutral ISM. To get an idea of the properties of the
resulting ISM it is instructive to explore the thermal equilibrium state of our model
and compare it to the previous models of Gerritsen & Icke (1997), Bottema (2003)
and also to the equilibrium models of Wolfire et al. (1995).

The models we present will be incorporated into a fully dynamical simulation,
where we solve for the thermal evolution of the gas. To see to what extent the thermal
equilibrium state is relevant as a description of the state of the ISM, we can compare
the timescales of different processes. As we will demonstrate below, there are a range
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of processes in the ISM that are acting on timescales comparable to the timescales
associated with the thermal evolution of the gas.

A region of cold gas subjected to an increase in UV radiation will quickly heat to a
temperature of Teq = 104 K in a time

thea t =
ρueq

Γ
=

3/2k Teq

Γ
≈

106

(Z/Z�) G0

yr (18)

The time a region of density ρ and internal energy u = 3/2k T needs to return to
equilibrium after a significant perturbation is given by the cooling time,

tco o l =
ρu

Λ
=

3/2k T

fHnΛ?
(19)

which gives roughly tco o l ≈ 105 yr (n = 10 cm−3, T = 100 K) for the CNM and
tco o l ≈ 107 yr (n = 0.1 cm−3, T = 104 K) for the WNM.

Variations in the local UV field were studied by Parravano et al. 2003. They found
variations on timescales of 107−8 yr. This is comparable to timescales in the WNM but
much slower than the timescales of the CNM. A similar conclusion holds for supernova
perturbations. Wolfire et al. (2003) estimated for the characteristic time of these that
tsho ck = 5.3 × 106 yr.

So we see that under quiescent (solar neighbourhood) conditions thermal equi-
librium is a reasonable assumption for the CNM and marginally good for the WNM,
whereas for more active regions this assumption will become increasingly question-
able, especially for the WNM but also for the CNM, since the frequency of most of
the perturbing agents scales with star formation rate. A large fraction of out-of-
equilibrium gas is consistent with recent HI absorption line studies, which find that a
substantial fraction (around 50%) of the WNM is in an unstable temperature range,
and thus presumably not in equilibrium (Heiles & Troland 2003, Kanekar 2003).

2.4.1 Heating and ioniz ation assum ptions

To explore the effect of the different heating and ionization processes that are new
to our ISM model and to compare these to previous work, we explore a number of
different models, designated A B C and D, of increasing complexity. For the mo-
ment we consider solar metallicity. The first of these models (model A) is the same,
except for the cooling, as the model used in Gerritsen & Icke (1997): a constant
heating efficiency (εUV = 0.05) and a constant ionization fraction (xe = 0.1). Model
B has the heating efficiency of Eq. (16), while retaining constant ionization. Model
C has constant heating efficiency while solving for ionization and finally model D is
our complete model solving for the ionization and using the full heating efficiency.
Fig. 2.6 shows for these four models the equilibria of pressure, temperature, electron
fraction and heating (= cooling) rate.

The plots in this figure show that as density increases, the equilibrium state of the
gas changes from a high temperature (T = 104 K) at low densities, to a low temper-
ature (T < 100 K) at high densities. For all four models there is a density domain
in between where the negative slope of the P-n relation indicates that the gas is un-
stable to isobaric pressure variations, the classic thermal instability (Field 1965). We
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Fig u r e 2 .6 : Thermal eq u ilib riu m p ro p erties o f mo d els A ,B ,C an d D . S ho w n are ( in o rd er: to p

left, to p rig ht, b o tto m left an d b o tto m rig ht) the p res s u re, temp eratu re, c o o lin g rate an d io n -

iz atio n frac tio n in thermal eq u ilib riu m as a fu n c tio n o f d en s ity. In the p lo t res u lts are sho w n

fo r Z = Z� an d G0 = 1 0 .

see th at th e m o d els w h ic h d o n o t so lv e fo r th e io n iz atio n ( A an d B ) ser io u sly o v er -
estim ate th e io n iz atio n at h ig h d en sities an d th u s o v erestim ate th e c o o lin g resu ltin g
in lo w er tem p eratu res. Th e m o d els w h ic h d o n o t u se th e fu ll h eatin g effi c ien c y ( A
an d C ) o v erestim ate th e h eatin g , esp ec ially at lo w d en sities, h en c e th ese h av e h ig h er
tem p eratu res at lo w d en sity. Th e to tal effec t is th at th e ran g e o f p ressu res fo r w h ic h
th e IS M is u n stab le w ill b e m u c h g reater in th e sim p ler m o d els.

If w e c o m p are F ig . 2 .6 to F ig . 3 o f Wo lfi re et al. ( 1 9 9 5 ) w e see th at o u r m o d el
D is v er y sim ilar, sh o w in g v er y sim ilar tren d s fo r elec tr o n frac tio n an d h eatin g rate.
H en c e o u r m o d el c ap tu res m o st o f th e essen tial p h y sic s o f th e Wo lfi re et al. m o d el.

In a c o m p lete sim u latio n th e c o n d itio n s o f U V an d su p er n o v a h eatin g w ill v ar y
fr o m p lac e to p lac e. Th is w ill c h an g e th e relatio n s o f F ig . 2 .6 . S o n ex t w e w ill ex p lo re
th e effec t o f v ar iatio n o f U V an d c o sm ic ray h eatin g .

2.4.2 U V fi e ld a n d C o s m ic r a y s

In F ig . 2 .7 w e h av e p lo tted an o v er v iew o f m o d el D fo r th ree d ifferen t v alu es o f th e
U V fi eld G0. N o te th at as th e U V fi eld in c reases th e d en sity an d p ressu re fo r w h ic h
a c o ld p h ase is p o ssib le sh ift u p . A lso , if so m e reg io n is c o llap sin g , th en , as lo n g as
n o star fo r m atio n is h ap p en in g , th e U V fi eld m ay b e ex p ec ted to stay m o re o r less
c o n stan t an d sin c e d en sity in c reases g as w ill stay at th e lin es o f c o n stan t h eatin g in
fo r ex am p le th e n -T relatio n . Th en , as stars fo r m , h eatin g w ill su d d en ly in c rease, an d
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Fig u r e 2 .7 : Thermal eq u ilib riu m p ro p erties o f mo d el D : v ary in g U V heatin g . Z = Z�.

gas w ill ’m o v e u p ’ q u ic k ly to a n e w G0 c u r v e , c f. ( 1 8 ) .

An in c r e ase in c o sm ic ray fl u x sh o w s a sim ilar p atte r n : In Fig. 2 .8 w e h av e p lo tte d
th e p r e ssu r e -d e n sity r e latio n fo r d iffe r e n t c o sm ic ray fl u x e s. A h igh v alu e fo r th e
c o sm ic ray io n iz atio n rate m ay v e r y w e ll b e ap p r o p r iate : fo r d iffu se c lo u d s in th e so lar
n e igh b o u r h o o d M c C all e t al. ( 2 0 0 3 ) fo u n d th at a v alu e o f th e c o sm ic ray io n iz atio n
rate o f u p to ζC R = 1.2× 10−1 5 w as n e c e ssar y to ac c o u n t fo r th e o b se r v e d ab u n d an c e
o f H+

3 .

2.4.3 Va r y in g c h e m ic a l c o m p o s itio n

In Fig. 2 .9 w e sh o w th e e ffe c t o f v ar y in g th e c h e m ic al c o m p o sitio n . A lo w e r m e tal-
lic ity sh ifts th e u n stab le r e gio n to h igh e r d e n sity an d p r e ssu r e , w h ile also e x te n d in g
th e ran ge o f u n stab le p r e ssu r e s. N o te th at th e IS M m o d e l is still r e lativ e ly in se n sitiv e
to v ar iatio n s in m e tallic ity. T h is is b e c au se w e sc ale th e d u st-to -gas ratio , an d th u s
th e h e atin g e ffi c ie n c y, w ith m e tallic ity. B o th c o o lin g an d h e atin g ar e to fi r st o r d e r
p r o p o r tio n al to m e tallic ity. In Fig. 2 .1 0 w e sh o w th e Z = Z�/5 m o d e l in m o r e d e tail.
P r e ssu r e , te m p e ratu r e an d e le c tr o n frac tio n ar e sim ilar to th e m o d e l fo r so lar m e tal-
lic ity, alth o u gh th e c o o lin g rate sh ifts d o w n . T h e c o o lin g an d h e atin g tim e s ( 1 9 ) an d
( 1 8 ) sc ale in v e r se ly w ith m e tallic ity. S o w h ile v ar y in g th e m e tallic ity h as r e lativ e ly
little e ffe c t o n th e e q u ilib r iu m state , it w ill affe c t o u r fu ll d y n am ic al m o d e llin g.

In Fig. 2 .9 w e h av e also p lo tte d th e e ffe c t o f se p arate ly d e p le tin g Fe + S i an d C , as
th e y affe c t c o o lin g at c o m p le te ly d iffe r e n t te m p e ratu r e s. N o te th at d e p le tio n o f ir o n
e n large s th e p r e ssu r e ran ge o f th e r m al in stab ility, w h ile d e p le tio n o f c ar b o n h as th e
e ffe c t o f h e atin g th e c o o l p h ase .
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2.5 S ta r fo r m a tio n a n d its e ffe c ts

From th e p oin t of v ie w of ou r s imu lation s tar formation is mic ro p h y s ic s th at is n ot
re solv e d . T h e formation of s tars in d e n s e c lou d s of th e in te rs te llar me d iu m is a c om-
p le x p roc e s s th at is s till v e ry mu c h an ac tiv e fi e ld of re s e arc h , an d th e re is n o g e n e ral
th e ory to p re d ic t th e s tar formation rate of a g iv e n re g ion of th e IS M . H ow e v e r from
ob s e rv ation s an d th e ory some k e y p roc e s s e s are id e n tifi e d . P rob ab ly th e mos t in fl u -
e n tial ob s e rv ation al re lation is th e Schmidt la w (S c h mid t 1 9 5 9 ) : th e e mp iric al fi n d in g
th at th e s tar formation rate (SFR) o f d is k g alax ie s v ar ie s w ith g as s u r fac e d e n s ity σg

as SFR ∝ σ
1.5
g . It c an b e e x p lain e d b y as s u m in g th at g rav itatio n al in s tab ilitie s p lay

th e r e g u latin g r o le in s tar fo r m atio n o n lar g e s c ale s ( E lm e g r e e n 2 0 0 2 ). F u r th e r m o r e
it s e e m s th at s tar fo r m atio n is a s e lf r e g u latin g p r o c e s s : y o u n g s tar c lu s te r s w ill d is -
r u p t th e c lo u d in w h ic h th e y fo r m b y h e atin g it w ith U V p h o to n s an d b y s tir r in g th e
g as m e c h an ic ally th r o u g h th e ac tio n o f s te llar w in d s an d s u p e r n o v a fe e d b ac k .
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Fig u r e 2 .1 0 : Thermal eq u ilib riu m p ro p erties o f mo d el D w ith Z = Z�/5, v a r y in g G0

2.5.1 S ta r Fo r m a tio n

We u se th e s tar fo r m atio n rec ip e o f G er r its en & Ic k e ( 1 9 9 7 ) . A reg io n is c o n s id ered
u n s tab le to s tar fo r m atio n if th e lo c al J ean s m as s MJ,

MJ =
πρ

6

(

πs2

Gρ

)3/2

( 2 0 )

w ith s th e s o u n d s p eed , is s m aller th an th e m as s o f a ty p ic al m o lec u lar c lo u d Mre f ,

MJ < Mre f . ( 2 1 )

T h e rate o f s tar fo r m atio n is s et to s c ale w ith th e lo c al free fall tim e,

τsf = fsftff =
fsf

√
4πGρ

. ( 2 2 )

T h e d elay fac to r fsf ac c o u n ts fo r th e fac t th at c o llap s e o f m o lec u lar c lo u d s is in h ib ited
b y eith er tu r b u len c e o r m ag n etic fi eld s ( M ac L o w & K les s en 2 0 0 4 , S h u et al. 1 9 8 7 ) .
Its v alu e is u n c er tain , b u t fr o m o b s er v atio n s a v alu e fsf ≈ 10 s eem s reas o n ab le ( Z u c k -
er m an & Palm er 1 9 7 4 ) .

T h ere are m an y d ifferen t w ay s to let s tar s fo r m lo c ally o n th e tim es c ale g iv en b y
E q . ( 2 2 ) . O n e w ay to ac h iev e th is , fo llo w ed b y G er r its en & Ic k e ( 1 9 9 7 ) is to w ait fo r
a tim e τsf an d th en p r o c eed to fo r m s tar s . An o th er is ju s t to as s ig n a p r o b ab ility 1 −
e x p (−∆ t/ τsf) fo r s tar fo r m atio n in a tim e s tep ∆ t. We h av e n o t fo u n d an y c o m p ellin g
reas o n to p refer o n e m eth o d o v er th e o th er. T h ere are h o w ev er als o s u b tle n u m er ic al
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differences between the two methods: in the stochastic case star formation may also
be delayed beyond τsf , and where this is the case the unstable region may collapse to
higher densities than it would in the fix ed delay case. The fix ed delay case, on the
other hand tends to synchroniz e star formation over regions that become unstable
at the same time, which leads to a sudden onset of star formation, for ex ample in
the beginning of the simulation. We will note whenever a choice of either one has a
substantial impact on the results.

Once a gas particle is determined to be forming stars, a fraction εsf of the mass is
converted to stars. This sets a minimum to the star formation efficiency (a neighbour-
hood of gas particles of about 6 4 particles that has become capable of star formation
will thus form at least a fraction εsf/64 of stars). The actual efficiency of star forma-
tion is determined by the number of stars needed to quench star formation locally by
the U V and SN heating and is determined by the cooling properties of the gas and the
energy input from the stars.

Thus the local star formation rate will be given by

dρ?

dt
= −

dρg a s

dt
=

εsf
τsf

ρJU (23 )

where ρJU indicates the ’Jeans unstable’ gas, satisfying (21). The effective timescale
for star formation is τeff = τsf/εsf = fsftff/εsf , so different combinations of fsf and
εsf will give the same star formation rate. In case of a fix ed delay time (Gerritsen
& Icke method), it is appropriate to take a constant mass fraction εsf for the newly
formed star particles, while in the stochastic method we can form star particles of
fix ed mass, and thus bigger εsf as gas particles become lighter, as long as we increase
fsf accordingly.

The recipe is certainly not unique, we have based our choice on the following
considerations: it is simple and based on presence of substructure and the driving
role of gas self gravity, and it reproduces the Schmidt law without actually imposing
it (Gerritsen & Icke 1997). It does assume substructure to be present (actually its
assumption is more restrictive still, namely that substructure is mainly at Mref siz ed
clouds, but this is not overly important). For this type of simulation one is always
restricted by the limited ability to follow the star formation process, so we are forced
to adopt a phenomenological description at some level.

Another concern that could be addressed is that the SF according to this recipe
is independent of metallicity, other than that induced by the metallicity dependence
of the cooling. If cloud collapse is regulated by magnetic fields (Shu et al. 1987), a
more detailed dependence of the delay factor fsf on for ex ample ioniz ation may be
appropriate.

We assume the stellar initial mass function (IMF) to be universal. We take a
Salpeter IMF with a lower mass cutoff of 0.1 M� and an upper mass cutoff of 100 M�.
The shape of the IMF determines the amount of heavy stars, and thus the amount of
U V and supernova feedback. If the IMF would vary according to local conditions this
will have its effect on star formation. Observations are consistent with a universal
IMF over a wide range of ISM conditions, however there are some hints that for high
radiation fields and/ or low metallicities relatively more high mass stars are formed
(e.g. Lamers et al. 2002).

The star formation recipe we employ has an additional advantage: namely, it
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prevents the simulation from violating the resolution requirements for self gravitating
SPH of B ate & B urkert (1997) and Whitworth (1998). For SPH the local Jeans mass
should be bigger than the local mass resolution,

MJ > N mS P H , (24)

otherwise artificial clumping or inhibition of clumping may occur. This condition is
just Eq. (21), if Mref is chosen equal to the local mass resolution, Mref = N mS P H

(N is the number of SPH neighbours, and mS P H the mass of SPH particles). We
will do so, and our simulation will thus follow collapse and fragmentation of the
ISM from the WNM to the C NM, but at a certain point (Eq. 21) the simulation can
no longer reliably follow this process. At this point further assumptions regarding
the details of star formation enter through Eq. (22). In practice this limit lies at
a very physically relevant region of parameter space, namely at temperatures and
densities where molecular clouds should form in the C NM. So our simulation tracks
the evolution of the WNM and C NM up to a point where a phase of the ISM forms
that can be trusted to form stars, at efficiencies that are somewhat constrained by
observations. As we increase resolution and decrease mS P H we can decrease Mref

and follow the collapse further.

2.5.2 Ste llar mod e l

We calculate the FUV luminosities of the stellar particles from the age and metallicity
of the stars and B ruzual & C harlot (1993, and updated) population synthesis models.
For this the integrated fl ux between 9 12 and 2 100 Å is calculated from single burst
models with a salpeter IMF with a low mass cutoff of 0.1 M� and high mass cutoff of
100 M�. It is not entirely clear if interpolation in metallicity from the coarse grid data
available is the best strategy, so in case we run a model with a metallicity different
from the B ruzual & C harlot models we just take the synthesis model with the closest
matching metallicity. We roughly account for the extinction of UV light of young stars
by their natal cloud by increasing the fl ux from 25% at birth to 100% at 4 Myr, in
accordance with counts of UV sources in the neighbourhood of star forming clouds
(Parravano et al. 2003, and references therein).

2.5.3 Fe e d b ac k

In addition to heating by UV radiation, stars heat the surrounding gas through the
injection of energy by stellar winds, supernovae and the expansion of H II regions. We
will consider these three effects to constitute the m e c h a n ic a l lu m in o s ity of our stellar
particles. Stars heavier than 8 M� are generally assumed to explode as supernovae
with energies of 105 1 erg, so together with stellar lifetimes and the IMF, this fixes the
contribution from supernovae. The contribution of stellar winds can be estimated
from stellar evolution modelling and theoretical and observational mass loss rates
and terminal velocities, (e.g. Leitherer et al. 1999). If we look at the mechanical
energy output of a stellar cluster (Fig. 2.11) we see that stellar winds dominate early
on, but the integrated luminosity indicates that they contribute less than about 6% to
the the total mechanical energy. For metallicities lower than solar this value would
be even lower.
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Fig u r e 2 .1 1 : Mechanical energy o u tp u t fro m s tellar clu s ter. P lo tted as a fu nctio n o f age o f a

s ingle b u rs t o f s tar fo rm atio n at Z = Z� are the sep arate co ntrib u tio ns fro m s tellar w ind s ( sho rt

d ashed ) and s u p erno vae ( lo ng d ashed ) , as w ell as the to tal m echanical lu m ino s ity( d raw n)

fro m L eitherer et al. ( 1 9 9 9 ) . T he d o tted line ind icates the m echanical lu m ino s ity o f the s tellar

p articles ad o p ted in o u r s im u latio n.

While the mechanical energy output of stars can thus be estimated with reasonable
accuracy, it has proven to be difficult to include the effects of feedback completely
self-consistently in galaxy sized simulations of the ISM. The reason for this is that
the effective energy of feedback depends sensitively on the energy radiated away in
thin shells around the bubbles created. This will mean that the effect of feedback
is not reliable unless prohibitively high resolution is used. In SPH codes there have
been conventionally two ways to account for mechanical feedback: by changing the
thermal energy input and by acting on particle velocities. Both are unsatisfactory, as
the thermal method suffers from over cooling (Katz 1992) and the kinetic method
seems to be too efficient in disturbing the ISM (Navarro & White 1993). Here we use
a new method based on the creation at the site of young stellar clusters of pressure

particles that act as normal SPH particles in the limit that the mass of the particle
m → 0, for constant energy (see Chapter 3 for more details). For the energy injection
rate we take Ė = εsnnsnEsn/∆t, with supernova energy Esn = 1051 erg, an efficiency
parameter εsn = 0.1, number of supernova nsn per solar mass of stars formed of
nsn = 0.009 and an active period ∆t = 3 × 107 yr (approximately the lifetime of a
8 M� star). The efficiency εsn thus assumes that 90% of the energy is radiated away,
a value which comes from more detailed simulations of the effect of supernova and
stellar winds on the ISM (Silich et al. 1996), and is also used in other simulations of
galaxy evolution (e.g. Semelin & Combes 2002, Springel & Hernquist 2002, Buonomo
et al. 2000). In Fig. 2.11 we have also plotted the mechanical luminosity of the
stellar particles in our model. Note that the fact that we approximate the mechanical
luminosity by a constant will not introduce big errors, as the energy of the pressure
particles is a time integrated quantity.
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2.6 Putting it a ll to ge th e r

The c o m b in atio n o f hy d r o d y n am ic s , s elf-g rav ity an d the IS M m o d els o f s ec tio n 2 .4
w ith o u r s tar fo r m atio n an d feed b ac k rec ip es w ill s et u p a self reg u lated IS M . The
d is tr ib u tio n o f tem p eratu re, d en s ity, etc . o f the g as an d am o u n t an d lo c atio n o f s tar
fo r m atio n w ill b e the o u tc o m e o f the in terac tio n b etw een the c o m p etin g p r o c es s es o f
heatin g an d c o o lin g , feed b ac k an d c o llap s e. We w ill tes t this g lo b al m o d el fo r the IS M
o f s tar fo r m in g g alax ies b y ap p ly in g it in a s im u latio n o f a s u itab le g alax y.

2.6.1 In itia l c o n d itio n s

Fo r o u r p u r p o s es w e n eed a s im p le m o d el g alax y. We c o n s tr u c t a three c o m p o n en t
m o d el o f a ty p ic al s tar fo r m in g d is k g alax y w ith a g aseo u s d is k , a s tellar d is k an d a
d ar k halo .

The s tellar d is k has a m as s o f 1010 M� an d is c o n s tr u c ted to b e ap p r o x im ately
ex p o n en tial,

ρdisk (R, z ) =
Σ0

2hz

e x p (−R/Rd)se ch2(z/hz), ( 2 5 )

fo r a c en tral s u r fac e d en s ity Σ0 = 5 × 108 M�/k p c 2, d is k s c ale Rd = 1.8 k p c an d
a v er tic al s c ale-heig ht hz = 0.4 k p c . The d is k is c o n s tr u c ted u s in g the ap p r o x im ate
three-in teg ral d is k d is tr ib u tio n fu n c tio n o f Ku ijk en & Du b in s k i ( 1 9 9 5 ) . The in itial
ag es o f the s tellar p ar tic les are d is tr ib u ted ac c o r d in g to an ex p o n en tially d ec ay in g
s tar fo r m atio n rate w ith a b u r s t tim e o f 5 .2 G y r, res u ltin g in a c u r ren t s tar fo r m atio n
rate fo r this g alax y o f S F R = 0.2 M�/y r.

Fo r the g aseo u s d is k w e tak e a rad ial s u r fac e d en s ity

Σ = Σg/(1 + R/Rg), ( 2 6 )

w ith c en tral d en s ity Σg = 0.008×109 M�/k p c 2 an d rad ial s c ale Rg = 3 k p c , tr u n c ated
at 14 k p c . Thu s it has a to tal m as s o f Mga s = 1.05 × 109M�. In itially the g as is g iv en
a tem p eratu re T = 104 K.

B o th the s tellar an d g as d is k are rep resen ted b y N = 105 p ar tic les . The d ar k halo
is rep resen ted b y a s tatic p o ten tial an d has a N av ar r o , Fren k & White ( 1 9 9 7 , N FW)
p r o fi le

ρh a lo (r) =
ρs

(r/rs)(1 + r/rs)2
, ( 2 7 )

ρs = 4 × 107 M�/k p c 3 an d rs = 6 k p c . The d ar k to b ar y o n ic m as s ratio is thu s
Mda rk /Mb a ry o n = 5 at the ed g e o f the g as d is k .

2.6.2 G a la x y m o d e ls w ith o u t s u p e r n o v a fe e d b a c k

Fir s t w e w ill c o m p are the m o d els A , B , C an d D o f s ec tio n 2 .4 .1 w itho u t the effec t o f
m ec han ic al feed b ac k . We let the m o d el g alax y ev o lv e, u s in g the d ifferen t IS M m o d els
as w ell as o u r s tar fo r m atio n an d S N feed b ac k p r o c es s es . Q u ic k ly, after ab o u t 200
M y r, a s tead y s tate d ev elo p s w here the d is tr ib u tio n o f tem p eratu re an d d en s ity o f the
g as c han g es o n ly m ar g in ally d u e to the c o n s u m p tio n o f g as b y s tar fo r m atio n .
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Fig u r e 2 .1 2 : Te m p e r a tu r e -d e n s ity d is tr ib u tio n o f s im u la tio n r u n s o f m o d e l A , B , C a n d D w / o

fe e d b a c k . H is to g r a m s o f th e c o r r e s p o n d in g q u a n tity a r e p lo tte d to th e r ig h t a n d a b o v e th e

fr a m e s . Th e s e h is to g r a m s a r e lin e a r a n d s c a le d to th e m a x im u m b in .

In Fig. 2.12 we have plotted the density-temperature diagram for the different
models. If we look at the panel of model A, which is eq uivalent to the model of
Gerritsen & Icke 1997, we recogniz e the two phase structure as found by them. Most
of the gas is at temperatures of around T = 104 K. Note that gas cools to about
T = 100 K, but densities stay below n = 10 cm−3, due to the limited resolution. The
star formation rate of SFR ≈ 0.6 M�/yr is similar to that found by Gerritsen & Icke
(Fig 2.13 ). We also find that the distribution of gas and stars has similar properties
as in their simulations, more specifically: cold gas is confined to the midplane of
the galaxy, showing a fl occulent spiral structure caused by stretching of collapsing
structures due to differential rotation.

H owever if we look at the temperature and density distribution of model D we
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Figure 2.13 : Star formation rate of simulation runs of model A, B, C and D without feedback.

see a qualitatively different picture: most of the gas at high densities is now concen-
trated at low temperature. Comparing with model B and C we see that this is due
to the effect of using heating efficiency (16) rather than using a constant efficiency.
Grain charging flattens the dependency (16) at high U V fields to G0.27

0 . In this case
heating from stellar U V radiation is not sufficient to heat the gas back to 104 K. The
effect of lower ionization keeps gas in models C and D at somewhat higher minimum
temperatures compared to the constant ionization cases of model A and B.

If we look at the star formation rates of the model galaxies, we see that models
A and D have similar star formation rates peaking at SFR = 0.6 M�/yr and SFR =
0.4 M�/yr. Although a bit on the high side, these are reasonable SFR , considering
the uncertainties present in the modelling. For model B, the peak star formation rate
SFR = 1.2 M�/yr is clearly too high, and also results in a gas consumption time
that is very short (≈ 1 Gyr). Model C has very low star formation rate, due to the
combination of overestimated heating and realistic cooling. We see that the effect of
ionization and grain charging are cancelling out for model D giving it a similar star
formation rate as model A.

2.6.3 Galaxy models with S N -feedback

We ran the same models again, but this time including supernova feedback. Fig. 2.14
and 2.15 give the corresponding temperature-density plots and star formation rates.
In this case additional heating from the SN masks the effect of grain charging. Al-
though models with the complete heating efficiency still have a higher cool gas frac-
tion, heating is sufficient to heat the gas back to 104 K, allowing for cycling between
WNM and CNM: cold gas is heated and will expand back to low densities. If we look
at the star formation rates we see that for model C the addition of SN heating makes
very little difference, while lowering the star formation rate substantially for the other
models.

For the remainder, we take model D with SN feedback as our standard model and
compare to it the effects of varying abundances and cosmic ray fluxes.
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Figure 2.14 : Temperature-density distribution of simulation runs of model A, B, C and D with

feedback.

2.6.4 T he effect of chemical composition

We ran a set of four simulations with varying chemical composition, but otherwise the
same as the above model D. Two of these we ran with higher and lower metallicity
scaled from solar: Z = 2.5 × Z� and Z = Z�/5, the remainder were the Fe+ Si and
C depleted models of section 2.4.3. Note that for the models where we use scaled
metallicities we use a corresponding set of stellar models, while for the depleted
models we use the standard solar metallicity population synthesis.

In Fig. 2.16 we have plotted the temperature-density distribution for these runs.
The low metallicity run shows a markedly different temperature distribution, espe-
cially at low densities, being much warmer. This is due to cosmic ray heating, which
becomes relatively important as metallicity goes down (we scale dust content, and
thus grain heating with Z). The distribution of the high metallicity model is very sim-
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Figure 2.15 : Star formation rate of simulation runs of model A, B, C and D with feedback.

ilar to solar metallicity. A plot of the star formation rates of these models, Fig. 2.17,
shows that both have lower star formation rates. This suggests that the star formation
efficiency attains a local maximum at solar metallicity. The decrease at higher metal
contents is probably due to the fact that the UV flux is higher (by a factor 2-3) for
Bruzual & Charlot (1993) stellar models with Z = 2.5 × Z� compared to Z = Z� (as
is the case for low metallicity).

Comparing the Fe and C depleted runs in Fig. 2.16, we see that for the Fe depleted
run there is very little cold gas. The depletion of C has an effect mainly on the star
formation rate, see Fig. 2.18 , since C affects the cooling at low temperatures. Note
that for the low iron simulation the star formation is also affected, but less so than
one would expect from the temperature distribution: the abundance of C affects the
star formation rate, while the Fe abundance affects the relative amounts of warm and
cold neutral gas.

2.6.5 C osmic rays and the star formation threshold

As discussed in section 2.3.1 the heating and ionization from cosmic rays and X-rays
are not well constrained. Hence to see what the effect of this uncertainty is on our
model we have run additional models with 5 and 40 times higher cosmic ray fluxes.
The effect of increasing the cosmic ray flux is to heat the gas at low densities, while
not affecting gas at high densities much (Fig. 2.19). An increase by a factor of 5
still has a minor effect on the total star formation, while a factor 40 increase only
lowers the star formation rate with about 50% . If we look at the radial star formation
density (Fig. 2.21) we see that star formation in the centre is decreased little for
higher cosmic ray rates, but that the edge of star formation moves in as cosmic ray
flux increases. This is consistent with models for the threshold of star formation that
explain it as a thermal effect (Schaye 2004, E lmegreen & Parravano 1994). As was
pointed out by Schaye (2004), the fact that the cold phase is absent beyond a certain
radius means that the disk is gravitationally stable beyond this radius and thus star
formation quenched. Note that in our model galaxy the radius of the edge of the star
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Figure 2.16 : Temperature-density distribution of simulation runs of different chemical compo-

sition. to p left: Z = Z�/5, to p righ t: Z = 2.5 × Z�, bottom le ft: C d ep leted (×0.03 ) m o d el

a n d bottom r ig h t: Fe a n d S i d ep leted (×0.03 ) m o d el.

forming d is k c an v ary, d e p e nd ing on ζCR, from 8 to 1 3 k p c , th u s w e c ou ld e as ily b u ild
a mod e l c ons is te nt w ith th e original s te llar d is k ( w h ic h w as c u t off at 9 k p c ) .

2.7 D is c u s s io n

T h e main innov ation of th e s imu lations p re s e nte d in th is c h ap te r is th e ap p lic ation
of a c omp le x IS M mod e l to a galax y s iz e d ob je c t. An ob v iou s q u e s tion is to w h at
e x te nt th e ne w ingre d ie nts of grain c h arging and ioniz ation are re ally ne e d e d for a
re alis tic mod e l. T h is c an b e s e e n in th e role of fe e d b ac k . For mod e l A w e fou nd
th at S N fe e d b ac k is not ne e d e d to re gu late s tar formation. H ow e v e r, w e fi nd th at
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Figu re 2 .1 7 : Star formation rate of low and h ig h metallic ity ru ns .
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Figu re 2 .1 8 : Star formation rate of depleted models

for realistic heating rates U V heating will not provide enough heating: in this case
the temperature of heated regions will not rise above a few hundred Kelvin and SN
heating becomes necessary.

It should be noted that our models are inherently limited by the numerical ap-
proach we have chosen. O bvious shortcomings of our model for the ISM are the
absence of molecular gas, already discussed in section 2 .3.4 and the poor representa-
tion of hot phases.

Hot tenuous phases of the ISM are a problem for SPH type codes because the mass
in the hot phases is very low, so SPH, with its constant mass resolution, will by default
represent low density regions poorly. Particle splitting methods may provide a way to
alleviate this problem (Kitsionas & W hitworth 2 0 0 2 ), however in our case we would
also need to reassemble particles, as the gas cycles between phases.

B ut even the representation of the neutral phases of the ISM is hampered by res-
olution constraints. The cold phase can have structure roughly down to scales of the
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Figure 2.19 : Temperature-density distrib ution of runs with higher cosmic ray fl ux es (left: ×5

and right: ×4 0).
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Fig u r e 2 .2 0 : Star fo rm atio n rate o f ru n s w ith h ig h e r c o s m ic ray fl u x e s (×5 an d ×4 0 ) .

thermal d iffu s io n len g th ( M eers o n 1 9 9 6 ) , w hic h c an b e as small as 0.1 p c , w hic h is
b elo w the s c ales w e p ro b e in o u r s imu latio n . S o a lo t o f s u b s tru c tu re n o t res o lv ed in
o u r s imu latio n w o u ld b e p resen t in the IS M . T his c an in tro d u c e erro rs in the c o o lin g .
S u b s tru c tu re w ill en han c e the c o o lin g b y a fac to r ran g in g fro m an y w here fro m a few
p erc en t to v ery larg e v alu es , d ep en d in g o n the n atu re o f the s u b s tru c tu re ( a few p er-
c en t w o u ld b e fo r a ty p ic al ran d o m fi eld , w hile fo r ex amp le a d en s ity fi eld c o mp o s ed
o f p o ly tro p es o f in d ex > 1 w o u ld y ield an u n b o u n d ed fac to r) . A mo re rig o ro u s tes t
o f the effec t o f s u b -res o lu tio n s tru c tu re o n the d y n amic s o f mu ltip hase g as w o u ld b e
v ery v alu ab le.

An o ther sho rtc o min g o f the mo d ellin g is that w e mak e the as s u mp tio n o f io n iz a-
tio n eq u ilib riu m. A p ro p er treatmen t o f io n iz atio n c o u ld fo r ex amp le in c rease the
io n iz atio n if the times c ale o f en erg y lo s s es is sho rter than the times c ale fo r rec o mb i-
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Figure 2.21 : Star formation density as function of radius for standard runs and runs with

higher cosmic ray fluxes (×5 and ×40).

nation. This would result in stronger cooling in regions that are experiencing cooling
from an ionized phase.

2.7.1 C o m p a r is o n w ith p r e v io u s w o r k

The methods we use are comparable to those of G erritsen & Icke (1997 ) and B ot-
tema (2 0 0 3). As we have noted our model A is the same as the model explored by
those authors, except for the cooling curve. The fact that the cooling is different has
a minor effect on the temperature structure of the gas, but the picture remains quali-
tatively the same. H ere we have followed up on the work of G erritsen & Icke (1997 )
by extending the ISM model with two important ingredients, grain charging and ion-
ization. We find that if these two effects are taken into account, U V heating can no
longer be sufficient as the sole heating source of the ISM. H owever their conclusions
regarding structure and distribution of the gas and the truncation of star formation
seem not to be affected. O ur models provide a good basis to explore these phenomena
further.

B ottema (2 0 0 3) has explored a model for N G C 62 8 in some detail. H e found that
unless supernova feedback was added, gas would aggregate in a few large clumps
distributed over the disk. We have not found a similar effect for model A, which may
be due to the fact that in his simulations the resolution requirement (2 4 ) was not
fulfilled.

A number of other approaches have been followed to try to simulate a star form-
ing ISM. Springel & H ernquist (2 0 0 3) formulated a sub-grid model for the multi-
phase interstellar medium, producing a quiescent self-regulating ISM. Some authors
have tried to represent the molecular phase by formulating a phenomenological ISM
model in terms of ’sticky’ particles (Andersen & B urkert 2 0 0 0 ), sometimes in addi-
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tion to a SP H component representing the WNM (Semelin & Combes 2002, Berczik
et al. 2003). They successfully reproduce a self-regulated ISM, including some ef-
fects, like evaporation of molecular clouds, that are probably not well represented
in our model. However, these models form stars from the cloud particles imposing
a Schmidt law, not, as in our model, from the consideration of the instabilities in
the ISM. Furthermore, our model has a consistent representation of the ISM linking
phases by physical processes, rather than prescriptions.

2.8 C o n c lu s io n s

We have presented global models for the ISM of galaxies that include a detailed model
for the neutral ISM, star formation and radiative and SN feedback. We explored
the effects of different heating and cooling assumptions, chemical composition and
cosmic ray fl uxes using a simple template of a star forming galaxy. We have found
that:

• The effect of grain charging on the photo electric heating efficiency impairs
heating of the ISM. In practice this means that the heating of (diffuse) gas
around young stellar clusters by UV radiation alone can not heat the ISM beyond
≈ 500 K . As a result supernova feedback becomes more dominant.

• Solving for ionization is essential to have realistic cooling rates. A decrease in
ionization rate at high densities/ low temperatures affects the cooling by atomic
species.

• The effect of realistic heating and ionization act together to constrain the range
of pressures of thermal instability. A decrease in metallicity, or depletion of Fe
and Si extends the range.

• Star formation peaks at solar metallicities.

• Star formation is sensitive to the abundance of C, while the Fe abundance affects
the relative amounts of warm and cold neutral gas.

• Our models produce a truncation radius for star formation. Cosmic ray (and
X-ray) heating determines the location of this cutoff radius.

The models we have presented are of general validity, and suitable for a range
of problems in galactic formation and evolution. They would be, for example, well
suited to explore star formation and feedback effects for dwarf galaxies, galaxy inter-
actions and collisions. Indeed we will study a few such applications.
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