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CHAPTER 1
General introduction

1.1 Galaxy building blocks

The baryonic matter in a galaxy comprises gas, dust and Sthesgas consists of atoms
and molecules while dust takes the form of silicate and gabeous solids. Stars are
present with masses between 0.01 and 100 times the mass siirnthelhere are about
100 billion stars in our galaxy, which make up roughly 90 eertcof the visible mass.
The other 10 percent consists of gas and dust, and is ggnesdled the interstellar
medium (ISM) or circumstellar medium (CSM). These percgasamay be different in
other galaxies. We can find this ISM under a very broad rangemditions. The densities
range from~ 0.1 to over10*® cm~3, and the temperatures frond to 10 K. Most of the
galaxy volume is filled with very low density gas-(0.1 cm~3). In regions, where stars
are formed, the gas has contracted due to gravitationabiigies, and densities range
betweenl0* — 106 cm™3. Planetary nebulae, representing the last phase of evnlfdi
intermediate-mass stars, have low densitigs{ 100 cm~3), but can attain very high
temperatures1(* K). Very high densities0® — 10'° cm~® and moderate temperatures
10 — 300 K are found in proto-planetary disks. Although we speak ahauy high
densities, on earth this is about the best vacuum we canvachie

1.1.1 Dust

Dust particles have a very broad range in sizes, from abo&ta@.zmm, and therefore
have very different properties. Although we know that dusisists of silicate and amor-
phous grains, the exact composition and structure of dusttigery well understood, and
also changes when it is exposed to different influences. Wevkhat, although dust par-
ticles make up only 1 percent of the mass of the ISM, they pl@wost of the extinction
at optical and ultraviolet wavelengths. Accurate extimetcurves are hard to derive, and
often vary from line of sight to line of sight. Dust also prdes a very important heating
source of the gas. It heats the gas through photo-electiigsern and gas-dust collisions.
Dust is also the host for a very important reaction, namedyftiimation of H, since the
gas phase reaction rate for the formation gfigivery slow.

1.1.2 Gas

Gas in galaxies consists for the largest part of hydrogef( percent) and helium 8.5
percent). The othexr 1.5 percent are called metals by the astronomers, and are heavie
elements such as carbon, nitrogen and oxygen. Dependimgmngding flux and density,

1



2 General introduction

gas clouds obtain a thermal and chemical structure, emitilhkinds of atomic fine-
structure and molecular (e.g.,HCO, HCN and HO) rotational and vibrational lines.
The lines are emitted in the (sub)-millimeter range of thecsfum, and can be observed
with telescopes such as the James Clerk Maxwell Telesc&dT), and the Institute
de Radio Astronomie Millimétrique (IRAM) 30m telescopeorfevery set of conditions,
a different set of line intensities and line intensity ratie obtained, and these provide,
therefore, excellent probes to estimate the physical ptigseof the gas.

PHOTODISSOCIATION REGIOMN

o |
v :
I ]
[ ]
UV FLUX | 3
L T F
| < 0. £ A, 01
D g
E i CIHACICO /05
E [
&= i
= uv FLUx ! >
= ' o g
> !y i+
1
E 15 1 E
& 8 £ I
Ll I ¥ w
= = i
HIl Iz HI HI/Hy
E
| =
T 1
UV FLUX :__ .
| z
] 4
L I. I 1"
e 1 10 100
Py

Figure 1.1: Schematic overview of a Photon Dominated Reglaglens & Hollenbach
1985).

1.2 Extreme environments in Galaxy Centers

Our planetary system orbits at about a distance of 8 kpc fleneénter of the galaxy. The
number of stars per unit volume is low, given that the closestis at a distance of 1.3 pc
(4.2 light years). However, in the center of a galaxy thelatelensity and the average
gas density are much higher than in the Solar Neighborhodterefore, the center of
a galaxy is more efficient at converting interstellar gas istlars, and as a consequence
the average interstellar radiation field is much more inter®&rong radiation is not only
provided by newly formed stars, but also by the often presentral black hole, when it
accretes nearby gas and stars. Although strong radiatigrbeproduced, galaxy centers
are often very obscured in the optical, since the higher dastent of galaxy centers
can provide extinctions ranging between 10 and 100 magestuth the sub-millimeter



1.2 Extreme environments in Galaxy Centers 3

- XDR >

H H/H, ~ 0.01

T~ 104K T~2000K

=

=

[aT )]

o

= ct.cC it e -
ik

H

=

k=

= ] ]
=

-

: :.:_: "1;,5_1',_,_,
2 . -~ 103 = = SR
X ~W2-100 X, ~100-102 X,,-:m'f;‘;gk

=

Fet* Fet Fe™T, Fﬁl”z:t—
Hig]‘n Hx.-"n Liovw H:,:;"u

Figure 1.2: Schematic overview of an X-ray Dominated RedgMaloney et al. 1996).

range, dust opacities are very low, and tracers such as C®, ld@d HCO provide
excellent diagnostics. We will model these lines with Phdimminated Regions (PDRs,
Tielens & Hollenbach 1985) and X-ray Dominated Regions ($DRaloney et al. 1996).
PDRs are regions irradiated by far-ultraviolet (FUW/< F < 13.6 eV) photons, which
are produced by O and B stars in star-bursts. Generally, weesg the impinging flux
betweers < E < 13.6 eV in units ofG, the Habing (1969) average interstellar radiation
field. XDRs are regions exposed to X-ray & E < 100 keV) photons, coming from
accreting black hole environments. These PDRs and XDRsxéeas®vely discussed in
Chapters 5 and 6, with their chemical structure in summedrizig. 1.1 and 1.2. The
PDR, with a modest ionization degree-of3 x 10~*, exhibits a clear stratified structure
in important interstellar species as H &tnd C", C & CO, whereas the XDR, with
electron abundances as largelas?, has a chemical structure where these species can
co-exist. These properties, studied in this thesis, leaghtque interstellar diagnostics
that distinguish the effects of massive stars (FUV photams) an accreting black hole
(X-rays) on the central regions of galaxies.
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1.3 This thesis

1.3.1 Partl

In Chapter 2, we give an introduction to observations of dugtlaxies. We discuss some
of the important results, the problems which have been emteoed, and the uncertainties.

In Chapter 3, we show a 85@m map of the interacting spiral galaxy M 51, which
has been observed with the JCMT. It shows well-defined sairak, closely resembling
the structures seen in CO and HI emission. However, most@B80 m emission
originates in an underlying exponential disk, a componbat has not been observed
before in a face-on galaxy at these wavelengths. The seatgH of this disk is 5.45 kpc,
which is somewhat larger than the scale-length of the steitk, but somewhat smaller
than that of atomic hydrogen. Its profile cannot be explaisekly by a radial disk
temperature gradient but requires the underlying dust e laa exponential distribution
as well. This reinforces the view that the sub-mm emissiomfspiral galaxy disks traces
total hydrogen column density, i.e. the sum of &hd Hi . A canonical gas-to-dust ratio
of 10026 is obtained fokgsy = 1.2 g~ em?, wherexsgs is the dust opacity at 850m.

In Chapter 4, we determine the surface density of the dustasidcular gas and the
CO-to-H, conversion factor in the spiral arms of M 51. The dust surfdessity is ob-
tained from the 85:m emission. Using the dust surface density, for each poitten
disk the surface density of the gas can be derived under tharggtion that the gas-to-
dust ratio has the same radial dependence as the metalisityeasured by the fractional
abundance of oxygen. By comparing these gas surface dengitih the observed total
gas density from 21-cm neutral hydrogen observations andl@@rvations of the molec-
ular gas, we can determine the CO-tg-¢bnversion factor as function of position within
the galaxy. The central total hydrogen-gas-to-dust-maiss is found to be 60. The re-
sulting CO-to-H conversion factor is consistent with other independentmenations
in M51 and shows a radial gradient.

1.3.2 Partll

In Chapters 5 and 6, we present a far-ultraviolet (PDR) anX-a&y dominated region
(XDR) code. We include and discuss thermal and chemicalgss®s that pertain to
irradiated gas. An elaborate chemical network is used aratrefd treatment of PAHs
and H, formation, destruction and excitation is included. Fothbmades we calculate four
depth-dependent models for different densities and radidields, relevant to conditions
in star-burst galaxies and active galactic nuclei. A dethdomparison between PDR and
XDR physics is made for total gas column densities betweeir*® and~ 10 cm~2.
We show cumulative line intensities for a number of fine-ctuee lines (e.qg., [ClI], [OI],
[CI], [Sill], [Fell]), as well as cumulative column dens8 and column density ratios
for a number of species (e.g., CQ/HCO/C, HCO/HCN, HNC/HCN). The comparison
between the results for the PDRs and XDRs shows that columsitgieatios are almost
constant up taVy = 10?2 ecm~2 for XDRs, unlike those in PDRs. For example, CO/C
in PDRs changes over four orders of magnitude from the edgé;te- 102 cm~2. The
CO/C and CO/H ratios are lower in XDRs at low column densities and risévat >
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1023 cm~2. At column densitiesVy < 1025 cm~2, HNC/HCN ratios are lower in XDRs
too, but they show a moderate increase to valudsat higher/NVy.

In Chapter 7, we present a comparison between independemtuter codes that
model the physics and chemistry of photon dominated regiB¥Rs). A number of
benchmark models are calculated, covering low and high gasitlesn and far ultravi-
olet intensitiesy (FUV: 6 < E < 13.6 eV). x is in units of the Draine (1978) average
interstellar radiation field, wherg = G(/1.71. The benchmark models are computed
in two ways: one set assuming constant temperatures, thtiisgehe consistency of the
chemical network and photo-reactions, and a second sehuateg the temperature self-
consistently by solving the thermal balance, thus testiegmodeling of the heating and
cooling mechanisms accounting for the detailed energynisalghroughout the clouds.
Our goal is to understand the mutual differences in the PDiRs@nd their effects on
the physical and chemical structure of the model clouds,taranverge the output of
different codes to a common solution. We identify a numbeweyf processes that govern
the chemical network and which are treated differently i@ ¥arious codes, such as the
contribution of PAHs to the electron density or the tempaaidependence of the dis-
sociation of CO by cosmic ray induced secondary photons,famdulate and define a
proper common treatment. By understanding the impact oPIDB geometry we agree
on how to compare the results from spherical and planedphRIDR models. As a result
from the benchmark calculations we establish a comprebersst of reference models
for ongoing and future PDR modeling. We conclude that thecherark results from the
PDR code, which is described in Chapters 5 and 6, comparewelfywith the results
obtained by other participating codes.

1.3.3 Partlll

In Chapter 8, numerical models are constructed from the s;odbich are presented in
Chapters 5 and 6, in order to determine the physical conditibat pertain to molecular
gas close to the sources of radiation, which are often fonnulclei of active galaxies.
These models iteratively determine the thermal and chdrbelance of molecular gas
that is exposed to X-rays (1-100 keV) and far-ultravioletiation (6-13.6 eV), as a func-
tion of depth. We present a grid of XDR and PDR models that spages in density
(102 — 10%° cm~3), irradiation (L0%° — 10°Gy andFy = 1.6 x 1072 — 160 erg cnT2 s71)
and column density3(x 10! — 1 x 10% cm~2). Predictions are made for the most impor-
tant atomic fine-structure lines, e.g., [CII], [Ol], [CIF{ll], and for molecular species like
HCO", HCN, HNC, CS and SiO up td = 4, CO and**CO up toJ = 16, and column
densities for CN, CH, CH, HCO, HOC, NO and NH*. We find that surface temper-
atures are higher (lower) in PDRs compared to XDRs for dissit 10* (< 10*) cm~3.
For the atomic lines, we find that, largely due to the différEDR ionization balance,
the fine-structure line ratios of [Sill] 36n/[CII] 158 um, [Ol] 63um/[CII] 158um, [Fell]

26 um/[Cll] 158 m and [CI] 369:m/[CI] 609 um are larger in XDRs than in PDRs, for
a given density, column and irradiation strength. Simylafbr the molecular lines, we
find that the line ratios HCN/HCOand HNC/HCN, as well as the column density ratio
CN/HCN, discriminate between PDRs and XDRs. In particiter HCN/HCO™ 1-0 ratio
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is < 1 (> 1) for XDRs (PDRs) if the density exceed8® cm~3 and if the column den-
sity is larger thanl0?* cm~2. For columns less thatn?*% cm=2 the XDR HCN/HCO
1-0 ratio becomes larger than one, although the individU@NH.-0 and HCO 1-0 line
intensities are weaker. For modest densities; 10* — 105 cm~3, and strong radiation
fields (> 100 erg s* cm~2), HCN/HCO' ratios can become larger in XDRs than PDRs
as well. Also, the HCN/CO 1-0 ratio is typically smaller in X3, and the HCN emission
in XDRs is boosted with respect to CO only for high (columnjsiey gas, with columns
in excess ofl 0 cm~2 and densities larger thaid* cm~3. Furthermore, CO is typically
warmer in XDRs than in PDRs, for the same total energy inputis Teads to higher
CO J=N+1-N/CO 1-0N > 1, line ratios in XDRs. In particular, lines withy > 10, like
CO(16-15) and CO(10-9) observable with HIFI/Herschelgdimsinate very well between
XDRs and PDRs. This is crucial since the XDR/AGN contribntwaill typically be of a
much smaller (possibly beam diluted) angular scale and 25%0PDR contribution can
already suppress XDR distinguishing features involvingMA@CO™ and HNC/HCN. For
possible future observations, column density ratios iadichat CH, CH, NO, HOC'
and HCO are good PDR/XDR discriminators.

The ISM of active galaxy centers is exposed to a combinati@osmic ray, FUV and
X-ray radiation. In Chapter 9, we apply PDR models to this I&lh both ‘normal’ and
highly elevated{ x 10~° s~!) cosmic ray rates and compare the results to those obtained
for XDRs. Our existing PDR-XDR code is used to construct nedeer a10®—10° cm=3
density range and for 0.16-160 erg'cm~2 impinging fluxes. An elevated cosmic ray
rate leads to larger high (/ > 10) CO PDR ratios, but these are always exceeded by the
corresponding XDR ratios. The [CI] 6Q8n/"*CO(2-1) line ratio is boosted by a factor of
a few in PDRs withm ~ 10 cm™2 exposed to a high cosmic ray rate. At higher densities
ratios become identical irrespective of cosmic ray flux,le/XDRs always show elevated
[CI] emission per CO column. The HCN/CO and HCN/HC(ne ratios, combined with
high J CO emission lines, are good diagnostics to distinguish éetWPDRs under either
low or high cosmic ray irradiation conditions, and XDRs. ldenwe conclude that the
HIFI instrument on Herschel, which can detect these CO Jwékbe crucial in the study
of active galaxies.

In Chapter 10, we assess the presence of star-forming i€gactive galactic nuclei,
and enhanced cosmic ray rates in the centers of nearby galdiough molecular emis-
sion of HCN, HCO', HNC, CO,!3CO, CS andCl]. We use the grid of PDR and XDR
models calculated in Chapter 8, where density, impinginy Rdd X-ray flux, and col-
umn density are varied for homogeneous slabs. We derivehilgh cosmic ray) PDR
and XDR components for individual galaxies, and define arthagc diagram, which can
be applied to other galaxies, e.g., (U)LIRGS, as well. Inegah we find that XDRs or
elevated cosmic ray PDRs are necessary to explain CO(D{)/0) and [CI]}2*CO(2-1)
ratios, which are tracing the diffuse part of the ISM. In parar, we find that NGC 1068,
often viewed as a pure AGN, needs a dense PDR component.

In Chapter 11, we conclude with an outlook. We discuss ptssilndel extensions,
which will be needed to interpret observations from futglescopes, such as Herschel
and ALMA. We suggest some possible diagnostic moleculesifwdccurate collision
rates become available) for future observations.
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CHAPTER 2
Introduction

The determination of the dust content in galaxies, espgadialrelation to the total gas
mass, has been a subject of discussion for several decadibee 1980s|RASmeasure-
ments seem to imply relatively high gas-to-dust-mass sdto spiral galaxies, ranging
from M (Hs)/Mause = 450 £ 270 (Young et al. 1986) t670 + 50 (Young et al. 1989) and

M (HI+ Hs)/Mguss = 1080 £ 70 (Devereux & Young 1990). These values are very much
larger than the Galactic value of about 100 originally preguabby Spitzer (1978). At least
part of the discrepancy is causedIRAS’ lack of sensitivity to cold dusti(;,; < 25 K),

as it operated in the far-infrared (FIR=10-100.m) only. IRASthus misses a possibly
large fraction of the total dust amount, emitting radiatioostly in the (sub)-millimeter
range A = 0.1 — 1.0 mm).

In the 1990s, telescopes operating at longer wavelengtiasnotrew insights. Instru-
ments such as the Sub-millimeter Common Bolometer ArrayJB&) at the James Clerk
Maxwell Telescope (JCMT), the Infrared Space Observatt89®J, and other bolometer
arrays find evidence for a significant contribution by redaly cold dust. Observations
in a number of well-studied galaxies show that the typicalgeratures of the dust are in
the range ofl5 < Ty, < 25 K (e.g., NGC 891: Guélin et al. 1993; M 51: Guélin et al.
1995; NGC 4631: Braine et al. 1995; NGC 891: Alton et al. 1996,C 891: Israel et
al. 1999; NGC 3079: Stevens & Gear 2000; NGC 6946: Alton e2@02). In general,

a fit of the SEDs in these galaxies requires the presence bfviexim and cold dust. By
contrast, in our Galaxy these components of the ISM are &jlgicesolved allowing for
single temperature SED fits.

Next, Dunne et al. (2000) observe 104 galaxies from®&SBright Galaxy Sample
as part of the SCUBA Local Universe Galaxy Survey (SLUGS) famdl an average dust
temperature of 3, = 35.6 + 4.9 K when fitting a single-component SED to the 60, 100
and 85Qum fluxes. The average gas-to-dust-mass ratio for this saispé +43, similar
to the values derived fronRASmeasurements a decade earlier and still much larger than
the value of, e.g., 160 for our Galaxy found by Sodroski e{#94) based ol€OBE
data at 140 and 240m. However, Dunne et al. (2000) fit single dust temperatuses t
the galaxies as a whole although their ISM is probably a cait@of unresolved colder
and warmer components as was found for the individual geaii the earlier studies.
Commenting on this possibility, Dunne et al. (2000) stage iha cold dust component of
20 K is assumed to be present the derived dust masses woul8-Bedltimes higher and
the gas-to-dust-mass ratios correspondingly lower argkclto the Galactic value.

Popescu et al. (2002) perform a survey with ISO in the Virgostr. After fitting
two component SED models to the 60, 100 and A#Dfluxes, they find that thERAS
determinations of the dust mass in these galaxies shouldibedrby a factor of 6-13.

9



10 Introduction

They obtain a median temperature of 18 K for the cold dust aomapt, in good agreement
with the range of values from the sub-mm telescopes. Steseak (2005) analyze 14

nearby spiral galaxies, and fit two-temperature modelsirfhean gas-to-dust-mass ratio
is 120 + 60, very similar to that in our own Galaxy.

Based on these recent results, it thus appears likely that galaxies have global gas-
to-dust-mass ratios similar to that of our Galaxy and theg@eged earlier discrepancy
is caused by an insensitivity of the observations to thegmes of an ubiquitous cold
dust component. Direct observations of this cold dust camptg however, often lack
resolution or are carried out in highly inclined systemseading little about its detailed
distribution within the galaxies.

The spatial distribution of dust and its relation to othempmnents of the ISM is best
studied in face-on systems, but at sub-mm wavelengthscaubiaghtnesses are typically
low. This particularly hampers the search for diffuse emisérom inter-arm regions. An-
other more specific problem is that, e.g., the SCUBA fielddef~y (2.3 arcmin) is small
compared to the angular size of the disks of nearby galaragsjring a scan-map type of
observing mode. For SCUBA this way of observing raises a femmications, because
of its requirement to chop on-source while scanning, whesults in the individual ob-
servations lacking sensitivity on spatial scales corragpm to the used chop-throw. By
combining observations with different chop-throws one o@nimize this problem, but
the largest-scale features remain poorly determinedydhicy the total flux density. The
example of NGC 6946 is illustrative. Little diffuse emissim the inter-arm region is
seen by Alton et al. (2002) in the 8%0n map. Consequently, they state that "relatively
little is known about how the dust is distributed with redpiecthe spiral arms and, in
particular, whether inter-arm grain material is prevaleninot”. The gas-to-dust-mass
ratios they find range from 60 in the center to about 100 in titeropart of the galaxy
(see Fig. 8 in their paper). Comparing their observationthhé&eoCO and HI 21cm line
emission, they find a good correlation between the @50mission and the CO emission
and no correlation between the sub-mm emission and the agasi This contrasts with
their observations of the edge-on spiral NGC 891 (Alton £118B8) where they find the
global radial profile of the 85@m to follow the CO emission in the inner region but at
larger radii to follow the atomic gas, suggesting an overattelation with the total gas
density.

At resolutions much lower than those provided by the JCMd& abld dust in galaxies
has been mapped with ISO in the far-infrared (Haas et al. 1P8escu et al. 2002;
Hippelein et al. 2003; Tuffs & Gabriel 2003; Popescu & Tuf@®)3). These observations
confirm the ubiquitous presence of cold dust below 20 K firgensbed by Chini et al.
(1986) and indicate that the cold dust component is smodalistyibuted over the disk
and heated by the diffuse interstellar radiation field (Mg et al. 2003; Xu et al. 1994).
Alton et al. (2001) report evidence for diffuse inter-armstlin SCUBA observations of
NGC 7331. For a recent discussion of ‘dusty disks’ see also@ii (2004).

M 51 is a well studied, face-on interacting spiral galaxy atassumed distance of
9.7 Mpc. It is well known for its strong CO emission, but camyr to NGC 6946 its
density-wave and spiral arms are well-organized and prentjrshowing a high contrast
in the radio continuum (see e.g. Tilanus & Allen 1991; 198Bihe distribution of cold
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dust in the nuclear region of M 51 has been mapped at 1.2 mm BjirGet al. (1995),
who notes a close correlation with CO line emission. OurentrB850:m observations
(Fig. 3.1) show that its dust emission is exceptionallyragroThe spiral arms are clearly
distinguished, but there is also a substantial amount o$gon from an extended diffuse
disk. To our knowledge, such a submillimeter disk has nonbdearly identified in
any other galaxy, but in view of the 1ISO observations disedgzreviously it may be a
common component of spiral galaxies. In Chapter 3 we expla@aature and properties
of this diffuse disk. In Chapter 3 we focus on the spiral ariide determine the dust
surface density from the 850m in the spiral arms and compare this to other tracers of
the ISM. Using the dust surface density, at each point tHaseidensity of the gas can be
derived with the assumption that the gas-to-dust ratio hasame radial dependence as
the metallicity, as measured by the fractional abundanaxydgen. By comparing these
gas surface densities with the observed total gas density #1-cm neutral hydrogen
observations and CO observations of the molecular gas, wde@rmine a radial profile
for CO-to-H, conversion factor, X. This way of determining the X-factsimdependent
from most other methods used in previous studies (c.f.elsghal. 2006; Guélin et al.
1995; Nakai & Kuno 1995).






CHAPTER 3

A sub-millimeter exponential disk in
M 51

A 850 um map of the interacting spiral galaxy M 51 shows well-defispatal arms,
closely resembling the structures seen in CO and HI emisskbowever, most of the
850 m emission originates in an underlying exponential diskp@gonent that has not
been observed before in a face-on galaxy at these wavekengtte scale-length of this
disk is 5.45 kpc, which is somewhat larger than the scalgtlenf the stellar disk, but
somewhat smaller than that of atomic hydrogen. Its profitemoabe explained solely by
a radial disk temperature gradient but requires the unaylglust to have an exponential
distribution as well. This reinforces the view that the subt emission from spiral galaxy
disks traces total hydrogen column density, i.e. the sum pérdl Hi . A canonical gas-
to-dust ratio of 108:-26 is obtained fokgs, = 1.2 g~ 'ecm?, wherekgs is the dust opacity
at 850um.

R. Meijerink, R.P.J. Tilanus, C.P. Dullemond, F.P. Israel] P.P. van der Werf, 2005
Astronomy & Astrophysics, Volume 430, pp. 427-434
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14 A sub-millimeter exponential disk in M 51

3.1 Observations and data reduction

M 51 was observed at 850m and 450um in the spring of 1998 and 1999 at the JCMT
using the Submillimeter Common User Bolometer Array (SCUBIIIand et al. 1999).

In order to map a 13/5 13.5 region around M 51, the camera was used in scan-map
mode during which it scanned at a rate &fBer second across the field, while the sec-
ondary was chopped with a frequency of 7.8 Hz in right aseener in declination to
cancel atmospheric signal variations as well as bolomeflGctuations. This uses the
revised version of the Emerson-Klein-Haslam algorithmpased by Emerson (1995).
The scan angle across the field, (1668°), was chosen such that the resulting image is
fully sampled. The total integration time was about 20 haym®ad over 6 nights.

To restore the brightness distribution of the source, thepamust be deconvolved
from the observed map by using a division in the Fourier plalenness et al. 2000).
The Fourier transform (FT) of the chop is a sine wave with eerat the origin and at
harmonics of the inverse chop throw. The initial observagiased chop throws of 20,
30, and 65 arcsecs. To minimize regions of low weight (claseetroes) in the Fourier
plane we later added throws of 44 and 68 arcsecs. Each indivabservation was flat-
fielded, corrected for atmospheric opacity, and de-spikeak. each of the 10 different
chop configurations the individual maps were co-added. N resulting 10 maps
were Fourier-transformed, weighted, and coadded. Thedszhomage was transformed
back to yield the finished image. This is the standard redndior SCUBA scan-map
observations as implemented in the SCUBA User Reductioilityasoftware (SURF:
Jenness & Lightfoot 1998).

The data were flux-calibrated using Mars and the secondandatds HL Tau and
CRL 618. In the final image, the beam-size at 850 is about 1% (FWHM). The cali-
brated image is shown in Fig. 3.1 and has an overall rms3mJy/beam. The inconspic-
uous source to the north is the nucleus of NGC 5195. The fansipiral pattern is clearly
visible and can be traced over a large fraction of the disks lEquite unlike the sub-mm
continuum observations of other face-on spirals, whichanegal lack the sensitivity to
trace the arms outside the inner region. The morphologyefitims resembles in detail
the one seen in CO emission (Aalto et al. 1999; Wielebinslkdl e1999), and we will
address the contamination of the continuum emission byaimdbine emission in Sect.3.

Remarkably, the 85@m emission from M 51, showing the distribution of the cool
dust, is dominated by a diffuse exponential disk, a compbtiet has not been directly
imaged before at sub-mm wavelengths and with a high resoliia face-on spiral. The
450 um observations also show spiral structure and an extenddd bii part because of
the difficulty in deriving an accurate flux calibration ane thoorer image quality we do
not discuss further the 45am data in this paper.

1The James Clerk Maxwell Telescope is operated by the JoimoAsmy Centre on behalf of the Par-
ticle Physics and Astronomy Research Council of the Unitetylom, the Netherlands Organization for
Scientific Research and the National Research Council od@an
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Figure 3.1: SCUBA calibrated and background-corrected 8%0grey-scale image of
M 51 with 850.:m contour superimposed. The contour levels are 13.5 ()..87, 40.5,
58.5, 72,90 and 117 mJy/beam. 13.5 mJy/beam correspond k&I srt. This image
clearly shows the extended 8nfn disk. The small source to the north is the nucleus of
NGC 5195.

3.1.1 Sky noise and background removal

Analyzing extended structures in SCUBA scan maps is a deljgaocess. While there
iIs no doubt about the reality of the exponential disk, cdrpfocessing is required for
reliable parameter extraction. There are a number of reafawrihis.

First, while regions of low weight have been minimized tlgbuhe use of many
different chop configurations, the zero near the origin & Bourier plane cannot be
suppressed. This results in a poor determination of theetargcale features in the map,
including the total flux density. The effect is similar to traused by missing short
spacings in radio interferometry observations and it hasdas effect on the background.

Second, chopping removes noise due to sky fluctuations withcqaency compara-
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Figure 3.2: Left: Fitted exponential disk subtracted frdra total 85Qum emission as shown in Fig. 3.1. Contour steps are 6 mJy/beam
(1.15 MJy srt). The maximum intensity of the disk is 66 mJy/beam with a majds scale-length of 1.95 Right: Contours of 85@m

in M 51 after subtraction of the exponential disk superimgzben a 6408 optical image (Tilanus et al. 1988). Contour levels are 12
(=1.50; 2.3 MJy srt), 24, 36, 56 and 72 mJy/beam. The image shows the centrolted8%0.m emission to be located along the
inner edges of the spiral arms and the optical dust lanes.
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Table 3.1: Galaxy parameters

M 51
Type' SAS(s)bcp
Radio Centre:
R.A. (B1950} 13127746.3
Decl.(B1950) +47°2710"
R.A. (J2000) 13'29"52.F
Decl.(J2000) +471142
V%R +464 km s
Inclination¢ 20
Position angleP¢ 170
DistanceD? 9.7 Mpc
Scale 21/kpc
Scale-lengths (disk): (arcsec) (kpc)
B 92.8+9.4 4.36+0.45
¢ 81.2t7.0 3.810.33
Re 80.4t6.1 3.7#0.29
Ke 87.11+6.8 4.09:0.32
Effective radius (bulge): (kpc)
B/ 0.94+0.72
v/ 0.98+0.52
R/ 1.07+0.57
|/ 1.06+0.50

Notes to Table 3.1:

* RSA (Sandage & Tammann 1987)
b Turner & Ho (1994)

¢ Tully (1974)

4 Sandage & Tammann (1975)

¢ Beckman et al. (1996)
 Laurikainen & Salo (2001)

ble to the chop frequency. It cannot remove the effect of assgggal which is steadily
increasing or decreasing during the scan, i.e., a slowlynaootonically varying compo-
nent in the sky. In such situations the ‘on’ minus ‘off’ willeays leave a small residual
sky signal. We have used the standard SURF opsicanrlb, to subtract a linear baseline
from each bolometer scan fitted to the outer 2 arcmin on eaehadithe scan. While this
significantly improves the flatness of the background, it lgive any ripples that may
be due tanon-linearvariations of the sky during each scan. To improve furtherghy-
noise removal we have used the SURF routialesky(Jenness & Lightfoot 1998), which
is similar to theremskyroutine used for non-raster data. A detailed discussiomes$é
methods is beyond the scope of the paper, but wdubrlb relies on the fact that there
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is no source signal at the edges of the megdcskymakes use of the fact that (a com-
ponent of) the sky noise is correlated across the bolometay during each integration
step. The application of both methods improves the flathéfisedbackground without
changing the overall appearance of the image.

Nevertheless, even with the application of the above, iveligt objective, methods,
background artifacts remain, likely because of the missiogrier zero. This is a com-
mon feature of SCUBA scan maps. We use an iterative procddurerrect the image
which involves subtracting an inclined exponential (thi#udie disk), un-sharp masking
and blanking of the remaining source signal (arms, nuc|dafipwed by a polynomial
plane fit and convolution to obtain a smooth, large-scaleesggmntation of the background.
The operations are done using the finished co-added imagie ¥dimparable to the pro-
cedure used by e.g. Alton et al. (2002), it is subjective iturea As guidelines we use the
following assumptions: the background is flat and the iaten-emission originates from
the diffuse disk only.

The exponential diffuse disk will be discussed separateleiction 4: we fit a scale-
length of 1.95, perhaps fortuitously the same as found for the 20 cm ‘bas&’ (@ilanus
et al. 1988), the inclination and position angle as in Table&nd fit a peak of 66 mJy/beam.
Across the disk of the galaxy the fitted background approiésa linear slope of 12 +
10 mJy/beam: from-2 in the south to-22 in the north. The mean level f12 mJy/beam
corresponds to (minug)f% of the 132 mJy/beam peak in the raw map. By inspecting the
resulting inter-arm regions (Fig. 3.2) we estimate the ld@ekground to be accurate to
a level of aboutt2 mJy/beam or about5% of the typical knots in the arms. Given the
overall rms in the image of 9 mJy/beam, this uncertainty ®alour times larger than the
statistical uncertainty of the mean over the areas inspgeétg. 3.1 shows the calibrated
observations after correction for the low-level largetedzackground fluctuations.

3.1.2 Total flux density

Using an aperture of'8 which just excludes the nucleus of NGC5195, we find an inte-
grated flux of14.5 + 1.1 Jy. The uncertainty quoted indicates the range of valuesdou
when varying the aperture from 7.#% 10 , not the uncertainty resulting from the back-
ground variations. To estimate the latter we inspect thetian of the mean level in
2.5 square regions around M 51, similar to the size of the nuceukinner arms. This
variation is about 0.5 mJy/beam and can serve as an indicatithe quality of the back-
ground correction where it is applied to regions alreadygdéy free from emission. By
contrast we note that th&2 mJy/beam uncertainty of the background in the inter-arm
regions, as mentioned in the previous section, is positithe south and negative in the
north, suggesting that the uncertainty of the zero levetiadver the whole of the disk
of M 51 is less than 2 mJy/beam. Based on these consideratieredopt an overall
uncertainty in the background level of 1.5 mJy/beam, whichresponds to 1 Jy when
summed over the’&perture. Finally, we need to add a 10% uncertainty in thedfuke
calibrators at sub-mm wavelengths. Treating the varioegtainties as statistical errors,
we derive a total 85@m flux for M 51 of 15 + 2 Jy. This value includes the contribution
from line emission within the passband of SCUBA's 84 filter, a topic which will be
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discussed in the next section.

3.2 Contamination by J=3-2 CO line emission

The broad passband of the SCUBA instrument includes thelamgth of the/=3-2'2CO
line. Thus, at any point in the map the continuum emissionsmeal by SCUBA is, in
principle, contaminated by CO line emission. In order toestigate the extent of the
contamination we obtained with the JCMT in spring 2001 a §€1@(3-2) spectra across
both inner arms of M 51 and supplemented these with archipedts of the nuclear
region. In the arms, the CO line contribution can be up to B@drcent of the observed
continuum emissioafter subtraction of the exponential diskhus, a substantial fraction
of the arm morphology seen in the SCUBA map directly resutismfcontaminating line
emission. Because of the apparently close correspondeteedn CO and dust emission
on a global scale (Guélin et al. 1995), the effect is mostlyrgitative and does not change
the overall morphology of the arms qualitatively. THe3—2 emission from the inter-arm
regions is weak and in individual pointings does not exchedhbise in the measurements.
In the center of M 51 we find an upper limit of 12 per cedt) to any line contribution
to theemission from the fitted disiConsequently, we may assume either a constant CO
contribution at any level below 12 per cent, or a maximum gbation of 12 per cent at
the center decreasing to zero at the outer edge. These twbpities thus define lower
and upper limits, respectively, to the 850 emission scale-length.

3.3 The diffuse disk

We have separated emission in the diffuse disk from arm eomiss/ subtracting an in-
clined exponential disk and making the assumption thatrttez-arm emission originates
from the diffuse disk only (see also section 2.1). The begsbfthe data is given by an
exponential disk with a maximum intensity of 66 mJy/beand ammajor axis intensity
scale-length of 1.95 corresponding to a linear scale-length of 5.45 kpc at tiseragd
distance of M 51. As 1 MJy st = 5.22 mJy/beam, the maximum intensity 66 mJy/beam
= 12.7 MJy sr!l. The subtracted exponential disk and the arm emission arersin
Fig. 3.2. The global parameters adopted for M 51, such asitente, inclination, and
position angle, are given in Table 3.1.

The apparent existence of a diffuse exponential disk rdig#iser interesting ques-
tions. What kind of dust distribution can account for suchigkdan exponential dust
distribution at a constant temperature, a constant dusttdison with a temperature gra-
dient, or both an exponential distributi@md a temperature gradient? What is the dust
mass in proportion to the amount of gas?

3.3.1 The Monte Carlo radiation transfer code RADMC

To answer these questions, we have modeled the observesi@mising a modified ver-
sion of the axi-symmetric Monte Carlo co®&DMC (see Dullemond & Dominik 2004).
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This continuum radiative transfer code is based on the ndettidBjorkman & Wood
(2001) and Lucy (1999), but adapted to suit the purpose sfpiaper. The basic idea
of this method is as follows. The input luminosity of the gyatcomes from the pop-
ulation of stars in the galaxy. At every location in the gagldkis is represented by a
wavelength-dependent source function with the spectigbesiof the local stellar popu-
lation. Integrated over wavelength and over space thiscgofunction yields the total
intrinsic bolometric luminosity of the galaxy. Each spatall represents a certain frac-
tion of this luminosity, dependent on the spatial distnbatof the stars. And within such
a cell each wavelength interval represents again a fractighis luminosity, depending
on the local spectral shape of the stellar population. ls Way each space-wavelength
cell represents a well-defined fraction of the total inpugrgy into the problem.

The total input luminosity is now evenly divided ovat,;,.. photon packages. These
packages are launched into the galaxy at random angles odomly chosen space-
wavelength cells, where the probability for each spaceelemgth cell to launch this
photon is proportional to the fraction of the total input lmwsity represented by that
cell. Each photon package is launched and performs a randdktiwrough the compu-
tational domain until it eventually escapes to infinity. éfthat, the next photon package
is launched.

As these photon packages travel through the computatiamaah they can experi-
ence scattering and absorption events. A scattering everglynchanges the direction of
the photon package, but an absorption-reemission everdlsarchange its wavelength.
The probability function for this random wavelengthiiB(\) /d\ ~ 0B\(T') /0T, where
T is the local dust temperature at the moment the photon packatgrs the cell. The dust
temperature changes during the simulation, increasinky thi¢ number of photon pack-
ages that have entered the cell. Each photon package ingvisifough a cell increases
the ‘energy’ of the cell proportionally to the energy of thegbon package, the lengtlof
the path through the cell and the opacity of the cell at thatelemgth. The temperature
of the cell is increased after each passage in such a wayhiaitial dust emission of the
cell 47 f0°° PaustkaBA(T)dA x Ve (WhereV, is the cell volume) equals the sum of all
contributionSpaust kil Lot / Npnot OF @ll photons that have so far passed through the cell.

The increase in the energy of the cell happens each time amphi@vels through
the cell, while a discrete scattering or absorption-resiais event (which changes the
direction and/or wavelength of a photon package) occurg antandom locations along
the path of the photon package. This random location is ¢chtusbe at an optical depth
of 7 = |log(ran(iseq))| away from the last discrete event, whete (is..q) iS a random
number between 0 and 1.

Once all the photons have been launched and have left thensydte dust tempera-
ture and scattering source function at every location inglexy have been determined.
Modulo random fluctuations this should be the correct testjpee and scattering source
term distribution. Now we use a ray-tracing code (part of ridgiative transfer package
RADI CAL (Dullemond & Turolla 2000)) to produce the desired imaged/anspectra.
But to verify whether this temperature and scattering seaecm distribution is indeed
the correct solutionRADMC has been tested in two ways. First, we have verified that
flux is conserved to a high level of precisioa (1%) by making spectra at many incli-
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nation angles and integrating over wavelength and ingbnab obtain the total output
luminosity. Since the spectra are produced using a rayAamde, and not by counting
the outcoming photon packages (as is the case for the BjarliéA/ood code), this en-
ergy conservation is not numerically guaranteed, and tbereepresents a good check
on the self-consistency. The code has also been testedsagany other codes in a 2-D
radiative transfer comparison project (Pascucci et al4200

3.3.2 Adopted disk structure

We assume that the stellar distribution consists of two camepts, the exponential disk
and the bulge. For the bulge we use a Hubble profile (Reyndds$;1Hubble 1930),
which models the stellar emissivity as:

+ ‘Cbulge(]- + BQ)_S/Z (31)

in which B is given by the expression:

(72 + (2/(b/a))*] %
Re

B = (3.2)
whereR enz are cylindrical coordinates(,, .. and L5 bulge and disk emissivities at
the center of the galaxy, respectivehly, and z, the respective stellar scale-lengths and
scale-heightsR, the effective bulge radius artda the minor/major axial ratio.

We explore both exponential and constant dust distribstiofhe parameterization
to describe the exponential dust distribution is the samthaisused for NGC 891 by
Xilouris et al. (1998):

R
p(Rv Z) = Pc €Xp (_h_d - Z_d) (33)
with p. being the central dust densiti, the dust distribution scale-length ang the
dust distribution scale-height. A constant dust distiifiutis obtained from the same
expression by putting the scale-length at infinity.

Extinction coefficients are obtained from the model desatiby Draine & Lee (1984).
We consider four different silicate-to-graphite ratioshe grains, 0.5:0.5, 0.4:0.6, 0.3:0.7
and 0.2:0.8. The particle sizesire set between 0.005 and 0,25 with a size distribution
proportional toa=3*. Our modeling does not include either polyaromatic hydrboas
(PAH's) or very small dust particles. Although these paescdominate the mid-infrared
emission at e.g. 10-20m, their contribution to sub-millimeter emission at 8bM is
expected to be negligible (see, e.g., Li & Draine 2001).

The spectral energy distribution of the stars is taken fromrmodels calculated by
Bruzual & Charlot (1993). Specifically, we use the model feoatinuously star-forming
galaxy with a star-forming rate afd—'° M, /yr per unit solar mass, assuming a galaxy
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age of 10 Gyr. We verify that decreases in the assumed age yo &r@&ven 1 Gyr do not
cause significant changes in the parameters needed to fibthend radial profile. The
dust temperature rises marginally, causing a small chantfesidust surface density. The
latter, however, is much more influenced by the uncertamtpé total luminosity.

3.4 Results and analysis

3.4.1 M 51 stellar parameters

First, the scale-length of the stellar emission must berdeted as accurately as possi-
ble, because it dominates determinations of the scaldHarighe 850um dust emission.
The stellar emissivity of M 51 has been extensively studigdBbckman et al. (1996)
who determined both arm and inter-arm scale-lengths ifzh&, I and K photometric
bands, where they did not correct for extinction. Their irdgam results are summarized
in Table 3.1. Emission in th& and I bands predominantly traces old stars which are
distributed more or less homogeneously throughout the diék use these bands to de-
termine the scale-length of the stellar emission. As thisssion is susceptible to dust
attenuation, we have taken extinction into account as v&krting with an initial esti-
mate of the intrinsic scale-length of the stars, the radatiansfer code computes a value
for the attenuated scale-length of the stars, which was ¢bempared with the observa-
tions.

The M 51 bulge effective radius has not been determined. Meryvas it does not
dominate the radial profile, we use a value of 1.03 kpc charitic of similar galaxies
(Laurikainen & Salo 2001), also summarized in Table 3.1.

Unlike the scale-length of the exponential star distribntithe scale-heights of both
the stellar disk and the dust are in effect degenerate: naoiktlata do not provide useful
constraints. For instance, a wide range of stellar scaight® yields almost identical
850 xm emission profiles. Dust temperatures are marginally sftgcrequiring some
changes in the 10 — 1g@m wavelength range of the spectrum. We keep the ratia,
identical to that found in NGC 891 (Xilouris et al. 1998). Qdnysly, as long as the face-
on optical depth is kept constant the sub-millimeter erissioes not change perceptibly
either when we vary the dust scale-height. When we increastsdale-heights from 0.25
to 0.35 kpc, temperatures change by no more than 1-2 degrees.

In order to determine the total luminosity of M 51, we intagréhe UV (OAO), vi-
sual and far-infrared (IRAS) flux densities as provided ia NMASA/IPAC Extragalactic
Database, the 170m point as given by Tuffs & Gabriel (2003) and our 8bth point.
We find a luminosity ofL,.; = 1.1 x 10! L, which corresponds to a star formation rate
of a few M,yr—!, with an estimated uncertainty of abait’%. Of this total luminosity,
about5% originates in the bulge and the remainiig/s in the exponential disk.

3.4.2 Disk parameter determination

Even if the stellar luminosity and the CO contamination anewn, the stellar scale-
height,z,, and the dust scale-height, are degenerate. Adopting values as outlined in the
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previous section, we explore the parameter space overvarables: (i) the total amount
of dust, which scales with the central face-on optical depthintegrated from infinity

to the galaxy center, (ii) the scale-length of the dust dtistion #,4, and (iii) the scale-
length of the stellar disk,, since the observed scale-length is attenuated by dusseThe
variables are uniquely determined when the stellar lumip@sd the CO contamination
are known. Since this is not the case, we identify combinatiof parameters that best
reproduced the observed 8ot radial profile.
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Figure 3.3: The model exponential disk (crosses) compardiaet actual emission of the
M 51 disk (solid line), forh, = 7.65 kpc, hs = 3.15 kpe, L = 1.1 - 10" Le, 7 = 4.35
and no CO contamination.

We have summarized the model results in Table 3.2. An exaof@dit is shown in
Fig. 3.3. Note that the model gives a poor fit in the very cenféiis is caused by the
presence of the bulge in the model which provides additidnat heating, hence more
sub-millimeter emission in the center. We only subtract disk component from the
observed emission.

In Fig. 3.4 we show the required face-on central optical kdpt a range of total
galaxy luminosities and CO contributions. For a luminodity, = 1.1 x 10' L., these
optical depthsy, ; range from 3.7 (assumiri@?% CO contamination) to 4.4 (zero contam-
ination). Inclusion of the luminosity uncertainty increashis to a slightly larger range
1v,; 3.4-4.8. The high optical depth derived here is consistétfit thie typically higher
values derived from far-infrared and sub-mm compared tacapbbservations (see, e.g.,
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Figure 3.4: Resulting optical depth for different lumintes assuming either zero CO
contamination (upper line) or an omnipresent maximum 12Zpat contamination (lower
line). The shaded area shows the possible solutions.

Table 3.2: Model results

CO contamination No Maximal Variable
hs (kpc) 3.15 3.15 3.15

hq (kpc) 7.65 7.65 8.65

vy (L=08-10"Ly) 4.8 41 4.2
Tvi(L=11-10"Ly) 4.4 3.7 3.7
Tvi(L=14-10"Ly) 40 34 35

Bianchi 2004). Popescu et al. (2000) find a value of 3.1 for NB9C. In this case, how-
ever, arm and interarm emission are fitted simultaneoudhe dssociated scale-lengths
vary likewise. For instance, as long as the CO contaminasi@onstant with radius, we
find a dust scale-length, = 7.65 kpc and a stellar scale-lendih = 3.15 kpc. On the
other hand, if the CO contamination is maximel¥o) at the center and minimal (zero) at
aradius of 10 kpc, we obtain a slightly larger scale-lerigth 8.65 kpc. The scale-length
h, remains the same within the uncertainties. The valuk;a6 somewhat smaller than
the scale-length of atomic hydrogen. The valué.pfs comparable to a scale-length of
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9 + 1 kpc that we derive for the atomic hydrogen outside 6 kpc (& Allen 1991).

In addition to a radial density gradient, we also find a ratkahperature gradient
because the stellar scale-length is much smaller than téiesdale-length, i.e., the stars
are more centrally concentrated than the dust. Radial teatyre profiles for the average
grain size at position = 0 kpc are shown in Fig. 3.5. When the dust scale-length istarge
we also see a steeper temperature gradient throughout leeyg@ihe small fluctuations
in the Fig. 3.5 profile are artifacts due to statistical noise
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Figure 3.5: Radial temperature profile for a total luminp$ir M 51 of L = 1.1-10'! L.
The solid line denotes zero CO contamination, the dottesl dirmaximum 12 per cent
contamination, and the dashed line a contamination daog&®m maximum in the
center to zero at the outer edge of M 51.

The good fit of the 85:m profile provided by exponential distributions with finite
scale-lengths already suggests that the M 51 disk is hamdiaie in terms of a radially
constant density distribution. We nevertheless attemfairtee such a fit, and find that this
can only be done if the M 51 stellar scale-lengths are more #maorder of magnitude
smaller than actually found. Thus, a constant densityitigion may be ruled out with
confidence. An exponential density distribution of the adlt is required to explain to
observed exponential 85m disk.

SCUBA sub-mm observations of the edge-on spiral NGC 891 esstgtpat the cold
dust distribution traces the total hydrogen column densgy, molecular hydrogen in the
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central regions and neutral hydrogen at larger radii (Fign Blton et al. 2000). Sub-
sequent far-infrared observations by Popescu & Tuffs (20@%e shown that the cold
dust emission traces the neutral hydrogen into the exteHtldask. The current observa-
tions of M 51, showing an exponential dust density distitiuta close association with
the molecular hydrogen in the central region, and comparabhle-lengths of the dust
and HI distributions at larger radii further reinforce theggestion that the cold dust is
correlated with the total hydrogen column density in gadaxi

3.4.3 Dust mass and gas-to-dust ratio

Once the density and temperature profiles are determinedayeimprinciple, determine
the radial dust mass distribution. In Fig. 3.6 we show théasermass densities as a func-
tion of radius for a graphite and silicate ratio of 0.5:0.5elpeak dust surface densities
are 0.90 (no CO contribution) and 0.%¥, /pc? (12 percent CO). The central gas (HI +
H, + He) surface density iE,.. = 60 Mgpc~? (Israel et al. 2006), with an estimated
uncertainty of 25-30%. This results in a gas-to-dust ratid317.

In this dust mixture, we have a dust emission coefficient@f = 0.9 g lcm2.
However, the actual value aks, is rather uncertain. James et al. (2002) used SCUBA
observations to derive a valugs, = 0.7 £ 0.2 g~'cm? but their data show a spread
in values for individual galaxies of a factor of two. Worseltgh et al. (2000) find a
three times higher value for the galaxy NGC 891, whereas dagiaet al. (1996) in the
laboratory come to a value about two times higher than thadaofes et al. (2002).

We can make an estimate f;, in M 51. When we increase the fraction of graphite
in the grains, a higher value for the dust emission coefftdeobtained. With a higher
dust emission coefficient, the surface mass density is loR@rsgs, = 1.2 g~ 'cm?, the
peak surface densities as shown in Fig. 3.6 will be 0.65 (na@@tribution) and 0.56 (12
percent CO). In Table 3.3, gas-to-dust ratios are showrolardifferent gas mixtures and
for a luminosity of L = 1.1-10' L. A canonical gas-to-dust ratio of 18@6 is obtained
with a dust emission coefficierts, = 1.2 g~'cm?, somewhat less than twice the value
found by James et al. (2002).

Table 3.3: Gas to dust-ratios
silicate:graphite rgso (g 'cm?) dust:gas

0.5:0.5 0.9 7317

0.4:.0.6 1.0 8221

0.3:0.7 11 9124

0.2:0.8 1.2 10826
3.5 Summary

1. SCUBA 850um observations of M 51 show a well-delineated spiral stnectu-
perimposed on a prominent extended exponential base disk.
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Figure 3.6: The dust surface density profiles for a silidatgraphite ratio of 0.5:0.5 and
ksso = 0.9 g~tem?; no CO contribution (solid line), 12 percent CO contributi@otted
line) and decreasing CO contribution (dashed line).

The observed base disk is evidence for an underlying el density distribu-
tion of cold dust in M 51. This reinforces the suggestion thatcold dust in spiral
galaxies traces the total hydrogen density, i.e. the sum,@irid HlI

. While throughout M 51 a radial temperature gradient ogchecause the stars are

more centrally concentrated than the dust, this gradiertsbif cannot be the origin
of the exponential nature of the observed 850 disk.

A reasonable estimate of the dust emission coefficiesgdan a canonical gas to
dust ratio of100 & 26, is kg50 = 1.2 g~ tem?.

. We find a stellar scale-length of 3.15 kpc and a dust scale-lendththat ranges

from 7.65 to 8.65 kpc.

. We find a typical central face-on optical depth; = 4.0.
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CHAPTER 4
The spiral structure of M 51 at 850 um

We will determine the surface density of the dust and mobkecgas and the CO-to-H
conversion factor in the spiral arms of M 51. The dust surfdessity is obtained from
the 850um emission. Using the dust surface density, for each poithtardisk the surface
density of the gas can be derived with the assumption thagalseto-dust ratio has the
same radial dependence as the metallicity, as measurecelyatttional abundance of
oxygen. By comparing these gas surface densities with tsergbd total gas density
from 21-cm neutral hydrogen observations and CO obsemnvatibthe molecular gas, we
can determine the CO-tosHtonversion factor as function of position within the galaxy
The central total hydrogen-gas-to-dust-mass ratio is dawnbe 60. The resulting CO-
to-H, conversion factor is consistent with other independer¢rd@nations in M51 and
shows a radial gradient.

R. Meijerink, R.P.J. Tilanus, F.P. Israel, and P.P. van derf\y2005
Astronomy & Astrophysics, submitted
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4.1 Observations

M 51 was observed at 85@m in the spring of 1998 and 1999 at the JCM1sing Sub-
millimeter Common User Bolometer Array (SCUBA: Holland ét 4999). The instru-
ment was used in scan-map mode in order to map th€ ¥3.8.5 field around M 51.
The scan angle across the field 6 +60°), was chosen in such way that the resulting im-
age is fully sampled. The total integration time was aboulh@0rs spread over 6 nights.
The initial observations used chop throws of 20, 30 and 65eardater throws of 44 and
68 were added. We use the standard reduction for SCUBA segmeiservations as im-
plemented in the SCUBA User Reduction Facility Software RFJJenness & Lightfoot
1998). A detailed description of the data reduction is giveSect. 2 of Meijerink et al.
(2005). The observations show the presence of an extendedlgst disk (Sect. 4 of
Meijerink et al. (2005)). In order to isolate the emissiorila# spiral arms we remove the
contribution of the extended disk by subtracting an indirxponential. The resulting
850 m emission from the spiral arms in M 51 is shown in Fig. 3.1.

4.2 Contamination by in-band.J =3 — 2 CO line

The broad passband of the SCUBA instrument at @80includes the wavelength of the
J = 3 — 2 12CO line. Thus, at any point in the map the continuum emissieasured
by SCUBA is, in principle, contaminated by CO line emissid@uch contamination is
negligible for the diffuse disk in the inter-arm region (y&zink et al. (2005). This is not
the case in the spiral arms, which contain a large amount oé@@@sion that can account
for up to half of the observed 85@m emission.

In order to correct for the line emission in the SCUBA obséorss, we need the =
3 — 2 2CO intensity distribution in M 51. Unfortunately, the lagienap available covers
a 70 x 140" area in the central part of M 51 (Israel et al. 2006), whichniy@a small
part of the complete 850m map. Kramer et al. (2005) recently concluded, howevet, tha
the CO(3-2)/CO(2-1) ratio measured at’'8@esolution is fairly constant at three widely
spread pointings, namely 0.76 at' (0" ), 0.75 at (-84 ,-84" ) and 0.76 at (+72,+84"),
respectively, relative to the center of M 51 as given in Table This suggests the use of
a large-extent, scalefl= 2 — 1 12CO map to correct for the contribution of thle= 3 — 2
line emission. Such a map fortunately is available.

Garcia-Burillo et al. (1993) mapped thle= 2 — 1 '2CO line emission in M 51 with
the IRAM 30m telescope. They covered an area’of3 and produced a fully sampled
map (i.e. with steps of’6) at an angular resolution of 12(FWHM). We convolve this
map to the 15 (FWHM) resolution of the JCMT observations. After correctifor the
beam efficiencies af,,, ~ 0.55 (IRAM 230 GHz) andy,,, ~ 0.63 (JCMT 345 GHz), we
calculated an average CO(3-2)/CO(2-1) ratio of 0.72 in ttea @overed by the map of
Israel et al. (2006). This ratio is in excellent agreemerthwhe values found by Kramer
et al. 2005 and was used to subtract a scaled version of th& — 1 2CO map from the

1The James Clerk Maxwell Telescope is operated by the JoimoAsmy Center on behalf of the Par-
ticle Physics and Astronomy Research Council of the Unitetylom, the Netherlands Organization for
Scientific Research and the National Research Council od@an
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Figure 4.1: Correction of the SCUBA 850n emission for in-band CO(3-2) line-emission. The maps shioawe been deprojected for
an inclination angle of 20 Left: CO(2-1) contours (Garcia-Burillo et al. 1993) overlaidtbe CO(3-2) (Israel et al. 2006) emission
map. Center: Amount of the correction (percent of observed): The cord@ue at: 10, 20, 30, 40, and 50 perceRight: The 850um
spiral arm continuum emission corrected for the in-band @@ssion. The contours are at: 10,20,30, and 40 mJy/beam.
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observed 85@:m map to correct for in-band CO line emission.

Fig. 4.1 shows the CO(2-1) contours overlaid on the CO(3-ap feft), after de-
projection according to the parameters given in Table 3.ie Genterpanel shows the
percentage contamination of in-band line emission baseti@scaled/ = 2 — 1 2CO.
The right panel shows the 850m emission in the spiral arms after correcting for the
contaminating CO line emission. We find the largest coroectn the center (up to 50
percent). The overall morphology of the 8aéh map, however, did not change signifi-
cantly, which indicates a close correlation between the GDdust.
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Figure 4.2: These figures show the 8ot emission in the spiral arms, corrected for in-
band line emission, overlaid on various other tracers offhieal structureTop left: Ha,
top right: red continuumgenter left: HI 21 c¢cm, center right: J=2-1'2CO, bottom left:
thermal, andottom right: non-thermal continuum emission, respectively.
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Table 4.1: Data sets used for comparison to 860emission

Data set Reference Resolutidn)(
64004 red cont. van der Hulst et al. (1988) 9

Ho Tilanus et al. (1988) 9
J=2-112C0O Garcia-Burillo etal. (1993) 12

HI 21 cm line Rots et al. (1990) 13

6 cm (thermal)  Tilanus et al. (1988) 8

20 cm (non-th.)  Tilanus et al. (1988) 8

4.3 Morphological comparison to other wavelengths

Now that we have corrected the 85 emission for contamination from the in-band
CO(3-2) line emission, we are in a position to make a morpdiokd comparison of the
distribution of the cold dust with other components of thMi&ee Table 4.1).

We convolved all data to the 159-HWM resolution of our data set (except for the red,
64004 continuum image), and deprojected the images adoptingahemeters as listed
in Table 3.1. We found it convenient to convert the differéata sets to polar-coordinates
(R, 0), wheref runs counterclockwise like the position angle (PA) @ik the distance
in arcsec from the center. Fig. 4.2 show the 880 sub-mm emission overlaid on the
other data sets. We define Arm | as the arm seen from a PA of OQa@@rees and Arm
Il as seen from 250 to 400 degrees in the polar coordinatesAtm | and Il correspond
to the the inner southern arm and inner northern arm, reseéct

The top row of Fig. 4.2 shows the 8N emission as it compares to thexldmission
from the HIl regions around newly-formed massive, young<iaft), and the red contin-
uum emission outlining the dust lanes and the broad steltas @ight). The middle row
shows a comparison with the HI 21 cm, tracing the atomic(g and CO line emis-
sion, tracing molecular hydroggnight). The bottom rows shows the radio continuum
emission. The thermal emissidleft) is closely coincident with the HII regions and the
Ha emission. On the other hand Tilanus et al. (1988) found ttehbn-thermal emission
is seen very near the dust lanes and conclude that it is atsd@ssociated with spiral
shocks.

The polar plots show that there is a minimum in the @59 emission in both arms at
radial distance between 80and 100 from the center. This is the same region, where
we find a transition from predominantly molecular hydrog@®{ and atomic hydrogen
(HI 21 cm). In the literature, this region is often assodiatéth the 4/1 resonance (Aalto
et al. 1999; Rand 1993).

The pitch angle of Arm Il is smaller in the center and beconagegdr than Arm | in
the outer part of the galaxy. The pitch angle of Arm | is moréesis constant. The arms
are clearly distorted, probably by the interaction with NGT95 north of M 51. As a
result, the properties of the two arms are quite distinctloBewe briefly discuss the
arms separately and a comparison is made.
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4.3.1 Arm I (Inner Southern arm)

This arm is very well defined at 850m and shows two extended bright regions
flanking the aforementioned minimum at"90T he intensity of these regions is 1.5
times larger than the brightest peaks in Arm II.

The ridge of 850um emission is coincident with the main dust lane inside the
minimum.

The broad optical stellar arms are coincident with the arn8&@,m. We identified
two bright regions at a radius of 8@nd 120 , which are located at a slightly larger
radius, than those seen at 8bf. In the inner part, a dust lane is obscuring the
optical emission.

The CO spiral arm emission shows the same extent as th@®@5mission in the
inner part of the galaxy. In the outer part, a small CO peakénsat the same place
where 85Qum shows a peak, but the CO emission is much less extended.

The HI 21 cm emission emission is not very well associateth wie spiral arms
seen at 85Q:m. Small emission peaks in the inner part are not coincidetit w
those seen in the sub-mm. In the outer part, there is also lHiséwn in the inter
arm region.

The Hx emission is located inside the 8pfn arms but associated with the bright
emission regions at 85@m. The emission region in the outer part is more extended
than that in the inner part. The emission af h the inner part is shifted to some-
what larger radii compared to the brightest emission at 880 which was also
seen in the optical continuum.

The non-thermal emission regions are located inside theu®@rm, but shifted
toward a smaller radius.

There are compact thermal radio emission peaks in the beigingsion regions at
850 um. They do not coincide with the CO emission emission, butetate well
with the HIl regions (Tilanus et al. 1988) in the outer region

4.3.2 Arm Il (Inner Northern arm)

This arm is well-defined in the inner part of the galaxy, butrenymoorly in the outer
part. The peak emission is lower than in Arm I.

The optical arm is shifted to a larger radius compared to 850 The optical dust
lane does not correspond to bright peaks in the sub-milemaist emission.

The CO emission is less strong compared to Arm |, but CO pe&ki®eaated at the
850 m emission peaks.

The HI 21 cm emission is somewhat stronger compared to Arndlcmrelates
somewhat better with bright peaks at 8a®, especially at larger radii.
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e Unlike in Arm I, the Hx emission peaks do not correlate with the peaks seen at 850
pm. The Hy emission regions are shifted to larger radius compared@q8barm.
The same is seen for the thermal emission.

¢ In the inner part, the non-thermal emission peaks are ldcatgde the 85Q:m
arm.

4.4 The dust column density

From the corrected 850m continuum emission for CO(3-2) line contamination, we can
derive a dust column density distribution, using:

I,
K:VBI/ (Tdust) ’

where [, is the intensityx, is the dust opacity, an®, (T4, ) is the Planck intensity
function. The dust temperature can be determined from tveaifip intensity maps, at
the same resolution, but at two different wavelength paintand,. In that case, the
recursive relation for the dust temperat(ig,; is given by:

i _ EBW (Tdust)
L/g Ruys Bl/2 (Tdust) .

We used the 60 and 1Qdn intensity maps of M 51 from the 1ISO Data Archive for the
determination of the dust temperature. We did not use@5Gince the sub-mm range
is in the Rayleigh-Jeans limit where the shape of the spectsunot sensitive to the
temperature. But the exclusive use of the 60 and A@0Dalso has a drawback in that
we have to assume that the same dust is emitting at both fnremse Components of
different temperature influence the two frequency pointdifferent ways. It is possible,
that a warm dust component is present. When such a compaenesent, the dust
temperature will be overestimated at 8bth. The adoption of too high a temperature
will result in an underestimation of the dust mass. It is guedo rewrite Eq. 4.2 to a
direct equation foff },:

Zdust = (4 1)

(4.2)

h(l/l — 1/2)
Toust = 4.3
W= (2 f92)" (L T) + Cr) 4.3)
whereC'r is a correction factor given by:
3+n

%1 ]I/z
CT = (1 — (1/_) (I_>) eXp(—hVQ/deust) (44)

2 V1

The emissivity coefficient. originates from the frequency dependent mass absorption
coefficient,x,, o v™. Chini et al. (1984a,b) found that the integrated emissiooool
galaxies has index = 2 and warmer galaxies has= 1. We taken = 1.5, but take into
account that there is an uncertaintyrirof An = +0.5. This results in a relative uncer-
tainty in the temperature ok 7'/T = 10%. For the reduction of the ISO maps, we used
the P32 reduction tools (Peschke & Schulz 2002) and subttacuniform background
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from both maps by determining the average flux after maskiig. léind its companion.
Finally, we deprojected the maps adopting the parametdrsted in Table 3.1 and con-
volved the 60um map from a resolution of 50'3(FWHM) to 83.9 (FWHM), which

is the resolution of the 100m map. The temperatures in the resulting temperature map,
Fig. 4.3, range from 25 to 35 K. The south-east part has atkfiigher temperature
than the north-west part of M 51, by about 5 K. The inter-argiors show somewhat
higher temperatures than the spiral arms. Devereux & Yot8§%) analyzed the 60 and
100 xm measurements from IRAS. They found dust temperaturesdaet®7 and 33 K.
They state, however, that including the KAO 174 measurement from Smith (1982) im-
plies that 90 percent of the dust should have a temperdtute< 16 K. Hippelein et al.
(1996) found dust temperatures of about 30 to 33 K by usinggthel00 and 17%m
measurements by ISO. The ISO L7 flux is, however, much lower than the KAO flux
found by Smith (1982). This makes the very cold dust compbagderived by Devereux
& Young (1992) uncertain.

For the opacity we used the valug,, = 1.2 cm?/g as found in Meijerink et al. (2005)
from Monte Carlo simulations. The actual value is very utaiaras illustrated by the
spread in values derived by other authors. James et al. Y2008d an average value of
kss0 = 0.7 £ 0.2 cm?/g in a sample of galaxies with a scatter by a factor of two.0Alt
et al. (2000) found a three times higher value for NGC 891 aglddze et al. (1996) came
up with a laboratory with a value about two times higher thaat bf James et al. (2002).
For the moment we adoptfactor of two uncertainty in this value. Therefore, the ded
surface densities from Eqg. 4.1 as shown in Figs. 4.4 and 4.8lao uncertain by a factor
of two. For the spiral arms, we find that the peak dust surfasesitly is 0.68 M pc2.
This increases to 1.33 Mpc 2, when considering both the spiral arms and the diffuse
disk. For the disk alone we would find a somewhat lower peak slugace density than
we derived in Meijerink et al. (2005). There we derived sormatower temperatures for
the disk, which resulted in a higher dust mass. We will corapgthese results to the gas
surface densities in the following sections.

4.5 The atomic and molecular mass

In order to compare the retrieved dust surface density totigaers, we first need to
derive the HI surface density. We will use this result to deiae the H surface density.
The atomic gas surface density is retrieved from thé X8solution map described by
Rots et al. (1990). The map is deprojected and convolvedtor&Solution for a proper
comparison to the 850m emission. The column density of neutral atomic hydrogen ca
be derived from the brightness temperature by usiif@il) = 1.823 x 10?*I(HI) (Kraus
1966, p.374). We find an average surface densififl) = 3.0 Mypc 2 in the inter-arm
region. This is subtracted to obtain the atomic surfaceitiemmsthe spiral arms, which is
shown in Fig. 4.4. In Fig. 4.5 the total surface density isvgno

A direct determination of the molecular mass in the arms ispussible, since H
emission is very hard to observe. This is explained by thetfeat H, is a symmetric
molecule, and, as a consequence does not contain a perndgredatmoment. Therefore,
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H, does not emit permitted rotational lines. The ro-vibrasibgpectrum in the near-IR
of H, can be observed. This, however, traces only the warm maebydrogen, which
is a small part of the total amount of,H Therefore, it is common to use CO emission
as a tracer. A serious drawback in this method is that thearsion of CO to H is not
constant throughout a galaxy. For example, the conversiofX = N(Hy/ [ T,dv)

in the Solar neighborhood is estimatedlat x 102° cm~2/(K km s7!) (c.f. Dame et al.
2001). Based on the deficit of gamma-rays, Blitz et al. (1985%hd that the conversion is
several factors lower in the Galactic center. Sodroski.€1&95) and Strong et al. (2004)
confirmed this, and found a gradient throughout the galaxerd&fore, it is not straight-
forward to make an estimate of the Hontent in galaxies by using CO observations. We
will use a different method as described by Israel (1997)stineate the H content of

M 51. We will evaluate the molecular surface density from tHeand 850um surface
densities in the following way:

E(HQ) = Zdustf(R) - Z(HI)7 (45)

where f is a total hydrogen-gas-to-dust-mass ratio as a functiomaditis. We assume
that this ratiof (R) is proportional to the fractional abundance of oxygen. Tinenalance
decreases with radius. Vila-Costas & Edmunds (1992) fouht bg(O/H) = 9.54 in the
center and a gradient of -0.14 dex/arcmin, based on dataNto@ull et al. (1985), Searle
(1971), Smith (1975), and Diaz et al. (1991). Zaritsky e{H94) found a characteristic
abundance 12 + log(O/H) = 9.23 at= 2.1’ from the center and a gradient of -0.07
dex/arcmin, but based this result only on data from McCad#lle{1985) and Diaz et al.
(1991). We use the average of the two gradients, normal@#tetcentral hydrogen-gas-
to-dust-mass ratig (0).

In principle, we can find the central gas-to-dust-mass réti® by looking for a
place in the galaxy without CO emission. At this place @b@michydrogen-gas-to-dust-
mass ratio is the same as tio¢gal hydrogen-gas-to-dust ratif( ?), when we assume that
molecular hydrogen is always associated with CO. From thiallf(R) we can calcu-
late the central ratigf (0) by using the above mentioned normalized oxygen abundance
gradient. In order to trace the CO emission, we uselthe2 — 1 '2CO antenna temper-
ature map from Garcia-Burillo et al. (1993). In the intemaregion, we find an average
emission ofl’; ~ 2.5 K. We subtract this value, when we consider the spiral arniys on
Unfortunately, most of M 51 is in fact associated with CO esius. Therefore, we use
a somewhat modified version from the above description. \Bedefine two ratios. The
first ratio is given by:

QHI/dust = Z(I—II)/(Zdustnorrn(R))7 (46)

which is the ratio between the atomic surface densityfiI), and the dust surface den-
sity, Xqust- In order to correctl,,, for the gradient in the gas-to-dust-mass rati@z),
we multiplied with the normalized gas-to-dust-mass ratiom(R) = f(R)/f(0). The
second ratio is given by:

QCO/dust = ](CO)/(EduStHOI'm(R)), (47)
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which is the ratio between the CO emission and the dust sudansity. The dust surface
density is again corrected for the gradient in the total gagdust-mass ratio by multiply-
ing with norm(R).

We expect that the total gas surface density is more or lesstaot relative to the
dust surface density corrected for the metallicity gratlignhe measured dust is a proper
tracer of the total dust and the gaQu/qus: represents the part of hydrogen in atomic
form, relative to dust.Qco/qust 1S the amount CO emission, which is used as the H
tracer, relative to dust. This implies that there shouldexinegative correlation between
these defined ratios, when we make a pixel-pixel plot of tlgsmtities. Whem) ) qust
increases, theco,q4ust Should decrease. In Fig. 4.7 we have plotgeh /q.s: Versus
Qur/aust- We find that the ratidv;/qus IS highest wherQco qus IS lowest. We have
fitted a linear profile through these points. The central bgdn-gas-to-dust-mass ratio
f(0) is found, where co /quse = 0. We find f(0) = 44 when we consider the spiral arms
only andf(0) = 23, when we use the spiral arms plus the diffuse disk. A reaspthfs
discrepancy can be that the CO is not a proper tracer,ahihe inter-arm region. The
transition from H to H is closer to the surface of a cloud than the transition fromt&€C
to CO. When clouds are dense and have large column den8itadifference in transition
is small compared to the cloud size and the transitions argeclto the surface of the
cloud. When the cloud density is low, it is difficult to readgincolumn densities and then
the difference in transition is important. Thisis illugtd in Fig. 4.6, where an example is
given of PDR model with a semi-infinite slab geometry, witmsieyn = 10*5 cm—3 and
radiation fieldG, = 17. For this model, we use the PDR code as described in Meij&ink
Spaans (2005). The transition from H tg I8 at a columnVy ~ 1022 cm™2 (ry ~ 1.0),
while the transition of C to CO is aVy ~ 10 cm2 (rv =~ 4.0). In Meijerink et al.
(2005), we found a value for the central face-on optical dept~, ~ 3.7 for the disk, so
it is very improbable to find shielded clouds were CO is prégetarge amounts.

The central hydrogen-gas-to-dust-mass ratio is derive@moassumed dust opacity
of kgso = 1.2 cm?/g. When the opacity is increased by a factor of two, the dudase
density would decrease by the same amount (Eq. 4.1). Thejfigli), however, would
increase with a factor of two. Therefore, the assumed opdoiés not affect the estimated
molecular surface density (Eq. 4.5).

In Figs. 4.4 and 4.5, we show the estimated molecular sudansity using Eq. 4.5.
We use the derived central hydrogen-gas-to-dust-massrgii0) = 44 and f(0) = 23
to calculateX(H,) for the spiral arms only and the spiral arms together withdtfieise
disk, respectively. When we ug€0) = 23 derived from the total emission of the galaxy
to calculateX:(H,) for the complete galaxy, we do not find a physical solutionef€his
too much atomic hydrogen mass subtracted in the outer pittie galaxy, which results
in a negative molecular mass. The problem is probably thatvaerestimatg (0) in this
case, since CO is probably not a good tracer ofrithe inter-arm region.

We also considered the possibility of a somewhat steepaliegrg throughout the
galaxy. In the calculations, we assumed the total gas-sp-ahass ratigf (R) proportional
to the abundance gradient in oxygen. We can also considgpdbeibility that f(R)
is proportional to the gradient in carbon. For an increasimgtallicity, the ratio C/O
becomes larger. As a consequence, the possibility exiatsthie gradient in the ratio
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Figure 4.6: PDR with density = 10>° cm~ andG, = 17.

f(R) is steeper than derived from the oxygen abundance. Unfaigly) the derived
central total hydrogen-gas-to-dust-mass rgti0) decreases in the center, when using a
steeper gradient. Therefore, we still obtain a negativesgwdar hydrogen surface density
Y (Hy). We conclude that it is only possible to obtaitiH,) for the spiral arms, when
using this method.

The molecular mass in the arms is much more concentrateddadwe center of the
galaxy, while a large part is atomic in the outer spiral arifsillustrate this, we plotted
the radial atomic and molecular gas surface density for pivalsarms in Fig. 4.8. The
central H surface density is about half the result from Israel et 206).

4.6 The CO to H, conversion factor

We can now derive the radial CO-tosldonversion factor X in the spiral arms. We do not
consider the spiral arms together with the underlying défwlisk, due to the problems
described in the previous section. We use the moleculamdygr surface density(H,),
derived in the previous section, and the= 2 — 1 12CO emission map of Garcia-Burillo
et al. (1993). We want to derive the X-factor fér= 1 — 0 12CO emission, and, therefore,
we need to scale the CO emission map, for which we use thesdsuin Kramer et al.
(2005). They derived CO(2-1)/CO(1-0) ratios in three wydgbread pointings, namely
0.73 at (0 ,0"), 0.57 at (-84 ,84" ) and 0.8 at (+72,+84" ), respectively. We use the
average ratio of the three, i.e. 0.7, in scaling the complBD¢2-1) map. The derived
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Figure 4.7: X(H)/(Zqustf(R)) vs. 1(CO)/(Xqustf(R)) for spiral arms Ieft) and spiral
arms + diffuse diskright). The contours represent the point density.
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radial dependent CO-to-Honversion is plotted in Fig. 4.8. We find a gradient for the
X-factor in the spiral arms throughout the galaxy, which iestly due to the gradient
in hydrogen-gas-to-dust-mass ratio. The gradient is gtyoreduced when this is left
out. We derive value 0.2 x 10?*° cm~2 / (K km s7!) in the center of M 51 td.3 x
102 cm=2 /(K km s™!) at 140 .

When we would have made a lower estimate of the CO emissioheinnter-arms
region, the radial slope of X would be somewhat less steep.€efiect of this estimate is
largest in the outer part, where forfg ~ 1.5 K, the X factor would be 50 percent lower
at170 .

4.7 Discussion

We derive a value for the central gas-to-dust ratio in theesprms of 59 (by multiplying
the central ratigf (0) = 44 by 1.35 to include the contribution of He as well). At2fiom
the center the ratio has increased by factor of two. This ishmtower than the value 195-
390 suggested by Dunne et al. (2000) assuming the presebothofold and warm dust.
Stevens et al. (2005) derived an average gas-to-dust fatithe-60 for 14 nearby spirals.
This is consistent with our result, and some of their galskiave even much lower gas-
to-dust ratios /g5 / Maus: =33 for NGC 2903 and/,s/Maus:=7 for NGC 3310) than we
derive for M 51. Our results are also comparable to thoseddon NGC 6946 (Alton
et al. 2002). We must state, however, that our ratio wouldsipbgs be decreased, when
we would use a two component fit. Another factor is the dustipavhich introduces a
factor of two uncertainty in the gas-to-dust ratio.

We determine(H,) by using the distribution of dust ard(HI). We find a central
surface density oE(H,) = 13 Mopc2, which is about half the average value obtained
by Israel et al. (2006). The method we use works quite welhangpiral arms, but not
when the complete galaxy is considered. In order to fiH,), we first need the central
gas-to-dust ratigf (0). In order to find this, we need the CO emission distributiomas
H, tracer. It seems, however, that CO might not be a good trdddy, an the inter-arm
region. This underestimates the gas-to-dust ratio, and,a@nsequence, the,lsurface
density.

The method to determine the CO tg ldonversion factor is independent from the
method used by other authors. Israel et al. (2006) used-laipeity gradient radiative
transfer models to model the obsen/8@0 and"3CO and to derive the Hcolumn den-
sity. Nakai & Kuno (1995) used visual extinctions and the @@msity toward 30 HlI
regions. Guélin et al. (1995) used the L& emission from cold dust. Their results
are over-plotted in Fig. 4.8 for comparison. The X-factothe center of M51 has been
calculated by Israel et al. (2006) and Guélin et al. (199B)ey find an X-factor four
times lower than the standard Milky Way valie; 4 0.25 x 102° cm~2 /K km s~L. This
value is somewhat higher than the value we find in the cerggibn of M51, which is
0.2 x 10 cm=2 / K km s!. Our results are somewhat lower than the values found by
from Nakai & Kuno (1995). This might be explained by the fdwttwe determined the
global X-factor in the arms, while Nakai & Kuno (1995) measithe X-factor in the
neighborhood of HIl regions. CO is easier dissociated tharamtl this can result in a
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higher X-factor.

4.8 Conclusions

1.

We find prominent spiral arms at 8o, after correcting for the exponential disk
and contamination by CO(3-2) emission.

. We made a detailed comparison to other components of ita apns, which show

remarkable resemblances and differences.

. We find that the 85@m emission correlates well with CO in the arms out to a radius

of 80" , and much more strongly with HI at radii larger than 1QGuggesting a
clear break between those two radii, apparently correspgrio a 4/1 dynamical
resonance in the M 51 system.

In a related way, kis the dominanant gas component at radii less thah,50
whereas HI is the dominant one at larger radii as expectedrze{00 . The
total gas distribution also shows a broad minimum betweérabd 100 .

. The central hydrogen-gas-to-dust-mass ratio is 44, laatbtal gas-to-dust-ratio is

60. This is about half the value in the Solar neighborhood.

. The method to determine the CO-tg-ebnversion factor from the atomic and dust

surface density, and CO emission turns out to give good tedolit can only be
applied considering the arms.

. The CO-to-H conversion factor is small in the centér.2 x 10 cm=2 /K km s~ !,

and increases to.3 x 10** cm~2 /K km s! at a distance of 170from the center.
One needs to be very careful in applying a global CO-tcebhversion factor to a
galaxy.
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Figure 4.8:Left The radial molecular, atomic and total gas surface demsity column
density.Rightthe column density ratio and the CO-tg-Ebnversion factor X. The results
for the X factor from Nakai & Kuno (1995) are represented by tpen diamonds, and
from Guélin et al. (1995) and Israel et al. (2006) by the twazontal lines.






Part |l
PDR and XDR models

a7






CHAPTER b
Code description

Photon-dominated regions (PDRSs) are regions in the imasmedium (ISM), where the
radiation field completely determines the temperature drenical composition of the
gas. These PDRs are formed under various conditions andamga of different scales.
They are found close to OB stars as well as cooler A en F stésy @re also associated
with planetary nebulae, active galactic nuclei (AGN) anatpokevaporating planetary
disks around newly formed stars as well as diffuse cloudsncdePDRs cover a wide
range of astrophysical environments and trace the ovemnaligy balance of the atomic
and molecular ISM for densities ef 102> — 10° cm~2 and temperatures ef 10 — 10*
K. The term 'PDR’ is usually reserved for impinging radiatiields that peak in the
FUV, while 'XDRs’ (X-ray dominated regions) are formed nestirong sources of X-ray
emission.

Here, we present a far-ultraviolet (PDR) and an X-ray dot@daegion (XDR) code.
We discuss the various thermal and chemical processesdhairpto irradiated gas. An
elaborate chemical network is used and a careful treatnmfePBEls and H formation,
destruction and excitation is included.

This chapter contains modified parts from:

R. Meijerink & M. Spaans, 2005
Astronomy & Astrophysics, Volume 436, pp. 397-409

49
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5.1 Introduction

Gas clouds in the inner kpc of many galaxies are exposed émset radiation, which
can originate from an active galactic nucleus (AGN), staisbregions or both. O and B
stars dominate the radiation from star-bursts, which istimas the far-ultraviolet 6.0 <

E < 13.6 eV), turning cloudsurfacesinto Photon Dominated Regions (PDRs, Tielens
& Hollenbach 1985). Hard X-rays) > 1 keV) from black hole environments (AGN)
penetrate deep into clowsblumescreating X-ray dominated regions (XDRs, Maloney et
al. 1996). For each X-ray energy there is a characteristittdehere photon absorption
occurs. So for different spectral shapes, one has difféhemtnal and chemical structures
through the cloud. Although one source can dominate oveotiner energetically, (e.g.,
an AGN in NGC 1068 or a star-burst in NGC 253), the very diffenehysics (surface vs.
volume) require that both should be considered simultasigon every galaxy.

In PDRs and XDRs, the chemical structure and thermal balareceompletely deter-
mined by the radiation field. Therefore, PDRs and XDRs arectiimanifestations of the
energy balance of interstellar gas and their study allowestordetermine how the ISM
survives the presence of stars and AGN (Tielens & Hollend#85; Boland & de Jong
1982; van Dishoeck & Black 1988; Le Bourlot et al. 1993; Welfet al. 1993; Spaans
et al. 1994; Sternberg & Dalgarno 1995; Stoerzer et al.1$fians 1996; Bertoldi &
Draine 1996; Maloney et al. 1996; Lee et al. 1996; Kaufmar.et299; Le Petit et al.
2002 and references therein).

PDRs and XDRs have become increasingly important as diéigrtosls of astro-
physical environments with the advent of infrared and (sublimeter telescopes. PDRs
emit fine-structure lines of [CI] 609, [CII] 158 and [Ol] §3n; rotational lines of CO;
ro-vibrational and pure rotational lines of;Hmany HO lines as well as many broad
mid-IR features associated with Polycyclic Aromatic Hychdoons (PAHS). In PDRs,
the bulk of the H is converted into atomic hydrogen at the irradiated edgejCGissoci-
ated to neutral carbon and oxygen, and carbon is subseyimmized to C'. XDRs emit
brightly in the [OI] 63, [CII] 158, [Sill] 35, and the [Fell] 26, 1.64:m lines as well
as the 2um ro-vibrational H transitions. The abundance of neutral carbon in XDRs is
elevated compared to that in PDRs and the chemical transifrom H to H and C' to
C to CO are smoother (Maloney et al. 1996).

In this chapter, we discuss and compare the cooling, heatidgchemical processes
included in the far-ultraviolet (PDR) and X-ray dominatedions (XDR) models. These
codes can be used over a broad range of ambient conditionpheysical scales, e.g.,
young stellar objects, planetary nebulae or gas outflow iaxyeclusters.

5.2 The Photon-dominated Region model
The global properties of PDRs are determined by a numberysipal processes:

e Heating through photo-electric emission by dust grains BAHIs (c.f. Bakes &
Tielens 1994, Weingartner & Draine 2001).
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e Heating by FUV pumping of K followed by collisional de-excitation (c.f. Hollen-
bach & McKee 1979).

e Heating by cosmic rays (c.f. Field 1969).

e Fine-structure line cooling of [CI] 609, [CII] 158, [Ol] 14&nd 63um (c.f. Tielens
& Hollenbach 1985; Spaans et al. 1994).

e Molecular line cooling by warm molecular gas containing G, H,O, OH and
CH (c.f. Neufeld et al. 1995; Spaans & Silk 2000).

¢ lon-molecule reactions driven by the ionization degree-ot0~* maintained by
the ionization of carbon in the FUV (c.f. Black & Dalgarno I®@%an Dishoeck &
Black 1986).

e The ionization balance of atomic gas under the influence ofglonization reac-
tions driven by FUV photons and counteracting recombimesind charge transfer
reactions with metals and particularly PAHs (c.f. Lepp & §aino 1988; Bakes &
Tielens 1994).

As one moves into a PDR the extinction along the line of sigtitaases and the impinging
radiation field is attenuated. Consequently, there are ttim@g over which the chemical
composition of the PDR changes in a fundamental way. Theftimlamental change
occurs at the very edge of the PDR as atomic hydrogen is cavaro H, because the
Lyman and Werner electronic bands that lead to dissociatidhe H, molecule in the
FUV become optically thick (so-called self-shielding). dper into the PDR, at about 3
mag of extinction, ionized carbon is quickly converted ingutral form as the FUV flux
decreases due to dust absorption. C is subsequently travexfanto CO, since the FUV
field is reduced by grains,Hmutual shielding and CO self-shielding.

The first few magnitudes of extinction of the PDR are usuafeired to as the radical
region since many carbon hydrides and their ions, e.g., Gi,,CN, HCN, HCO (and
also CQO), reach their peak abundance there, caused by the presenothdC" and H
and the high4 10% — 103 K) temperatures. lon-molecule reactions take place tlzat le
to the formation of a large number of different molecular@ps. Many of the atoms
and molecules in (the radical region of) a PDR are collisiignexcited at the ambient
densities and temperatures, and emit brightly in the midARR, millimeter and sub-
millimeter.

The global characteristics of any PDR are defined by a few kegmeters:

e The strength of the impinging radiation fiel@;, or Iy, in units of the Habing
(1969) or Draine (1978) radiation field, respectively, det@es the total available
radiative flux at the edge of the PDR.

e The temperature and the ambient hydrogen density= n(H) + 2n(H,), sets
to a large extent the pace of the chemical reactions and ttitagan rates of the
coolants.
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e The metallicityZ, in units of the solar valug,, constrains the total abundances
possible for carbon- and oxygen-bearing species and hafluences the chemical
and thermal structure.

e The spectral shape of the impinging radiation field, paranetd by the color tem-
peraturel g for black bodies or the frequency slope for power laws, fixesdis-
tribution of photon flux over energy.

In the next few subsections the chemical and thermal preseae discussed in more
detail. In the rest of the paper we uSg, the Habing flux, as the normalization in which
we express the incident FUV radiation field, wherg = 1 corresponds to a flux of

1.6 x 103 erg cm™2 571,

5.2.1 Heating processes
Grain heating

In PDRs the photo-electric emission from (small) dust ggand PAHSs is the dominant
heating source. Absorption of FUV photons leads to the igjedf electrons which carry
some energy of the photon away in the form of kinetic enerdpys €xcess kinetic energy
leads to heating of the gas through elastic collisions. &épgast decade, it has become
clear that carbonaceous interstellar grains extend itortblecular domain. These PAHs
can contribute a large fraction to the total heating rateke3a& Tielens (1994) deter-
mined the net photo-electric heating rate and evaluateshplsianalytical expression for
the heating efficiency, dependent 69, the kinetic gas temperatufie and the electron
density,n., which is given by

Lgrain = 107 ¢ Gf)’dust ny erg cm S s (5.1)

where the radiation fieldr ;. is the radiation field attenuated by dust absorption (Black
& Dalgarno 1977) given by

0.dust = Go exp(—1.8 Ay). (5.2)

Ay is the visual extinction at optical wavelengths caused lgratellar dust. Bohlin
et al. (1978) relate the total column density of hydrog®p,= N (H) + 2N (H,) to color
excessE (B —V):

N,

E'(Bii‘/) = 5.8 X 1021 Cm_2 mag_l. (53)
In the literature the results of Savage et al. (1977) arenafted, but in this paper only,H
(and not H ) is taken into account. For historical reasons the radidfiield attenuation
is expressed in visual extinctiody, = 3.1FE(B — V), andAy = 5.34 x 10722 Ny. The

heating efficiency is given by
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4.87 1072 3.65 - 10~2(T}./10)°7
= o + i/ - /2) . (5.4)
[1+4-1073(GoT* /ne)o™] 142 1074(GoT? /ne)]

The efficiency depends on the ratig, Tk1/2/n0, which is the ratio of the ionization and
recombination rates. For low, 7,/*/n., grains are neutral and the heating depends

linearly on the incident radiation field. For a high value@f Tkl/z/nc, the grains are
positively charged and then the heating rate is proportitmine producti.ny.

Carbon ionization heating

At the edge of the cloud, most of the carbon is singly ioniZEte photo-electron energy
released in an ionization B E- = 1.06 eV. The ionization rate, at a certain point in the
cloud, is given bykisn = 1.76G{ .10, 5~ '- The heating rate due to the ionization of
carbon is then given by

FC = Rijon n(C) AEC (55)

After substitution of numerical values we get the followihgating rate for the local
radiation fieldG;,

,carbon*

[c =279 x 107% n(C) ergcm 2 st (5.6)

!/
0,carbon

where this timeGy ..., IS the radiation field attenuated by dust absorption (Black &

Dalgarno 1977), carbon self-absorption (Werner 1970) apdlitielding (de Jong et al.
1980):

0 = Goexp(—2.4 Ay — 7¢ — 7b/7v?) x (1 + 7b/7v}) 71, (5.7)

0,carbon

where the unit-less parameters are given by

e = 1077 N(C) (5.8)
T = 12x 107" N(Hy) dvy* (5.9)
b = 92 x107° dvy! (5.10)

v = 5x10% vyl (5.11)

N(C) andN (H,) are the column densities of neutral carbon and moleculardggh and
dvq is the Doppler line width irkm s—*.
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H, photo-dissociation heating

Absorption of Lyman-Werner band photons leads to the ettaiteof H,. About 10%
of the excitations leads to decay into the continuum of tleeigd electronic state (Field
et al. 1966; Stecher & Williams 1967). The heating relatethi® dissociation is given by

I' = 0.1 Kexe. < Faiss >, (5.12)
where< Eg > is the mean kinetic energy of the H atoms and is set to 0.4 e¥d($p
1996). The excitation rate of Hs given byrkey.. = 3.4 x 10710 Go.1,» WhereGy 5, is the
local radiation field given by

01, = B(7)Go exp(—2.5 Ay). (5.13)
Self-shielding is explicitly taken into account for the @ation of H,, by the introduction

of the shielding factoi(7) (see 5.2.3). After substitution of numerical values we get a
heating rate of

Iy, = 2.2 x 1072 (1) Goexp(—2.5 Ay) erg em ™ 571 (5.14)

H, collisional de-excitation heating

FUV excitation is followed by decay to ro-vibrational legeh the ground state. Colli-
sional de-excitation leads to gas heating. This cascadeegsas very complicated, but
we simplify this process by using a two-level approximat{see 5.2.3). The resulting
heating rate is given by

i, = [n(H)710 + n(He)1i¢ n(HaV) B, erg em™ 57", (5.15)

where the coefficients are given by Hollenbach & McKee (1979)

A = 1072 T2%exp(—1000/Ty) (5.16)
e = 1.4 x 10727 %exp(—18100/(Tj + 1200)). (5.17)

Both of the above expression are in unitsof® s—*.

Gas-grain collisional heating

When gas and grains differ in temperature they can transfat through collisions. The
heating rate of the gas is given by (Hollenbach & McKee 19889)
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T \? /100 A\ "?
Do = 1.2x 107302 [ =X 1
i <107 (1000 P (5.18)

x[1 — 0.8 exp(—75/T)(Ty — Ty).

The minimum grain size is set af,;, = 10 A and the dust temperatui§ is given by

Ty = (8.9 x 107" 1Gpexp(—1.84y) + (5.19)
2.7° 4+ 3.4 x 1072[0.42 — In(3.5 x 1027100 T)] X T100TP)"2,

based on the results of Hollenbach et al. (199})and o are given in equation (5.29).

Gas-grain viscous heating

Radiation pressure accelerates grains relative to therghtha resulting drag contributes
viscous heating to the gas. Grain acceleration time scedeshart compared to other time
scales, and therefore the grains may be considered movthgiatocal drift velocity,v,.
All the momentum is transferred to the gas, predominantlCbulomb forces. For drift
velocities< 10° cm s™! (Spitzer 1978), no significant gas-grain separation takaesep In
the following, we takey; = 10> cm s, The heating rate is given by

Fvisc. = 87Te4ndZ§(k:Tk)_1(lnA)Ud[n(C+)G(yc+)—i—nOG(yo)], (520)

whereng is the grain volume density;, is the grain chargey(C™) andn,, are the respec-
tive C* and electron volume densities and the functiarendG(y) are given by

A = 1577 (k)" (7ne)~"° (5.21)
1 2 .
Gly) = TyQ{erf(y)—mye 1 (5.22)

wherey = vy /vy, anduy, the thermal velocity of € ions and electrons:rf(y) is given
by

erf(y) = /Oy e " dt. (5.23)

Cosmic-ray heating

Cosmic ray heating is not important at cloud edges, as iteggrniaput is exceeded by
many orders of magnitude by photo-electric heating. Deéper the cloud the FUV
radiation is attenuated by dust and cosmic ray heating ceonbe important. Glassgold
& Langer (1973) and Cravens & Dalgarno (1978) calculated tha amount of heat
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deposited in a molecular gas is about 8 keV per primary idiuma Then, Tielens &
Hollenbach (1985) find for the total heating rate, includiraium ionization
Ler = 1.5 x 1071 ¢ n(Hy) erg cm ™ 571, (5.24)

where( is the cosmic ray ionization rate pes fholecule.

5.2.2 Cooling processes
Cooling

The radiative cooling rate due to the transition from lemel level j of species: is given

by

Su(vig) — P(vy)
Sa(vij)

wheren; is the population density of speciesn level i, A;; the spontaneous transition

probability, hv;; is the energy difference between levélandj, 7;; is the optical depth

averaged over the line, amtl,.(7;;) is the escape probability at the optical deptiof the
line. The source function is given by

Ax(%’j) = niAithijﬂosc(Tij) (5-25)

2hu3. . -1
Sulg) = —5” (9””—1) , (5.26)

02 gj’fli
whereg; andg; are the statistical weights of the upper and lower levepheesively. The
background radiation field is given by (Hollenbach et al. )99
P(I/Z]) = B(Vijv T = 27 K) + (042 — Td)TdB(Vija To), (527)

where a dust opacity; < 1 is assumed. It consist of the 2.7 K microwave radiation and
the dust mean continuum background radiation charactebyea temperaturé, and a
total emission optical deptty. T, and are given by

Ty = 122G%*K (5.28)
0 = 2.7 x 102Gy /T. (5.29)

and the dust opacity at the appropriate wavelengkbllows:

100 um
Td’)\ = T100 ( )\lu ) . (530)

The level populations are calculated by solving the equoatad statistical equilibrium (de
Jong et al. 1980)
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l l

J#i J#i

where! is the total number of levels included and

Rij = Aijﬁesc(Tij)(l + Q”) -+ Cij, 7 > ] (532)
Rij = (95/9i) AjiBesc(Tj1)Qji + Cij, 1 < J. (5.33)

In these equations the collisional rate from levéb j is represented by’;;. The back-
ground radiation is contained {Q;;

CZ

Since the set df statistical equilibrium equations is not independent, afithe equations
has to be replaced by the conservation equation

l

ne =S n; 5.35
S . (5.35)
=0

wheren, is the total volume density of species The optical depth averaged over the
line is given by

75 (2 Ayyc” Zn- 4 ni(2)gi _ ] dz 36
o0 =g [T | ! (5.36

B 8y, ni(2')g; vy’

The integration has to be done from the edge of the planelpbaci&ud to depth:. The
probability that a photon escapes through the nearest laovmslapproximately given by
(de Jong et al. 1980)

1 —exp(—2.347)
Bese(T) = 168, : T <7 (5.37)

@I

In equation (5.37) it is assumed that only half of the photarsescape, the other half is
emitted in the semi-infinite slab.
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Fine-structure line cooling

Since most of the gas is atomic in the radical region, the danticoolants are the atomic
fine-structure lines. The most prominent cooling lines & [CII] 158 um and [Ol]

63 um and 146um lines. For the calculation of the thermal balance we alge tato
account Sf, C, Si, S, Fe and Fe All atomic data used are listed in Table 5.1. We take
into account collisions with electrons,*tHH{H and H, (ortho and para) for the excitation
of the species to different levels. In the PDRs, collisionithwi* are not the dominant
excitation source but in XDRs the ionized fraction of hydzagcan be as large as ten
percent and become important for the excitation of somddeve

Metastable-line cooling

We included the metastable cooling lines of C, Gi, Sit, O, O", S, S, Fe and F&. All
the data is taken from Hollenbach & McKee (1989) except for @ufton & Kingston
1994), C" (Sampson et al. 1994) and"@McLaughlin & Bell 1993).

Recombination cooling

At temperatures higher than 5000 K, cooling due to recombination of electrons with
grains (PAHSs) is important. The cooling depends on the rdxoation rate which is
proportional to the produet, ny. The cooling rate increases whéh7* /n. goes up,
due to an increase in charge and hence Coulomb interactiakesB& Tielens (1994)
calculated numerically the recombination cooling for aetyrof physical conditions. An
analytical fit to the data is given by

A =349 10_30Tf(G0T£/2/ne)5nenH erg st cm?, (5.38)

wherea = 0.944 and3 = 0.735 /7%,

Molecular cooling by H,, CO and H,O

For the rotational and vibrational cooling ofHCO and HO, we use the fitted rate
coefficients of Neufeld & Kaufman (1993) and Neufeld et aB98). They present a
cooling rate for speciesthrough:

A = L n(z;) n(Hy) erg cm ™3 s71, (5.39)

wheren(H,) andn(z;) are the densities of Hand species;, respectively.L is given by
1 1 n(Hy) 1 {n(Hg)Tl ( ny/o )

—=— 4+ —= 4+ — | — 1——. 5.40

L Ly Lire Lo [ nip Lire (5.40)

We interpolate in the tables given by Neufeld & Kaufman (1088d Neufeld et al.
(1995), to find the values,, n;» and L, -z anda. L is the cooling rate coefficient
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in the low density limit andh, , is the H, density, wherel falls a factor 2 belowL,.

« is chosen to minimize the maximal fractional error in the fibther densities.L is

a function of temperature, antl;rx, n,/2, anda are functions of temperature and the
optical depth paramete¥ (z;), which is given by the gradien¥(z;)/dvq. N(z;) is the
column density of the species. To take into account collisional excitation by electrons
and atomic hydrogen, we follow Yan (1997) and repla¢H) by n,,; andn.;,. For H,
rotational and vibrational cooling,,.; andn.;, are given by

Nrot (Ha) = nyin (Ha) = n(Hz) + Tn(H) 4 16n(e). (5.41)

For rotational cooling by COy, is given by

Neot (CO) = n(Hy) + 1.414n(H) oy /on, + 1.3 x 10~ %n(e) /oy, v, (5.42)

whereoy = 2.3 x 1071 ecm™2, oy, = 3.3 x 107%6(7}/10%))~"/* cm~2 andv = 1.03 x
10*7>° em s~!. For H,O rotational coolingn,.; is given by

Mot (H2O) = n(Ha) + 10n(H) 4+ n(e)k.(1,20,1.9, Ty,) / kn,, (5.43)

whereky, = 7.4 x 1072T%5cm3s™! and k.(i, b, d, T},) are the H and electron impact
excitation rate coefficients, respectiveky.(i, b, d, T) for the excitation from level —
i+ 1 in units ofcm?® s~ is given by

3.56 x 10754
1512 = 1/(i+1)]

C —0.577
In |:CAE -+ E exp <m):| s

whereb is the rotational constant inm !, d the dipole moment in Debyg, = 11600 /15,
AE =248 x 107*b(i + 1) andC is given by

ke(ia b> da Tk)

exp(SAE) x (5.44)

9.08 x 103
= — < 1. .
C D) d <153 (5.45)
1.93 x 10%
= — —1.18/d? 1.53.
C G+ 1) exp( 8/d’) d>1.53

For CO vibrational coolingg.;;, is given by

nvib(CO) = ’fl(HQ) + 5OH(H) + n(e)LCO’O/LCO,O, (546)

where
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Leoe = 1.03 x 1071°(T5/300)™® exp(—3080/T5) (5.47)
Leoo = 1.14 x 107 exp(—68.0/T;"%) exp(—3080,/T).

For H,O vibrational coolingn., is given by

nvib(HQO) = H(Hg) -+ 1011(H> + n(e)LHQO,o/LHgOD; (548)

where

Liu,0e = 2.6 x 107T7%% exp(—2325/T5) (5.49)
Liy00 = 0.64 x 107" exp(—47.5/T./%) exp(—2325/T.).

5.2.3 Chemistry

For most of the chemical reaction rates, we make use of theSTMlatabase for astro-
chemistry by Le Teuff et al. (2000). In the PDR model we usetaokk containing all
species with 6 atoms or less.

H, formation on dust grains

The formation of H is very efficient over a wide range of temperatures. It wasaaly
shown by Gould & Salpeter (1963) that i$ not formed efficiently in the gas phase. Most
of the formation, which is still not very well understoodkés place on grain surfaces
(Hollenbach & Salpeter 1971). Recently, Cazaux & TielerB0@, 2004) developed a
model for the formation of hydrogen under astrophysica#iievant conditions. They
compared their results with the laboratory experiments iosoRello et al. (1999) and
Katz et al. (1999). They find a recombination rate of

RH2 = 0.5 g VH Nq 04 GHQSH(Tk) (550)
~ 6 x 10717 (13/300)*°ng n ey, S(Ti) cm™> s,

wherengq andoy are the volume density and cross section of dust grainswgndy and

S(T) are the volume density, thermal velocity and thermally aged sticking coefficient

of hydrogen atoms. We use the sticking coefficient given bjdibach & McKee (1979)
S(T) = [1 4 0.4(T + Ta)*°+ 2x 1073 Ty + 8 x 1070 7], (5.51)

whereTy is the dust temperature. Eq. (5.51) is the same as eq. (4¢lenE & Hollenbach
(1985), except for the termyy,, the recombination efficiency, which is given by



5.2 The Photon-dominated Region model 61

F —1
e, = ( A Y ﬂH”) ¢, (5.52)
26H2 Qpe

wherey is the H, fraction that stays on the surface after formatiGn, and 3y, are the
desorption rates of molecular hydrogen and physisorbeddgyh atoms, respectively,
F'is the flux of hydrogen atoms and,. is the evaporation rate from physisorbed to
chemisorbed sites. These three terms dominate in difféegnperature regimes. See
Cazaux & Tielens (2002, 2004) for a more detailed discussion

Recombination on PAHSs

Collisions of electrons and ions with grains can become goiant recombination pro-
cess in dense clouds of low ionization.

I: H"+PAH™ — H+ PAH’
IT: H*+PAH’ - H+PAHT.
We use only one PAH size, since our main interest is to obtaiastimate of the elec-
tron abundance for the energy balance. We adopt disk-l&e#p PAHs of No = 35

carbon atoms and disk radius@of= (N¢/1.222)%° as used by Wolfire et al. (2003), who
calculated the rate coefficient with the results of Draine&i$(1987):

Ry = 83x107" ¢pan (Ti/100)7%% cm?® s+

Ry = 31x 1078 OPAH Cm3S_1,
where ¢pay is a scaling factor for the collision rates of ions and eleetr with PAHS.
Following Sect. 5 of Wolfire et al. (2003), we adopt a valigy = 0.5. Rates for the

recombinations with other atoms scale withy/m;)’°. PAH" and PAH" are formed
and destroyed by the following reactions:

IIT: hv+PAH° — PAH" +e

IV: hw+PAH™ — PAH’+e
V: PAH" +e— PAH’

VI: PAH+e— PAH".

Wolfire et al. (2003) calculated the following rate coeffitirom Bakes & Tielens (1994)
using N¢ = 35 carbon atoms and assuming a disk geometry:

R = 7.85x 1077 Gg exp(—2.0 Ay) st

Ryy = 2.00x 1078 Gy exp(—2.0 Ay)s™*

Ry = 3.50 x 107° ¢pan (Ti/100)7%% cm?® s
Ry; = 1.34x107% ¢ppap cm® st
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To illustrate the effect of PAHs on the chemistry, we show @eéC/CO transitions for
model 4 (see 6.2) in Fig. 5.1. When PAHSs are absentegtends deeper into the cloud
by two magnitudes of extinction (i.6Vy ~ 3.8 x 10?! cm~2) and CO is formed closer to
the surface.
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Figure 5.1: The €/C/CO transition and the electron abundance with (solid))&ithout
(dotted) the inclusion of PAHS.
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Figure 5.2: The C/C/CO transition with (solid) and without (dotted), khutual shield-
ing.

Vibrational excitation of H ,

In PDRs, molecular hydrogen can be excited by absorptiotdf photons in the Lyman-
Werner bands. Fluorescence leads to dissociation in al9gtibf the cases (see Field et
al. 1966; Stecher & Williams 1967), and in the remainiitg; of the cases to a vibra-
tionally excited state in the ground electronic state (Bi&dalgarno 1976). To simplify
matters, we treat the electronic ground state as having ratisnal ground state and a
single excited vibrational state. London (1978) found thateffective quantum number
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for this pseudo-level is = 6, and the effective energy B, /k = 2.6 eV /k = 30163 K.
We treat excited molecular hydrogen;\ as a separate species in our chemistryVH
can be destroyed by direct FUV dissociation, radiative gecaollisional de-excitation,
and chemical reactions with other species. Since vibratidacay is a forbidden process,
a large abundance of;M can be maintained. $V can react with other species with no
activation barrier or areduced one. Thatis, in the UMISTablate, the rates for a reaction
between two species are parameterized as

R = a (T /300)7 exp(—y /Ti) cm® s, (5.53)

For reactions with BV, v is replaced byy* = max(0.0,y - 30163). When reactions have
an activation barrier lower than 2.6 eV, the barrier is setgm. When the barrier is larger
than 2.6 eV, the barrier is reduced by 2.6 eV. Tielens & Hdikrh (1985) state that for
important reactions such as

HgV"‘ C+ — CH+ + H,

and

H,V+ O — OH + H,

this is a good approximation since the activation barriexrdf.5 eV is a lot smaller than
the vibrational excitation energy @f6 eV. For reactions with barriers of the same order
or larger one can overestimate the reaction rates.

Shielding of H, and CO

The photo-dissociation rate of both ldnd CO is influenced by line as well as continuum
absorption. The dissociation rate of, it decreased by self-shielding. For an lhe
optical depthr < 10, we adopt the self-shielding factor given by (Shull 1978)

OO —1\nn
A7) = go n!(n(+ 1))17/—27-(-71/2' (5.54)

When the line absorption is dominated by the Doppler corat®iorentz wings (i.e.,
T > 10), we use the self-shielding factor as given by de Jong e188@)

B(1) = {77 In(r//7)]7*°} erfe(rbr o %)%, (5.55)

wherer, b, andv; are givenin egn. 5.9, 5.10 and 5.11.
The CO photo-dissociation rate is decreased by both CGshétfding and H mutual
shielding. We use Table 5 of van Dishoeck & Black (1988), ttedaine the shielding
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factor as a function of column densitié§ H,) and N (CO). To illustrate the importance

of H, mutual shielding, we show the'@C/CO transition for model 4 (see 6.2), with and
without H, mutual shielding in Fig. 5.2. Without4khielding, CO is formed a magnitude
of extinction (i.e. Ny ~ 1.9 x 10*! cm~2) deeper into the cloud, and as a consequence
N(CO) is lower.

5.3 The X-ray dominated region model

Unlike PDRs, XDRs are mostly heated by direct photo-iomiradf the gas, which pro-
duces fast electrons that lose energy through collisiotis @ther electrons, as well as H
and H. These fast electrons collisionally excite H ang kWhich subsequently emit Ly-
mana and Lyman-Werner band photons, respectively. These phatotrn are capable
of ionizing atoms such as C and Si or ionize and dissociatecntés such as4and CO.

Compared to PDRs, the following processes play a role in X[2RsMaloney et al.
1996), in part because of the production of UV photons asriestabove:

e Photo-ionization heating (i.e., Coulomb heating with thal electrons) dominates
by a large factor over the heating through photo-electricssimn by dust grains
and PAHSs (c.f. Maloney et al. 1996; Bakes & Tielens 1994).

e Emission from meta-stable lines of [CI] 9823, 9880and [OI] 63004, fine-
structure line cooling of [CII] 158 and [Ol] 63 and 146n as well as Lymar
emission (c.f. Maloney et al. 1996; Tielens & Hollenbach 38;98paans et al.
1994).

e Molecular line cooling by warm molecular gas containing ¢, H,O and OH
as well as gas-grain cooling where warm gas is cooled at thifacas of lower
temperature dust grains (c.f. Neufeld et al. 1995; Spaanigk&2800).

¢ lon-molecule reactions driven by the ionization degree-of 0~* maintained by
the ionization of carbon in the FUV (c.f. Black & Dalgarno I®@%an Dishoeck &
Black 1986).

e The ionization balance of atomic gas under the influence ofglonization reac-
tions driven by X-ray photons and charge transfer. Recoatlmn of ions on grain
surfaces is a major ionic loss route at electron fractioss thani 02 (c.f. Lepp &
Dalgarno 1988; Bakes & Tielens 1994; Maloney et al. 1996).

The global structure of any XDR is defined by a few key paramnsetbee density:y and
the energy deposition raféy per hydrogen atom. Because the heating in XDRs is driven
by photo-ionization, the heating efficiency is close to yris opposed to that in PDRs
where the photo-electric heating efficiency is of the orded.8 — 1.0% (Maloney et al.
1996; Bakes & Tielens 1994). Unlike PDRs, XDRs are exposedtays as well as FUV
photons.

As one moves into the XDR, X-ray photons get attenuated dwamic electronic
absorptions. The lowest energy photons are attenuatetgstst which leads to a depen-
dence of the X-ray heating and ionization rates at a giventpoi the slope of the X-ray
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spectrum. We assume, for energies between 0.1 and 10 keé\thehprimary ionization
rate of hydrogen is negligible compared to the secondarizabion rate and that Auger
electrons contribute an energy that is equal to the phat@aion threshold energy (Voit
1991).

The treatment below follows, in part, the unpublished attéelknown work by Yan
(1997). Also, we extend the work of Maloney et al. (1996) imrte of depth dependence,
H, excitation and extent of the chemical network.

5.3.1 Energy deposition rate per hydrogen nucleus
The photon energy absorbed per hydrogen nucldus,is given by

Hy = / O (B)F(B. 2)dE. (5.56)

Emin

The interval ..., Fmax] iS the spectral range where the energy is emitted. The photo
electric absorption cross section per hydrogen nucleysis given by

opa(E) =Y Aj(total)oy(E). (5.57)

Morrison & McCammon (1983) state that the X-ray opacity idapendent of the degree
of depletion onto grains. Therefore, we take the total (gasthist) elemental abundances,
A;(total), as given in Table 6.2 to calculatg,. The X-ray absorption cross sections,
are taken from Verner & Yakovlev (1995) and the total crossiea o, is shown in Fig.
5.3. The fluxF'(E, z) at depthz into the cloud is given by

F(E,z)=F(E,z=0) exp(—0pa(E) Nn), (5.58)

where Vy is the total column of hydrogen nuclei aid £, = = 0) the flux at the surface
of the cloud.

5.3.2 Heating processes
Heating due to Coulomb interactions

When X-rays are absorbed, fast electrons are produced.eThasselectrons lose part of
their energy through Coulomb interactions with thermatgtans, so the X-ray heating is
given by

FX :non, (559)

wherey is the heating efficiency, depending on thgiiratio and the electron abundance
x. We use the results of Dalgarno et al. (1999). Their caledldteating efficiency in
an ionized gas mixture is given by
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Figure 5.3: Photo-electric cross section timiés with E in keV, based on Verner &
Yakovlev (1995).

_ 10rnH,He + NHen (5.60)
10r +1 ’ '

wherer = n(Hy)/n(H). ng,u andny.p are the heating efficiencies for the ionized pure
He and H mixture and the He and H mixture, respectively. Both are patarized
through

=1+ —1)/(1+ ca®). (5.61)

The values of)y, c anda are given in Table 7 of Dalgarno et al. (1999), anig the elec-
tron fractional abundance. It has to be modified when thdle mixture is considered:

, 1.83

T 5.62
T T 11083 (5.62)

Heating due to H, ionization

H, ionization can lead to gas heating (Glassgold & Langer 19%8)en H is ionized by
a fast electron and subsequently recombines dissocigtaebut 10.9 eVL.75 x 107!
erg) of the ionization energy can go into kinetic energy. ¢&n also charge transfer with
H. This is an exoergic reaction, with an energy yield of 1.88a which we assume half,
0.94 eV (.51 x 107'2 erg), to go into heating. Hcan also react to H and subsequently
recombine dissociatively or react with other species. §&jakl & Langer (1973) argued
that for every H ion formed, 8.6 eV (.37 x 10~'! erg) goes into gas heating. The H
ionization rate cooling is then given by

17.5k.xe + 1.51K 13.7k _ _3 _
I'H, jon = Lot i HoHa o 1 2(h, 71, nerg ecm?s ! (5.63)
/{ZC.TC + ]CHJIH -+ /{ZH2.TH2
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wherek,., ky andky, are the rates of dissociative recombination, charge teansith
hydrogen and the reaction tojkHrespectively.

Gas-grain collisional heating

We use the results of Sect. 5.2.1. The dust temperature was toy Yan (1997):

Td =15x 104(Hx/l’d)0'2 K, (564)

wherezy = 1.9 x 1078 is the grain abundance atfl is in erg s*. We assume that the
grain temperature is determined by the local productionld¥photons. Therefore, the
dust temperature is proportional oy, the locally absorbed X-ray energy per hydrogen
atom. When the dust abundance is larger, there is lesslfiqralduced FUV) energy per
dust particle, and the avera@g drops.

H. vibrational heating/cooling

When the vibrational levels of are populated by non-thermal processes, thermal colli-
sional quenching and excitation can result in a net heataspite downward radiations.
When non-thermal reactions are not importans, ¢an be an important coolant. The
resulting collisional vibrational heating or cooling isrgh by

FHgvib,col = Zvjnvj X Zvlj/C(Uj — ’U,j/) X (Evj — Ev’j’) erg Cm_3 S_l, (565)

whereC'(vj — v'j’) is the total collision rate from levelj to v’;" in units of s'*. Radia-
tive cooling due to downward decay of the vibrational levslgiven by

Attyvibrad = S A(vj — v/j')nvj erg em 2 st (5.66)

The population of the vibrational levels is discussed intSed.4.

5.3.3 Cooling processes
Cooling by electron impact with H

The cooling due to the excitation of hydrogen is importarteatperature§’ > 5000 K.
The cooling rate is given by Spitzer (1978):

Aot = 7.3 x 107, n(H) x exp(—118400/T) erg cm ?s ™. (5.67)

Fine-structure, metastable and molecular cooling

For the calculation of the fine-structure and metastabldirmgpeve use the same method
and data as given in Sect. 5.2.2 and 5.2.2. We treat the matemoling of H,, CO and
H,O in the same way as in the PDR. Only kbrational cooling is treated differently,
since non-thermal processes play an important role, wisicliscussed in Sect. 5.3.2.
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5.3.4 Chemistry

We use all species with sizes up to 3 atoms, and some up to 4atmm the UMIST
database. These species are taken from Yan (1997). Theéoaddliteactions included in
the XDR model are discussed below.

Primary ionizations

X-rays are absorbed in K-shell levels releasing an electdm electron from a higher
level may fill the empty spot and with the energy surplus aaiosio called Auger electron
is ejected. This process leads to multiply ionized speci€s™). Due to charge transfer
with H, H, and He, they are quickly reduced to the doubly ionized stite’ We
therefore assume that the ionization by an X-ray photordéad doubly ionized species,
as does absorption of an X-ray photon by a singly ionizedispetVhen rates for charge
transfer with H and He are very fast, elements are quicklyced to singly ionized atoms,
which is the case for &, S+ and CF*. Therefore, we add only © to the chemical
network to represent them. We assume that Si and ClI get siogiged after absorbing
an X-ray photon. We also include’€, N?*, St and Fé*. The direct (or primary)
ionization rate of speciesat a certain depth into the cloud is given by

Emax F E
i = / (22D g (5.68)
Emin E

where the ionization cross sectiomsare taken from Verner & Yakovlev (1995).

Secondary ionizations

Part of the kinetic energy of fast photo-electrons is lostdyzations. These secondary
ionizations are far more important for H,,Hand He than direct ionization. Dalgarno
et al. (1999) calculate the number of ioNg,, produced for a given speciésFor a given
electron energy, N, iS given by

Nion = E/M/a (569)

wherelV is the mean energy per ion pair. Dalgarno et al. (1999) catedlV for pure
ionized H-He and BFHe mixtures and parameterizéd as:

W = Wy(1 + cz®), (5.70)

wherel,, c anda are given in Table 4 of their paper. The corrected mean eegifgr
ionization in the H-H-He mixture are given by

W(HY) = Wipo(HY) [[1 n 1.891;<(HH2)] : (5.71)
+y + n(H
W(H) = Wi, 1o (HT) {1 n 0.53H(H2J . (5.72)
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The ionization rate at depthinto the cloud for speciesis then given by

Brmax E
Cisee = / apa(E)F(E,z)WdE s~! per H nucleus. (5.73)
Emin

We rewrite this to a rate dependent on the fractional aburelahthe species;:

Fm:

max E'

Cisee = / opa( E)F(E, 2) dE s7! per species i, (5.74)
Emin le

wherez; is the fraction of species Since we integrate over the range 1-10 keV &rd

goes to a limiting value, we use the parameters applicabteed keV electron. The

ionization rate then simplifies to:

LkeV [ Bmex
e = Y (EVF(E, 2)dE 5.75
e = T Rete, o T EIFE) (5.75)
1 keV

= mHX s~1 per species 1.
We also include secondary ionizations for C, N, O, Si, S, @I, €, N*, O, St and
Fe'. We scale the ionization rate of these species to that ofiatbydrogen by

G = Cuoot s, (5.76)
O¢iH
We integrate over the range 0.1-1.0 keV to get an averages\@lthe electron impact
ionization cross section.;. Using the experimental data fits of Lennon et al. (1988). The
scaling factorsr,; ; /0.1 for C, N, O, Si, S, Cl, Fe, €, N*, Of, S*, and Fe are 3.92,
3.22,2.97,6.67,6.11,6.51, 4.18, 1.06, 1.24, 1.32, 1183 2238, respectively.

FUV photons from secondary electrons

When energetic electrons created in X-ray ionizationdaeNvith atomic and molecular
hydrogen, H Lyman-Werner and H Lyman photons are produced, which can signifi-
cantly affect the chemistry. The photo-reaction r&tgper atom or molecule of species
is given by

T, CHo P+ THCHDG o1
l1—w ’

R, = (5.77)

The values ofy, are taken from table 4.7 of Yan (1997) and valueggfare the rates
for cosmic-ray induced reactions from Le Teuff et al. (2000here is an exception for
CO, however, where we take the rate, corrected for selfldinig, given by Maloney et al.
(1996):

Reo = 2.3 2 (Ti/1000)*3 ¢, v, s~ (5.78)
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Vibrationally excited H ,

Vibrationally excited H can enhance reactions with an activation barrier and cambe a
important heating or cooling source as well. To calculaggtbpulations of the vibrational
levels of H,, we take into account:

Collisions with fast electrons produced by X-ray phototzation.

Collisions with thermal electrons, H,.Hand He.

Chemical destruction and production in chemical reactions

e Radiative decay.

We use the results of Dalgarno et al. (1999) to calculate thiayXinduced excitation to
the vibrational levels = 1 andv = 2. The ratio of the yields Y = 2)/Y(v = 1) is about
0.070. Excitation to higher levels is not taken into accosimice the yield to higher levels
decreases very rapidly. First we calculate the mean energxtitationJV/, in the H-He
mixture. The parameters are listed in Table 5 of Dalgarnd.€1899). The functioril’
has the same form as equation (5.70). The mean energy faatanialso depends on the
abundances of H and,H The yield has to be corrected with a facto(H,H.), which is
given by

2n(H,)
n(H) + 2n(Hy)’
n(Hz)/n(H)
n(Hz)/n(H) + a(z)

C(H, H,) z>107" (5.79)

C(H, Hy) L1077 <z <1077,

wherea(z) = 0.5(z/107%)%15. The rates for excitation by thermal electrons are taken
from Yan (1997), who finds that the transitions rates fo{iH= 0) to Hy(v = 1,2) are
given by

R(0—1) = 9.7x 107"(T},/300)"% exp(—6140/Ty) (5.80)
R(0—2) = 7.5x107"(T3/300)° exp(—11900/T5). (5.81)

The excitation rate for the transitian — v + 1 is taken to be times thed — 1 rate.
Excitations withAv > 1 are not taken into account. The quenching rates are cagcllat
through detailed balance. The quenching rates from +’ by atomic hydrogen are given
in table 4.2 of Yan (1997) and are of the form:

R(v — v) = a(T}/300)” exp(—v/Ti) cm3s™L. (5.82)

The excitation rates are obtained by detailed balance. Heontolecular excitation and
quenching rates we use the results of Tine et al. (1997). ©uiljsions where, either
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initially or finally, one of the H molecules is in the = 0 state are considered. The rate
coefficients are of the form:

log,o R(v1,v1;09,05) = A+ B/Ti + Clogy, T, (5.83)

and are given in table 1 of Tine et al. (1997), who also comsiieollisions with He.
They give a rate coefficient for the= 1 — 0 transition:

log,yR(1—0) = —88T'*—165 T, <90K (5.84)
~18.97, ' —14.2 90 < Tj < 230K
— —474T VP —94 T > 230K.

For the other transitions withv = 1, the same rates are used. The upward transitions
can be obtained by detailed balance. Yan (1997) also cééclikhe dissociation and
ionization rates by thermal electrons and since the iomnahreshold is much higher
than the vibrational energies one rate is used for all vibratl energies:

Re.giss = 7.03 x 107%(T;,/300)**" exp(—118600/T5) (5.85)
Rejon = 8.9 x 1071°(T5,/300)*°7 exp(—179400/T5). (5.86)

The dissociation rates by atomic hydrogen are given in tddef Yan (1997), which are
of the same form as equation (5.82). For the dissociati@shay H we use the results of
Lepp & Shull (1983), which are given by

Ru,diss = 6.29x 1071 x (5.87)
Aexp(1.44v — 0.0370v?) f(Tx)/ f (4500K),

whereA = 1.38, f(Tx) = T aexp(—a), a = [1 + (Ew + 1) /kTi] and Ey, = 4.48¢V —
E(v). For the dissociative attachment reaction:

Hy+e— H+H,

we use the results of Wadehra & Bardsley (1978) and the macttes have the same
form as equation (5.82). Vibrationally excited Ean be destroyed in chemical reactions.
Endoergic reactions with vibrationally excited, ldan lower the activation barrier, by
using the energy of the vibrational level. The barrier isueeld, but cannot become
negative:F’ = min(0, £ — E(v)). When H, is formed in chemical reactions which are
exoergic, part of the formation energy goes into the exoitadf the vibrational levels.
Formation of B on grains can play a very significant role, Has a binding energy of
4.48 eV. Following Sternberg & Dalgarno (1989), we assumethird of this energy to
be distributed statistically over all the vibrational lésze
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B exp(—F(v)/1.493)
x(Ha(v)) = Y, exp(—FE(v)/1.493)

(5.88)

wherez(H,(v)) is the fraction of H formed in vibrational state. When H formation
reactions are endoergic, all the i in the ground vibrational state. When they are exo-
ergic part of the energy is distributed statistically feliag equation (5.88). The Einstein
A coefficients for radiative decay are taken from Turner e(E77). We take a weighted
average over the rotational levels of each vibrationalllewbich we assume to be ther-
malized, to get an Einstein A coefficient for the decay from- v'.
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Table 5.1: Atomic Fine-structure data
Species  j i EX) Apm) A1)  g(em3s™1) T(K) Partner  Ref.
ct 2Py %Py 92 157.7  2.4(-8) 1.4x 107677037 e 3
5.8 X 10710TO‘02 H 1
3.1 x 107107002 Ho 1
Sit 2Py %Py 414 34.8 2.1(-4) 1.2x10757-0:5 e 4
6.5 x 1010 HHy 1
C 3P, 3p; 24 609.2 7.9(-8) ¢2 e 5
1.2 x 1079(T/300)0-24 H+ 6
1.3 x 10~ 10—0.045 H 1
1.61 x 10~ 107 —0.19 < 102 0-Ha 7
3.50 x 10117013 102 —10°  o-Ha 7
8.10 x 10—11 > 103 0-Ha 7
1.05 x 10—107—0.08 < 102 p-Ho 7
3.72 x 107117012 102 - 103 p-Ha 7
8.50 x 10711 > 103 p-Ha 7
3P 3Py 39 369.0 27(-7 ¢ e 5
5.4 x 10~°2(T/300)0-35 Ht 6
T8 %X 10711T0A035 H 1
2.09 x 10~107—0.04 < 102 0-Ho 7
6.71 x 10—1170-20 102 —10%  0-Hq 7
2.61 x 10~10 > 103 0-Ho 7
4.50 x 10~ 1170-27 p-Ha 7
3Py 3p, 63 229.9 2.0(-14) ¢¢ e 5
8 x 10719(7/300)0-57 Ht 6
2 % 10710T0.084 H 1
1.18 x 10— 107 —0.07 < 102 0-Ho 7
4.22 x 10117013 102 — 10  o-Ha 7
1.03 x 1010 > 103 0-Ha 7
3.10 x 10— 11 p-Ha 7
0 3P, 3p; 228 63.2 9.0(-5) 5.8 x 10127067 e 8
4.2 x 10711TO4507693/T H+ 9
4.2 x 10~1270.67 H 1
3.40 x 10—1170-32 0-Hy 10
2.45 x 10—1170.38 p-Ha 10
3P 3Py 98 145.6 1.7(-5) 4.1 x 10~1270.69 e 8
75X 10712TO‘567450/T H+ 9
1.5 x 10~ 11704 H 1
3.34 x 10~1571.36 0-Hs 10
2.74 x 10147106 p-Ha 10
3Py 3Py 326 44.2 1.0(-10) 3.3 x 10~1270.71 e 8
7.5 x 10~1270.5,—1000/T H+ 9
1.1 x 107127044 H 1
5.77 x 10~ 1170-30 0-Hy 10
4.09 x 10~ 1170-37 p-Ha 10
S 3P, 3p; 571 25.2 1.4(-3) 3.3x10°8 H+ 2
7.5 x 10~10 H, Ho 1
3P 3Py 255 56.6 3.0(-4) 1.2x10°8 Ht 2
4.2 x 10710 HHy 1
3Py 3Py 826 17.4 7.1(-8) 3.3x 1078 Ht 2
7.1 x 10710 HHy 1
Fet 5Dy, %D7/, 554 26.0 2.5(-3) 1.8 x 1076(7/100)~0- e 2
9.5 x 10710 HHy 1
D70 SD5/p 407 35.4 1.6(-3) 8.7 x 10~7(T/100)~05 e 2
4.7 x 10~10 H, Ho 1
6Dg/5 ®Ds5;n 961 15.0 1.5(-9) 1.8 x 10-9(7/100)~%5 e 2
5.7 x 10~10 H, Ho 1
Si 3P, 3p; 110 129.6 8.4(-6) 7.2x1079 Ht 2
3.5 x 1071°(T/100)~0-03 HoHy 2
3P 3Py 210 68.4 4.2(-5) 22x1078 Ht 2
5.0 x 10710(7/100)0-17 HoHy 2
3Py 3Py 320 44.8 2.4(-10) 7.2x 1079 H+ 2
1.7 x 10~10(7/100)°-17 HoHy 2
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Notes to Table 5.1: (1) Sternberg & Dalgarno (1995); (2) Ealach & McKee (1989); (3) Sampson et al. (1994); (4) Dufton &
Kingston (1994); (5) Johnson et al. (1987); (6) Roueff & LeuBot (1990); (7) Schroder et al. (1991); (8) Mendoza (19§9)

Chambaud et al. (1980); (10) Jaquet et al. (1992)

T < 1000 K:
In(g%) = -0.925141e1 - 0.773782(If) + 0.361184(INT))? - 0.150892e-1(Iri())? - 0.656325(In7))*

In(¢%) = -0.743870e1 - 0.574430(Ifi}) + 0.358264(In{"))? - 0.418166e-1(I())® + 0.234272e-2(Ir())*
In(¢¢) = -0.769735¢1 - 0.130743e1(I) + 0.697638(In{))? -0.111338(InT))* + 0.705277e-2(Ir())*

T > 1000 K:

In(¢%) = 0.4446006e3 - 0.227913e3(IfY) + 0.425952e2(Ir())? - 0.347620e1(Ir{))> + 0.105085(In{"))*
In(q2) = 0.386186€3 - 0.202192e3(IF) + 0.385049e2(Ir())? - 0.319268e1(Ir())? + 0.978573e-1(Ir())*
In(¢¢) = 0.350609€3 - 0.187474e3(I)) + 0.361803e2(Ir())? - 0.303283e1(Ir())* + 0.938138e-1(IM())*



CHAPTER 6
PDR and XDR comparison

For both the PDR and XDR code, we calculate four depth-degr@ndodels for different
densities and radiation fields, relevant to conditionsam-burst galaxies and active galac-
tic nuclei. A detailed comparison between PDR and XDR plsysianade for total gas
column densities between 10*° and~ 10% cm~2. We show cumulative line intensities
for a number of fine-structure lines (e.g., [Cll], [Ol], [C[Bill], [Fell]), as well as cumu-
lative column densities and column density ratios for a neind$ species (e.g., COAMH
CO/C, HCO/HCN, HNC/HCN). The comparison between the results for tb&P and
XDRs shows that column density ratios are almost constam ufy; = 10%? cm =2 for
XDRs, unlike those in PDRs. For example, CO/C in PDRs changesfour orders of
magnitude from the edge ¥y = 10?2 cm~2. The CO/C and CO/Kratios are lower in
XDRs at low column densities and riseld; > 10?® cm—2. The HNC/HCN column den-
sity ratio is typically larger than unity in XDRs for modeeal! x /n, i.e., at high column
densities, and isC 1 in PDRs.

This chapter contains modified parts from:
R. Meijerink & M. Spaans, 2005
Astronomy & Astrophysics, Volume 436, pp. 397-409
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6.1 Introduction

Here we show the results for four PDR and XDR models with czffe radiation fields
and densities, for a semi-infinite slab geometry and irtéatiefrom one side without ge-
ometrical dilution. We make a comparison between the coldemsities, integrated line
fluxes and abundance ratios. In the subsequent chaptersjlhw®esent a large set of
models from which we derive line intensities, line intepsdtios and column density ra-
tios, and use these results to interpret observations ahiers of nearby active galaxies,
such as NGC 1068 and NGC 253.

6.2 PDR test models

In this section, we show the results for four PDR models inavhwe have varied the
radiation fieldG, and the density.y. The models are for a semi-infinite slab geometry,
but the code also allows for two-sided slab geometries. Tuopi@d model parameters
are listed in Table 6.1. Models 2 and 4 will also be shown inpepdy Rollig et al. (in
preparation), where they are used to compare 12 differeir Bidles that are commonly
used. The parameters are listed in Table 6.1. These vale#¢gmacal for the high density,
strong radiation field conditions we want to investigatesim,., a star-burst.

Table 6.1: Adopted model parameters

Model GQ FFUV ny
[ergcm™2 57! [em™?]

1 103 1.6 103

2 10° 160 103

3 103 1.6 1055

4 10° 160 102
dvg (kmst) 2.7

0d 1.0

The fixed gas-phase and total abundances we use are giveblen6la. The total abun-
dances are the average values of Asplund et al. (2005) ahkthdg2004). To calculate
the gas-phase abundances, we use the depletion factantatadcby Jenkins (2004).

6.2.1 Heating

In Fig. 6.1, we show heating as a function of column density both radiation fields
and densities, the dominant heating source to a columntge¥igi~ 10?2 cm~2 is photo-
electric emission from grains. Other processes such asgaohization, H pumping and
dissociation, and viscous heating also contribute in theg@ns, but not more than a few
percent and only in specific regions in the cloud, pimping and dissociation heating
become more important at higher densities, in Models 3 asthde H is more abundant
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Table 6.2: Abundances

Species  A;(gas) 0; A;(total)

He»¢ 85x1072 1.0 85x1072
C 14x107* 0.6 25x107*
N 52x107° 0.7 7.2x107°
o] 34x107* 0.7 47x10™*
Si 1.7x107% 0.05 34x107°
S 69x10% 05 14x10°
Cl 54x107% 0.2 24x107"
Fe 2.0x1077 0.007 2.8 x107°

ph.c 39x107% 0.1 29x1077
Na 59x107 04 15x10°
Mg 27x1077 0.08 3.4x10°°¢

Net 6.9 x 107
Al 2.3x 1076
Ar 1.5 x 1076
Ca 2.0 x 107
Cr 4.4 x 1077
Ni 1.7 x 1076

Notes to Table 6.2:

@: Present in both PDR and XDR chemical network
b: Present in PDR chemical network

¢: Used to calculate,, for XDR

due to a higher K formation rate, which scales with>. Carbon ionization heating is
highest at the € to C transition. Viscous heating never contributes sigaiftty to the
heating. At high column densitiedVf; > 102 cm~2), [Ol] 63 m absorption and gas-
grain heating are important. For the low density PDR Modedsd 2, only [Ol] 63um
dominates. When the density is increased in Models 3 andsdggan heating is equally
important if not dominant. Other heating processes coutigibess than 10 percent, but
are sometimes important in determining the thermal balance

6.2.2 Cooling

In Fig. 6.1, we show cooling as a function of column densityall models [Ol] 63:m
cooling dominates tvy = 10?%5 cm 2. In the low density PDRs, [CII] 158m cooling
contributes more than ten percent to the cooling in thiseandpere at high densities, gas-
grain cooling is the second most important coolant. In tlghdensity, high radiation-
field Model 4, this contribution can be almost forty percebbeeper into the cloud, [CI]
610m and CO line cooling become important, khe cooling can contribute up to ten
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Figure 6.1: Important heating (left) and cooling (rightppesses for PDR Models 1, 2, 3
and 4.
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percent to the total cooling rate at some point, but is alveagsnor coolant.

6.2.3 Temperature structure

Gas temperatures as a function of column density are shofigi6.2. The edge temper-
atures are affected most by the strength of the radiatiod fidlen the density is largest.
At a density ofny = 10°° cm ™3, the difference is a factor of thirty for an increase from
Gy = 10° to Gy = 10°. In the low density case this is only a factor of two. Because
of optical depth effects, CO cooling is less effective athhaglumn densities. For this
reason, temperatures rise agaiiVat ~ 10?2 cm~? in the low density models.

log(T) [K]

log(T) [K]
log(Fractional abundances)

log(Fractional abundances)

20.5 21.0 21.5 22.0
log(Ny) [em~?]

[
log(T) [K]

N
log(T) [K]

log(Fractional abundances)
log(Fractional abundances)

205 21.0 215 22.0 205 21.0 215 22.0
log(Ny) [em™] log(Ny) [em™]

Figure 6.2: H— H, and C" — C — CO transitions and electron, OH and®labundances
for Models 1 (top left), 2 (top right), 3 (bottom left) and 4aftbom right).

6.2.4 Chemistry

In Figs. 6.2 and 6.3, we show the depth-dependent abundafcadected important
species. The H- H, and C — C — CO transitions are quite sharp. Their actual
location greatly varies, since this is strongly dependeantensity and radiation field.
Exposed to stronger radiation fields, the transitions odeeper into the cloud, since the
photo-dissociation rates are larger. At higher densitles transitions occur closer to the
surface of the cloud, since the recombination rates scalé.aBor the same reason, the
H* and O (Fig 6.3) fractional abundances are systematically highéne low density
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Figure 6.3: H, O, Of, CS, and SiO (left), and &, HNC, HCN, and HCO abundances
for PDR Models 1, 2, 3, and 4.
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models. SiO and CS are more abundant and formed closer tautfecs in the high
density models, which is also the case for HCBICN, HNC and GH (Fig. 6.3).

6.3 XDR test models

In this section, we consider four models with the same enengyts and densities as the
PDRs in Table 6.1. The spectral energy distribution is offtine exp(—£/10 keV). The
energy is emitted between 1 and 10 keV dfid, should be replaced by in Table 6.1.
This spectral shape and spectral range can be changed dgpendhe application. We
take the parameters of the 1 keV electron of Dalgarno et 8891 to determine the heat-
ing efficiency of Coulomb heating (Sect. 5.3.2) and ionmatiates (Sect. 5.3.4), since
the initial energies of the electrons are 1 keV or higher, trede parameters remain the
same for these energies. When the spectral energy distribigtshifted towards higher
energies, the X-rays will dominate a larger volume, sineedbhsorption cross sections
are smaller for higher energiedl x /n is the most important parameter for the chemical
and thermal balance, wheféy is the energy deposition rate per hydrogen nucleus. The
abundances used are given in Table 6.2. The elements H, H&, @, Si, S, Cl and Fe
are included in the chemical network. The other elementsdiare only used to calculate
the photoelectric absorption cross sectieg),.

6.3.1 Heating

In Fig. 6.4, the different heating sources are shown as aifumof the total hydrogen
column density/Ny. All heating is done by X-rays, but the way it is transferedyts
depends on the ionization fraction. When the gas is hightyzed, x. ~ 0.1, most

(~ 70%) of the kinetic energy of the non-thermal electrons goes ®&ulomb heating,
which is the case in Models 1, 2 and 4 whéfe /n is high to Ny > 10% cm~2. For
smaller ionization fractionsy. ~ 10~*, ionization heating as discussed in Sect. 5.3.2
is important or even dominant. In Model 3, ionization hegtamd Coulomb heating are
equally important atVi; < 10%*® cm~2. In all models ionization heating dominates at
the largest column densities. When the excitation efisidominated by non-thermal
processes, collisional quenching of Eln heat the gas. Naively, one would expect this
dominance to occur where most of the X-rays are absorbedipbligh energy deposition
ratesHx /n, the temperature is high and thermal collisions dominagepthpulation of
the vibrational levels. Non-thermal excitation is domihahlow temperature, i.e., low
Hx/’n.

6.3.2 Cooling

In Fig. 6.4, the important cooling processes are shown asetiin of total hydrogen
column density,Ny. At high temperatures (see Fig. 6.5), cooling by [CI] 982850

A and [Ol] 6300A metastable lines dominates, as is the case in the modédishigh
radiation fields, Models 2 and 4. At lower temperatures, mbgte cooling is provided by
the fine-structure line [Ol] 63m (90%), e.g., at the edge in the low-radiation field Models
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Figure 6.4: Important heating (left) and cooling (rightppesses for XDR Models 1, 2, 3
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1 and 3. In each model, gas-grain cooling dominates foribw'n. In addition, specific
cooling processes can be important in special casesiliational cooling dominates at
large depths in Model 2, but in Models 1, 3 and 4 it contributesnore than 1%. H,
vibrational cooling is split into a radiative and a collisad part. When the excitation of
H, is dominated by non-thermal electrons, the gas is heatealiigional de-excitation
of H,.

6.3.3 Temperature structure

In Fig. 6.5, we show the temperature as a function of totalrbyein column density,
Ny. Variations in radiation field strength most strongly affédoe high-density models.
The temperature at the edge differs a factor of 30 in the digisity case. Since X-rays
penetrate much deeper into a cloud than FUV photons, higheeatures are maintained
to much greater depths into the cloudgy /n is very important in determining the thermal
balance. WherH x /n is larger, this results in a higher temperature. Therefbtedel 2
has the largest temperature throughout the cloud. Dengifstout to be important as
well. Note that models 1 and 4 have similar incidéht /n and therefore have about the
same temperature throughout the cloud.
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Figure 6.5: Fractional abundances and temperature for Mioftep left), 2 (top right), 3
(bottom left) and 4 (bottom right).
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abundance of 0,0 O**, Fe, F& and Fé"

6.3.4 Chemistry

In Figs. 6.5 and 6.6, we show the fractional abundances ettt speciesHy /n is
not only important in the thermal balance, but also in thenuisey. Therefore Models 1
and 4 with about the same incideHty /n, show similar abundances. The most striking
difference with the PDR models is that there is no longer d-defined transition layer
Ct — C — CO present. On the contrary, both C and &e present throughout most of
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the cloud having fractional abundances«of0~> —10~%. Only at very lowH x /n, which
results in a low temperature, there is a partial transito@®. The transition from atomic
to molecular hydrogen is much more gradual than in the PDRefsodA considerable
amount of OH is present in all models at all column densiflé® temperature determined
by Hx /n is important. In Model 3, OH has the largest abundaneg{~°) at all column
densities. In other models such large fractions are segnatnlery high depths into the
cloud. The formation of CO and4® is most efficient at high densities and ld /n.
Therefore, these species have large abundances througbdugh-density, low-radiation
field Model 3. In Model 4, where the radiation field is somewhagther, CO and KO
reach large abundances only at hiyh. At low densities, they are only formed at large
depths into the cloud (Models 1 and 2). Secondary ionizateme most important for
the production of H. Recombination is slower at lower densities. Therefore, Hh
fractional abundance is highest in Model 4. HCN, HC®INC, GH, CS and SiO have
much larger abundances at high temperatures than in the RRIRIm

In Fig. 6.7, the abundances of Mibrational levels) = 0, 1, 2 and 3 are shown in order
to illustrate that also at low temperatures considerableuwnts of vibrationally excited
H, are present due to non-thermal excitation. The abundameesoastant to a column
density of Ny ~ 5 x 10?2 cm~2. Then the temperature goes down while the transition
from atomic to molecular hydrogen starts. First, the abucda of the excited levels
decrease. The rise of;Habundance counteracts this and arolid~ 5 x 10%? cm™2,
somewhat before the HMHransition, another maximum is reached. In the same figure
the abundances of O,"Q0**, Fe, F& and Fe + are shown. This illustrates that oxygen
is easily neutralized, while almost all iron is singly ioatzthroughout the cloud.

6.4 Conclusion

We conclude this chapter by a direct comparison between[ilie &hd XDR models. To
emphasize that XDRs penetrate much deeper into cloud valtinae PDRs, we use the
same scale for all models. Then, it is also possible to djsish between gradients in
abundance, cumulative intensity, column density and coldensity ratios. XDR Model
3 is only plotted toNy ~ 10%® cm™2, since Hy /n becomes too small and no reliable
results are obtained at higher column densities.

In Fig. 6.8, we show for Model 4 the abundances of selectedispe At the edge,
both neutral and ionized species are more abundant in the XbDé&els, and the relative
abundances also differ with respect to one another. In thR X@® example, the neutral
species CH and CHare more abundant than CHand CH, respectively. In the PDR,
this is the other way around. CN and €Nire almost equally abundant at the edge in
the PDR, while CN exceeds CNby three orders of magnitude in the XDR. Although
the amounts of CSand HCS are larger than those for CS and HCS, respectively, at
the edge of the cloud in the XDR, the abundance differenceds than in the PDR.
The abundance of Heis five orders of magnitude larger in the XDR, due to secondary
ionizations. H is enhanced by three orders of magnitude, due to the highéezation
degree. Itis also easily seen that in PDRs the fractionalddnces vary over many orders
of magnitude, while the abundances in XDR Model 4 stay almosstant to a column
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density of Ny ~ 10?2 cm 2, where the transition from H to 4tarts.

In Figs. 6.9 and 6.10, we show cumulative line intensitigsfifte-structure lines at
every column density, i.e., the emergent intensity arisiogh the edge of the cloud to
column densityVy = nyz:

1 : / /
I(z) = %/0 A(2")dZ'. (6.1)
Although the total [CII] 158:m line intensity is higher in the XDR, the flux originating
from the edge taVy; ~ 10?2 cm~2 is higher in the PDR except when the XDR is charac-
terized by very highH x /n values which is the case in Model 2. In all PDR models, all
carbon is in C at the edge, while a large part of the carbon is neutral in XD&d#s
1,3 and 4. In all models, oxygen is mostly in atomic form. To4#] [63 m line intensity

to Ny ~ 10?2 cm~2 is larger in the low-density XDR models, which is due to thgHsir
heating rate. The intensity is lower in the low radiatiomghdensity XDR Model 3, since
the temperature is higher in the PDR. For Model 4 they are athmuisame, since the
density where the line gets thermalized is almost reachethd XDR, all line intensities
increase more or less steadily with increasing column dgn3DRs, however, primarily
affect cloud surfaces causing more sudden changes. TheiR®Rtensities of [CI] 609
pm and 369um arise from a more or less well defined part part of the cloutistart to
increase at column densitidg; > 10%'> cm=2. The line intensities of [CII] 15&m are
larger than those of [Sill] 3mm in the PDRs except in Model 4. This is in contrast to the
XDR models, where the [Sill] 3am line intensity is always stronger. The fact that [Sill]
35 um lines are quite strong in XDRs was already noted by Malone).€1996). The
line intensities for [Fell] 26um and 35um are larger for the XDR models except again
for Model 3.

In Figs. 6.11 and 6.12, we show cumulative column densitesélected species.
They illustrate again that XDRs affect whole cloud volumesl #DRs create layered
structures. In PDRs, the increase in column densities agesuelden for all species. For
example, C and CO show this due to the very distinct@CO transition. In the XDRs,
however, the increases in column density are much more gtadlbe only sudden change
in XDRs is where the H/kltransition occurs.

In Fig. 6.13, the cumulative column density ratios for C@/B0O/C, HNC/HCN, and
HCO'/HCN are shown as a function of total hydrogen column dengitg ratios for the
XDRs are almost constant up #; ~ 10?2 cm~2, unlike those in PDR models. In PDRs,
COI/C ratios increase by approximately four orders of magigtfrom the edge<( 10~%)
to Ny = 10*23 cm™2 (> 1). In XDRs, this ratio is constant ty ~ 10?2 cm~2 and then
increases slowly. For each cloud size, while keeping theggneput the same, CO/C
ratios increase at higher densities. The ratios go down ifgindr radiation fields. For
the same density and energy input, CO/C is lower when thedduradiated by X-ray
photons, with the exception of Model 3 where this is only dalt Ny > 10?7 cm 2.
CO/H, is somewhat more complex. When only the energy input is aszd in PDRs,
this ratio is higher wherVy; < 102! em~2. For Ny = 10?22 cm~2, the ratios are about
the same. There is also a minimum where the Hitdnsition occurs. This minimum
is more prominent for higher radiation fields. In XDRs, the /B@ratio is lower when
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the radiation field is higher. In PDRs and XDRs, the COratios are higher when the
density is increased. When the cloud is irradiated by X-ragtpns, CO/H ratios are
lower, with the exception of Model 3 again at; < 10*'® cm2. In PDR Models 1,
2 and 3, significant column densities for HCN, HNC and HC&e reached between
Ny = 1021 and10?? cm—2. Therefore, the HNC/HCN and HC@HCN ratios discussed
are for column densitied; > 10%2 cm~2. In PDRs, HNC/HCN is lower when the density
is higher. No significant changes are seen for differentatéat fields at these columns.
HNC/HCN is generally lower for higlt/ x /n in XDRs. At high column densities, where
Hy /n is low, HNC/HCN ratios are larger than unity and higher thiaose for the PDR.
HCO"/HCN and HNC/HCN are of the same order in PDRs, but in XDRs HEEN is
higher in most cases.
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CHAPTER 7/
Comparison to other PDR codes

We present a comparison between independent computer tmatemodel the physics
and chemistry of photon dominated regions (PDRs). A numbkenchmark models are
calculated, covering low and high gas densitieand far ultraviolet intensitieg (FUV:

6 < hv < 13.6 eV). x is in units of the Draine (1978) field, whese= G,/1.71. The
benchmark models are computed in two ways: one set assuminggant temperatures,
thus testing the consistency of the chemical network andiopreactions, and a second set
determining the temperature self-consistently by soltirggthermal balance, thus testing
the modeling of the heating and cooling mechanisms acaogifor the detailed energy
balance throughout the clouds. Our goal is to understandniliieial differences in the
PDR codes and their effects on the physical and chemicaitateiof the model clouds,
and to converge the output of different codes to a commorisoluWe identify a number
of key processes that govern the chemical network and whectr@ated differently in the
various codes, such as the contribution of PAHSs to the @eaensity or the temperature
dependence of the dissociation of CO by cosmic ray inducednskary photons, and
formulate and define a proper common treatment. By undeistgrthe impact of the
PDR geometry we agree on how to compare the results fromisphand plane-parallel
PDR models. As a result from the benchmark calculations wabish a comprehensive
set of reference models for ongoing and future PDR modelW& conclude that the
benchmark results from the PDR code, which is described ep@is 5 and 6, compare
very well with the results obtained by other participatirgles.

This chapter contains selected parts from:
M. Rollig, N. P. Abel, T. Bell, F. Bensch, J. Black, G. J. Fatl, B. Jonkheid, I. Kamp,
M.J. Kaufman, J. Le Bourlot, F. Le Petit, R. Meijerink, O. Mta Chirivella, V. Ossenkopf,
E. Roueff, G. Shaw, M. Spaans, A. Sternberg, J. Stutzki, WhE, E. F. van Dishoeck,
P. A. M. van Hoof, S. Viti, M.G. Wolfire
Astronomy & Astrophysics, submitted

95



96 Comparison to other PDR codes

7.1 Introduction

Theoretical models that address the structure of PDRs hese available for approxi-
mately 30 years and have evolved into advanced computestbdeaccount for a grow-
ing number of physical effects with increasing accuracye Todel setups vary greatly
among different model codes. This includes the assumed Igedenetry, their physical
and chemical structure, the choice of free parameters, tret details. Consequently it
is not always straightforward to directly compare the restiom different PDR codes.
Taking into account that there are multiple ways of impletimgnphysical effects in nu-
merical codes, it is obvious that the model output of difféf@DR codes can differ from
each other. As a result, significant variations in the phaisand chemical PDR structure
predicted by the various PDR codes can occur. The goals dD&-benchmarking are:

e to understand the differences in the different code results

to obtain (as much as possible) the same model output witlty 2R code when
using the same input

to agree on the correct handling of important processes

to identify the specific limits of applicability of the avalble codes

To this end, a PDR-benchmarking workshop was held at thentpr€enter in Leiden
(URL: http://ww.. | orent zcent er. nl /), Netherlands in 2004 to work jointly
on these topics. Here we present the results from this wogkahd the results originating
from the follow-up activities.

Sect. 7.2 describes the setup of the benchmark calculatinr8ect. 7.3, the results
are presented. For the detailed results of the benchmacklatibns, however, we refer
to the following URL:ht t p: // www. ph1. uni - koel n. de/ pdr - conpar i son, where
all pre- and post-benchmark results are posted, and Réllgh. (2006). In Sect. 7.4 we
discuss the results and summarize the lessons learnedtimbenchmark effort. For an
overview of the individual code characteristics, we agaiferrto Rollig et al. (2006).

7.2 Description of the Benchmark Models

7.2.1 PDR Code Characteristics

A total number of 11 model codes participated in the PDR modsgiparison study dur-
ing and after the workshop in Leiden. Table 7.1 gives an aeerof these codes. The
codes are different in many aspects:

¢ finite and semi-infinite plane-parallel and spherical getoymdisk geometry

e chemistry: steady state vs. time-dependent, differenhated reaction rates, chem-
ical network
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¢ IR and FUV radiative transfer (effective or explicitly wdgagth dependent), shield-
ing, atomic and molecular rate coefficients

treatment of dust and PAHs

treatment of gas heating and cooling

range of input parameters

model output

e numerical treatment, gridding, etc.
This manifold in physical, chemical and technical diffezes makes it difficult to com-

pare directly results from the different codes. Thus wedrgtandardize the computation

Table 7.1: List of participating codes. See the appendixdlidret al. (2006) for a short
description of the individual models.

Model Name | Authors
Al kawa H.-H. Lee, E. Herbst, G. Pineau des Foréts, J. Le Bourlot,
Y. Aikawa, N. Kuboi (Lee et al. 1996)
C oudy G. J. Ferland, P. van Hoof, N. P. Abel, G. Shaw
(Ferland et al. 1998; Abel et al. 2005)
COSTAR |. Kamp, F. Bertoldi, G.-J. van Zadelhoff
(Kamp & Bertoldi 2000; Kamp & van Zadelhoff 2001)
HTBKW D. Hollenbach, A.G.G.M. Tielens, M.G. Burton, M.J. Kaufman
M.G. Wolfire (Tielens & Hollenbach 1985; Kaufman et al. 1999;
Wolfire et al. 2003)
KOSMA- 7 H. Storzer, J. Stutzki, A. Sternberg (Stoerzer et al. 1996)
B. Koster, M. Zielinsky, U. Leuenhagen (Bensch et al. 2003;
Rollig et al. 2006)
Lee96nod | H.-H. Lee, E. Herbst, G. Pineau des Foréts, E. Roueff,
J. Le Bourlot, O. Morata (Lee et al. 1996)
Lei den J. Black, E. van Dishoeck, D. Jansen and B. Jonkheid
(Black & van Dishoeck 1987; van Dishoeck & Black 1988;
Jansen et al. 1995)
Mei j eri nk | R. Meijerink, M. Spaans (Meijerink & Spaans 2005)
Meudon J. Le Bourlot, E. Roueff, F. Le Petit
(Le Petit et al. 2006, 2002; Le Bourlot et al. 1993)
St er nber g | A. Sternberg, A. Dalgarno
(Sternberg & Dalgarno 1995; Sternberg & Neufeld 1999)
UCL_PDR S. Viti, W.-F. Thi, T. Bell
(Taylor et al. 1993; Papadopoulos et al. 2002)
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of the benchmark model clouds as much as possible. Thisresgail codes to reduce
their complexity and sophistication, often beyond whairthathors consider to be ac-
ceptable, considering detailed knowledge of some of thesiphlprocesses. However,
as the main goal of this study is to understand why and howetkeses differ these
simplifications are acceptable. Our aim is not to provide rinest realistic model of
real astronomical objects. The individual strengths (aeadkmesses) of each PDR code
are briefly summarized in the appendix given in Rollig et(2006) and on the website:
http://ww. phl. uni - koel n. de/ pdr - conpari son.

7.2.2 Benchmark Frame and Input Values

A total of 8 different model clouds are agreed upon for thedhemark comparison. The
density and FUV parameter space is covered exemplary byuatiog for low and high
densities and FUV fields under isothermal conditions, gjvindifferent model clouds.
The complexity of the model calculations is reduced by sgtthe gas and dust tempera-
tures to a given constant value (models F1-F4, 'F’ denotifigesl temperature), making
the results independent of the solution of the local eneadgrixe. In a second benchmark
set, the thermal balance is solved explicitly thus deteimgithe temperature profile of the
cloud (models V1-V4, 'V’ denoting variable temperature$able 7.2 gives an overview
of the cloud parameter of all eight benchmark clouds.

Table 7.2: Specification of the model clouds computed dutisdpoenchmark. The models
F1-F4 have constant gas and dust temperatures, while V1avé their temperatures
calculated self-consistently.

F1 F2
T=const=50 K T=const=50 K
n =103 cm™3, x=10 | n= 10% cm—3, x = 10°
F3 F4
T=const=50 K T=const=50 K
n = 10%° cm3, x =10 | n = 10°° cm—3, x = 10°
V1 V2
T=variable T=variable
n=103cm>3,y =10 | n=103cm>3, y = 10°
V3 V4
T=variable T=variable
n=10>cm3,x =10 | n =105 cm3, y = 10°

Benchmark Chemistry

One of the crucial steps in arriving at a useful code comparis to agree on the use
of a standardized set of chemical species and reactionsdodmeinted for in the bench-
mark calculations. For the benchmark models we include tmyfour most abundant
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elements H, He, O and C. Additionally, only the species givefable 7.3 are included
in the chemical network calculations.

Table 7.3: Chemical content of the benchmark calculations.

Chemical species in the models

H, HT, Hy, HY, HY

O, Of, OH*, OH, O,, O, H,0, H,O*, H;O*
C, Ct, CH, CH", CH,, CH;F, CH;s,

CH;f, CH,, CHZ, CH;, CO, CO",HCO"

He, He , e~

The chemical reaction rates are taken from the UMIST99 datalple Teuff et al. 2000)
together with some corrections suggested by A. Sternbelg cbmplete reaction rate
file is available on-lineHt t p: / / www. phl. uni - koel n. de/ pdr - conpari son). To
reduce the overall modeling complexity PAHs are negleateatieé chemical network and
are only considered for the photoelectric heating (phetttelc heating efficiency as given
by Bakes & Tielens 1994) in models V1-V4. Codes which calkaulame-dependent
chemistry use a suitably long time-scale in order to reaehdst state.

Benchmark Geometry

All model clouds are plane-parallel, semi-infinite cloudsonstant total hydrogen den-
sity n = n(H) + 2n(Hs). Spherical codes approximate this by assuming a very large
radius for the cloud. All groups deliver stationary solutspthus integrating up to= 108

yrs for time-dependent codes.

Physical Specifications

As many model parameters as possible are agreed upon atath@fsthe benchmark
calculations, to avoid initial confusion in comparing mbdesults. To this end we set
most crucial model parameters to the following values: thkie for the standard UV
field is taken ag¢ = 10 and10° times the Draine (1978) field. For a semi-infinite plane
parallel cloud the CO dissociation rate at the cloud surfacey = 10 should equal
1072 s71, using this for optically thin conditions (for which a poiigt exposed to the
full 47 steradians as opposed to jdst at the cloud surface) the CO dissociation rate is
2 x 1071% s7! for a unit Draine field. The cosmic ray H ionization rate istasgd to be

¢ = 5 x 1077 s7! and the visual extinctionly = 6.289 x 1072* Ny . If the codes
do not explicitly calculate the unattenuateg photo-dissociation rates (by summing over
oscillator strengths etc.) we assume that the unattenittgrhoto-dissociation rate in
a unit Draine field is equal t6.18 x 10! s7!, so that at the surface of a semi-infinite
cloud for 10 times the Draine field the,Hlissociation rate i€.59 x 10~ s~'. For the
dust attenuation factor in the,Hlissociation rate we assumep(—k Ay ) if not treated
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explicitly wavelength dependent. The valbe= 3.02 is representative for the effective
opacity in the 912-111@ range. We use a very simple,Hormation rate coefficient

R =3x10""¥TY2 = 2121x"'" cm® s7' at T = 50 K, assuming that every hitting
atom sticks to the grain and reacts to form. A summary of the most important model
parameters is given in Table 7.4.

Table 7.4: Overview of the most important model parametdl.aBundances are given
w.r.t. total H abundance.

Model Parameters

Ane 0.1 elemental He abundance
Ao 3 x 107 elemental O abundance
Ac 1x 1074 elemental C abundance
Ccr 5x 10717 g1 CR ionization rate
Ay 6.280 x 10~*Ny,,,.,  Visual extinction
UV 3.02A4, FUV dust attenuation
vy lkmst Doppler width
Dy, 5x 107 ¥ g1 H, dissociation rate
R 3 x 10718712 cm? s H, formation rate
Teasix S0K gas temperature (for F1-F4)
Thustix 20K dust temperature (for F1-F4)
n 103,10%5 cm™3 total density
X 10, 10° FUV intensity w.r.t.
Draine (1978) field
7.3 Results

There are two stages for the benchmarking results, the piepast-benchmark, which
are all posted it t p: / / ww. phl. uni - koel n. de/ pdr - conpar i son. The impact of
the benchmark effort is illustrated by considering the viglbwn C"/C/CO transition.
Before the benchmark a significant scatter is seen in thedCand CO abundances. This
scatter is mostly gone at the end of the workshop. Most of éwations can be attributed
to bugs in the pre-benchmark codes, misunderstandings,incorrect geometrical fac-
tors (e.g. Z vs. 4r). In Fig. 7.1 it is shown how well the different PDR codes camgp
by showing the Post-Benchmark results for the ©@/CO transition of model V2.

The restrictions artificially posed by the benchmark stadsldimit the capacity of
the participating model codes. For example, some modelsueter major numerical
difficulties in reaching a stable temperature solutiontfi@benchmark models V4, mainly
caused by the divergingHormation rate at high temperatures that results in a dingrg
H, formation heating. Other codes also show similar numepecablems especially for
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the model V4. This numerical noise vanishes when we applyerpbysical conditions.
Nevertheless, it is very instructive to study the codes utitese extreme conditions. In
Fig. 7.1, we show the Post-Benchmark temperature strutdureodel V2. Here, we find
that still significant differences between the PDR codes.

For a detailed discussion of the PDR model comparison, ves tefSect. 5 of Rollig
et al. (2006).

7.4 Concluding remarks

7.4.1 Meijerink & Spaans code

The PDR code as described in Chapters 5 and 6 (Meijerink & 8paa05) also partici-
pated in the PDR comparison test. We (Meijerink & Spaansg¢e&pced the workshop as
very instructive, and learned much about the influencesef#rious involved processes
on the thermal and chemical balance. We found that the eelsefore the benchmark test
were already quite promising. This was very encouragingeeslly since the develop-
ment of the code started only one year earlier. During thelerark test, we discovered
some minor bugs, which were subsequently removed. Aftebémehmark test, the code
results compare quite well to those obtained with othergp#ting codes.

The complexity of our code is much less than that of some abees (e.g., Cloudy).
For example, B and CO shielding are treated in a one line approximation|endome
codes use multiple lines. An advantage is that we are ablel¢talate models for a rather
large parameter space in a very short time. A drawback iswatannot determine
the precise H/H transition of the cloud. However, we are interested in ititegrated
atomic and molecular line ratios and these are not very sem$d the details of the H/H
transition in the cloud.

7.4.2 All codes

The major general results of this study are:

e The collected results from all participating models repréasan excellent reference
for all present PDR codes and for those to be developed irutiieef. For the first
time such a reference is easily available not only in gragdtfrm but also as raw
data: URL:ht t p: / / www. ph1. uni - koel n. de/ pdr - conpari son.

e We present an overview of the common PDR model codes and stpenhbeir
properties and field of application.

e As a natural result all participating PDR codes are now beatébugged, much
better understood, and many differences between the sdsoifh different groups
are now much clearer resulting in good guidance for furthgsrovements.

e Many critical parameters, model properties and physicat@sses have been iden-
tified or understood better in the course of this study.
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¢ We have been able to increase the agreement in model poedidor all bench-
mark models. Uncertainties still remain, visible, e.g.the deviating temperature
profiles of model V2 or the large differences for the photo-rates and density
profiles in model V4 (cf. on-line data archive).

e All PDR models are heavily dependent on the chemistry andaypbysics in-
volved in PDRs. Consequently, the results from PDR model®aly as reliable as
the description of the microphysics (rate coefficients,)dttat they are based on.

One of the lessons from this study is that observers shoultbke the PDR results too
literally to constrain, for example, physical parameteke ldensity and radiation field
in the region they observe. The current benchmarking shbeisthe relative trends are
consistent between codes but that there remain differencassolute values of observ-
ables. Moreover, it is not possible to simply infer how detidifferences in density or
temperature translate into differences in observablegyHrie the result of a complex,
nonlinear interplay between density, temperature, anchtiad transfer. We want to em-
phasize again that all participating PDR codes are muchrtemghan required during the
benchmark. Many sophisticated model features have bedoleali off in order to pro-
vide comparable results. Our motivation is technical notty physical. The presented
results are not meant to model any real astronomical objettsaould not be applied
as such in any analysis. The current benchmarking resudts@rmeant as our recom-
mended or best values, but simply as a comparison test. Ptms study we demonstrate
that an increasing level of standardization results in aiB@ant reduction of the model
dependent scatter in PDR predictions. It is encouragingte the overall agreement in
model results. On the other hand, it is important to undadsthat small changes may
make a big difference. We are able to identify a number oféhey points, e.g., the in-
fluence of excited molecular hydrogen, or the importancescbadary photons induced
by cosmic rays.

Future work should focus on the energy balance problemylglezident from the
sometimes significant scatter in the results for the noth&mnal models V1-V4. The
heating by photoelectric emission is closely related toefleetron density and to the de-
tailed description of grain charges, grain surface recoritdns and photoelectric yield.
The high temperature regime also requires an enlarged satabing processes. As a
consequence we plan to continue our benchmark effort inutugd. This should include
a calibration on real observational findings as well.
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CHAPTER 8
A grid of PDR and XDR models

The nuclei of active galaxies harbor massive young staracareting central black hole,
or both. In order to determine the physical conditions thetgn to molecular gas close
to the sources of radiation, numerical models are congdicThese models iteratively
determine the thermal and chemical balance of moleculathgass exposed to X-rays
(1-100 keV) and far-ultraviolet radiation (6-13.6 eV), akiaction of depth. We present
a grid of XDR and PDR models that span ranges in densiy ¢ 105 cm=3), irradi-
ation (10%° — 10°Gy and Fxy = 1.6 x 1072 — 160 erg cnt? s!) and column density
(3 x 10%! — 1 x 10%® cm~2). Predictions are made for the most important atomic fine-
structure lines, e.g., [Cll], [Ol], [CI], [Sill], and for miecular species like HCQ HCN,
HNC, CS and SiO up td = 4, CO and'*CO up toJ = 16, and column densities for CN,
CH, CH", HCO, HOC", NO and NH*. We find that surface temperatures are higher
(lower) in PDRs compared to XDRs for densities10* (< 10%) cm~3. For the atomic
lines, we find that, largely due to the different XDR ionizatibalance, the fine-structure
line ratios of [Sill] 35m/[CII] 158 um, [Ol] 63 pm/[CII] 158 um, [Fell] 26 um/[CII]
158 um and [CI] 369um/[CI] 609 um are larger in XDRs than in PDRs, for a given
density, column and irradiation strength. Similarly, foetmolecular lines, we find that
the line ratios HCN/HC® and HNC/HCN, as well as the column density ratio CN/HCN,
discriminate between PDRs and XDRs. In particular, the HEDOD™ 1-0 ratio is< 1

(> 1) for XDRs (PDRs) if the density exceed8® cm~3 and if the column density is
larger than10* cm=2. For columns less thah0??® cm~2 the XDR HCN/HCO™ 1-0
ratio becomes larger than one, although the individual H@Nahd HCO 1-0 line in-
tensities are weaker. For modest densitiesz 10* — 10° cm~3, and strong radiation
fields (> 100 erg s'* cm~2), HCN/HCO' ratios can become larger in XDRs than PDRs
as well. Also, the HCN/CO 1-0 ratio is typically smaller in X3, and the HCN emis-
sion in XDRs is boosted with respect to CO only for high (coh)ndensity gas, with
columns in excess of0** cm~2 and densities larger thar* cm=3. Furthermore, CO
is typically warmer in XDRs than in PDRs, for the same totatrgy input. This leads
to higher CO J=N+1-N/CO 1-QV > 1, line ratios in XDRs. In particular, lines with
N > 10, like CO(16-15) and CO(10-9) observable with HIFI/Herdchescriminate very
well between XDRs and PDRs. This is crucial since the XDR/AGitribution will
typically be of a much smaller (possibly beam diluted) aagsktale and a 10-26 PDR
contribution can already suppress XDR distinguishinguesg involving HCN/HCGQ-
and HNC/HCN. For possible future observations, column digretios indicate that CH,
CH*, NO, HOC" and HCO are good PDR/XDR discriminators.

R. Meijerink, M. Spaans, and F.P. Israel, A&A, submitted
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8.1 Introduction

The radiation that emanates from galaxy nuclei, such agtbiddGC 253 and NGC 1068
or even more extreme (ultra-)luminous infrared galaxisshelieved to originate from
regions with active star formation, an accretion disk ambarcentral super-massive black
hole or both (e.g. Silk 2005; Maloney 1999; Sanders & Mird#96). The unambiguous
identification of the central energy source, or the relat@etributions from stars and an
active galaxy nucleus (AGN), remains a major challenge engtudy of active galaxy
centers. The general aim of this paper is to determine horibyerties of the irradiated
interstellar medium (ISM) may further our understanding.

Unlike emission at optical wavelengths, atomic, molecaladl dust emission in the
far-infrared and (sub-)mm range allow one to probe deeptytime large column densities
of gas and dust that occupy the centers of active galaxiesei®@ational studies of the
ISM in galaxy centers have been presented by various authdrsAalto 2005; Baan
2005; Ott et al. 2005; Israel 2005; Spoon et al. 2001; 2008528I6ckner et al. 2003;
Israel and Baas 2002; Garrett et al. 2001; Huttemeisterfaith 2001; Curran et al.
2000). Theoretical models show that the spectral energyildliion of the radiation
representing star formation (peaking in the ultravioletll 8GN (peaking in the X-ray
regime) activity respectively influences the thermal anencital balance of the ambient
ISM in fundamentally different ways (Meijerink & Spaans B)®laloney, Hollenbach &
Tielens 1996; Lepp & Dalgarno 1996). The specific aim of tlapegr is thus to study the
extent to which emission from commonly observed molecutar@omic line transitions
may be used as a diagnostic tool in the study of external galerters to determine the
ambient conditions in general, and the type of irradiatioparticular.

To this effect, we have extended the chemical calculatiesciibed by Meijerink
& Spaans (2005; hereafter Paper 1) for ultraviolet and X-ragdiated gas to a much
larger parameter space of ambient conditions and we havYerpexd detailed radiative
transfer calculations to compute the line intensities ofyn@omic and molecular transi-
tions. We refer the interested reader to Paper | for a detaiéscription of the combined
photon-dominated region (PDR)/X-ray dominated region RJ@ode that we have used
to compute the impact of ultraviolet (PDR) and X-ray (XDR)opdns on nearby ISM.
The results described here will be applied to observatidext@rnal galaxy centers in a
subsequent paper (Meijerink et al., in preparation). taet al. (2005) also developed
PDR and XDR codes, for applications to Young Stellar Objediee main difference
is that this code has a time dependent chemistry and thatlitdas ice evaporation at
t = 0. This affects the chemistry compared with traditional dieatate models of pure
gas-phase PDRs (e.g., CN/HCN is affected). This is not aglefor our cloud models.
However, freeze-out and evaporation start to become irapbfor clouds with density
ng > 10° cm™3,

8.2 ’'Standard’ clouds

The current spatial resolution of sub-millimeter telesegsuch as the James Clerk Maxwell
Telescope (JCMT), the Institute de Radio Astronomie Midinque (IRAM) telescope
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Table 8.1: 'Standard’ clouds
Type r(pc) n(cm™3) N(cm™2?) Gy Fx [ergs!cm™2]

A 1 10* —10%% 3 x10%-1x10% 10*-10° 1.6-160
B 10 10 —10* 3x10*-3x10% 10'-10* 1.6x107'-16
C 10 10°—10* 3 x10*-3x10* 10°°-10° 1.6x107*-1.6

and even the Combined Array for Research in Submillimetérohe®my (CARMA) or the
Submillimeter Array (SMA), is insufficient to resolve inddual clouds in extragalactic
sources. By using these telescopes, each resolution ei¢nusrmeasures the combined
emission from a large ensemble of molecular clouds. As aemurence, it is frequently
impossible to use a single model cloud solution to deschbeobserved molecular lines.
Instead, more complicated solutions involving two or moredel clouds, with differ-
ing densities and incident radiation fields, are neededs €bntrasts with the study of
Galactic objects, where usually a single model cloud sotuis sufficient to fit the mea-
surements of single resolution elements.

In this paper, we calculate a grid of 'standard’ clouds sangpthe different physi-
cal conditions believed to be relevant for the centers affaaalaxy nuclei. In order to
sample both the hierarchical size and (column) density gnas of the ISM, we have
chosen to construct models for a number of fixed sizes as wealeasities. Note that
the column densities are not the same for each model, sinesa/éxed cloud sizes. In
these clouds, we investigate the detailed column densjpigrt#ence for the line ratios
HCN/CO, HNC/HCN, HCG/HCN, SiO/CO and CS/HCN, which include line ratios ob-
served in several galaxies. From our computational grid,mmmore, properly weighted,
models can be chosen to reproduce observed atomic and rfaolboes.

We distinguish three different 'standard’ clouds, eachhwitieir own characteristic
combinations of size and volume density range, hence alsoncodensity (cf. Table
8.1), for which we calculate a set of models for differentident radiation fields, and
where a distinction between irradiation by far-ultravio(EUV) and X-ray photons is
made. The X-ray radiation field is a power-law distributiB(\Z) = F(0)(E/1keV)~
integrated between 1 and 100 keV, where- —0.9. This power law spectrum is generally
believed to be representative for accreting black holesas¥l note that this differs from
Paper I, where we used a thermal distribution @t K instead. The ultraviolet radiation
field (6-13.6 eV) is expressed in multiples of the Habing fllwg, x 1073 erg cnm? s~
We use a line widthl, = 2.7 km s~!. Cloud type A represents compact, high-density
environments such as molecular cloud cores, and cloudscl@seg to active nuclei; cloud
type B corresponds to more traditional molecular cloud emrments, and cloud type C is
representative of the more diffuse extended (moleculadiume in which clouds of type
B are usually embedded.

Late-type galaxies frequently have radial metallicitydjesnts, with the highest metal-
licity in the center (Vila-Costas & Edmunds 1992; Zaritskyaé 1994). For this reason,
we have adjusted the metallicity used in Table 2 of Paper & piiblished metallicity
gradients and suggestions of a gradient flattening in thg eemter have led us to adopt
a twice Solar metallicity as a reasonable value. Since @}J§bundance ratios decrease
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at higher metallicities, we have taken the carbon abundagoal to the oxygen abun-
dance (see, for instance, Garnett et al. 1999; Kobulnickyk8irBan 1998). Note that
the [C]/[O] ratio affects the abundances of &nd HO. See for example Spaans & van
Dishoeck (2001) and especially Fig. 2 in Bergin et al. (2000)

From the models, we have calculated the intensities of thieentar rotational lines
of HCN, HNC, HCO, CS and SiO (uptd = 4), [CI], [CII], [OI], [Sill] and other fine-
structure lines. For CO andCO we calculated the intensities of the rotational linesaup t
J = 16, in order to make predictions for future observing faadtisuch as the ESO Her-
schel/HIFI space mission. We use the Leiden Atomic and Miée®atabase (LAMDA)
as described in Schoier et al. (2005) to retrieve the ¢olisl data needed for the calcula-
tions. Where no collisional data are available for commaiigerved molecules such as
CN, CH, CH, HCO, HOC', NO and NH™, we only give column densities..

8.3 Surface temperatures

To illustrate the coupling differences of FUV and X-ray pbios to the gas, we first discuss
the surface temperatures of the low, mid, and high densitgteisorespectively over the

parameter space given for the PDR and XDR models in Tablé/@lcalculated a larger

range of radiation fields for the PDR models than for the XDRlgls, for reasons related
to the heating efficiency which are discussed below. Thdtiagsurface temperatures as
a function of gas density and incident radiation intensitylioth PDR and XDR models

are shown in Fig. 8.1.

The most important heating mechanism at the edge of a PDRts{ghectric heating.
FUV photons are absorbed by dust grains, which releaseetecthat lose their surplus
kinetic energy to the gas by Coulomb interactions. The efficy of this process in-
creases, when the grains are more negatively charged, wghitstermined by a complex
interplay of the impinging radiation field,, electron density.. and gas temperatufg.
The absolute efficiency is very low, since about 0.5-3 pdroéthe photon energy goes
into gas heating. This sharply contrasts with direct X-ragting, important at the edge
of XDRs. Direct ionization of an atom yields a kinetic electrwith an energy higher
than 1 keV. This electron heats, ionizes and excites the@asending on the H, H He
and electron abundances, the heating efficiency can be Wpgercent, much higher than
for photo-electric heating. However, there is an opposiifecg namely the much lower
absorption cross section for X-rays. Since the cross secsoale roughly a3, there
are many fewer X-ray photons absorbed than FUV photons.

We find that at high densities.(> 10* cm~—3) PDR models produce higher surface
temperatures than the XDR models. At low densities, howeverind the opposite, es-
pecially in the case of high radiation fields. This is expéaiiby the drop in the efficiency
of photo-electric heating at densities< 10° cm~2 when the same impinging radiation
field is considered. This is nicely illustrated in Fig. 6 ofidaan et al. (1999), where the
ratios of the intensity of the [CII] 158m and [Ol] 63um lines to the total far-infrared
intensity emitted from the surface of the clouds are ploted function of density and
radiation field. This ratio is a measure of the heating efficie since [CII] 158:m and
[OI] 63 um are the most important coolants in PDRs.
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In the regime discussed here, the surface temperatureg &R models are quite
well correlated withH x /n, where Hx is the energy deposition per particle andhe
total hydrogen density. This means that the highest suti@acgeratures are found at
the lowest densities and highest impinging radiation fieldsnsequently, the contours
of equal surface temperature are almost straight linesenXR plot of Fig. 8.1. In
the PDR models their behavior is more complicated, as ajfré@tussed by Kaufman
et al. (1999), since grains are involved in heating the gasthé edge of the cloud, the
cooling is dominated by [CII] 158m and [Ol] 63 m, which have critical densities
of n..(CII) ~ 3 x 10® cm™3 andn,,(OI) =~ 5 x 10° cm~3. The cooling rate in this
regime is more or less proportional t8. The heating rate is at least proportionabto
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because the grain density is proportionaktdt can be larger, because grains become less
positively charged at increasing electron densities nakiaasier for electrons to escape
the grains, so that the heating efficiency increases. Nesleds, the density dependence
of heating remains less steep thah i.e., less than that of cooling, which causes a drop
in the temperature at < 10* cm~3 and for fixedG, with increasing density. Between
n ~ 1 —3 x 10® cm~3 where the [CII] 158:m line thermalizes, the drop in temperature
stagnates. For densities betweea 10* — 10° cm=3 andG, < 10*, we also find that the
surface temperature drops with increasingThe [Ol] 63:m line thermalizes at higher
densities: = 10° — 10° cm~2 and, therefore, cooling will be proportional to Heating
increases faster with density, which results in a highdiasertemperature. Fa¥, > 104,

we find that the surface temperature rises up ts 5 x 10° cm~3 due to the increase in
the heating efficiency with density at fixee,. Above this density and at these high
temperatures, coolants with high critical densities arugtaiion energies such as the [Ol]
63004 line become important, causing the surface temperatudedp again.

When we compare the surface temperatures with those debydtaufman et al.
(1999), we find that our model surface temperatures are high@ossible explanation
for this has been discussed recently by Rollig et al. (20@6p present scaling relations
for heating and cooling as a function of metallicity They state that the photo-electric
heating rate isx Z for n < 103 cm~2 increasing taZ? whenn > 10% cm~3. The cooling
rate is always proportional t&@, and, therefore, higher metallicities result in higher-sur
face temperatures. Note however that the temperaturaelites found are very likely
not only because of a change in metallicity. In the PDR compartest (Rollig et al.
2006), we found significant scatter between different PD&esdn the thermal balance.
Therefore, one should not take the absolute values of litengities too literally in the
interpretation of data.

8.4 Fine-structure lines

In principle, we can use combinations of fine-structure limensities to constrain den-
sities and incident radiation fields. Here we discuss hown dine ratios depend on gas
density, ambient radiation field strength, and cloud coluensity, and compare the re-
sults for the PDR and XDR models.

8.4.1 [Sill] 35 um/[Cll] 158 um intensity ratio

In Fig. 8.2, we show the [Sill] 34.8m / [Cll] 158 um fine-structure line ratio for both
the PDR and the XDR models. The [Sill] 34u8n line has an energy df' /k = 414 K

and a critical density of.., = 3.4 x 105 cm~3, while thisisE /k = 92 K andn,,, = 2.8 x

103 cm~3 for the [CII] 158 um. Very high radiation fields produce ambient temperatures
in the PDR models that are sufficiently high to excite theiperpstates and the ratio
depends mostly on density. With lower radiation fields, thdaxe temperature drops.
The upper level energy of [Sill] 34.8m is reached first and the [Sill}/[CII] line ratio
drops. As the density increases at a given FUV radiation,ftéle ratios limit to roughly
constant values that are set by the corresponding surfaqeetatures.
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Figure 8.2: [Sill] 34.8um / [CII] 158 m ratio for PDR (left) and XDR (right) models.

In the XDR models, the ratio is not only determined by the terafure and density,
but also by the fractional abundances and column densiti€DRs clearly defined layers
occur, in which carbon and silicon are both almost fully med, but throughout XDRs
neutral and ionized species co-exist. Despite the facstivédce temperatures in the XDR
models are lower, we find much higher [Sill]/[CII] ratiosnske silicon is much easier to
ionize than carbon. The dominant source for ionization isthe direct absorption of an
X-ray photon (primary ionization), but the produced kigetiectron. This electron can
ionize a species either directly by collisions (secondaryzations) or indirectly by first
exciting H and H and producing Lymam and Lyman-Werner photons, which then may
ionize species in turn. The cross section of Si for seconaenization is about twice that
of C. This does not, however, fully explain the order of magadeée difference between the
calculated PDR and XDR ratios. This difference also refldadact that ionization of C
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Figure 8.3: [Ol] 63um / [CII] 158 m ratio for PDR (left) and XDR (right) models.

can only be done by Lyman-Werner photons, whereas both Lymemd Lyman-Werner
photons are capable of ionizing Si. It is thus harder to ierizthan Si in regions where
the gas is mostly atomic, which results in a large increaghefatio for all densities at a
given irradiation strength.

This also explains the fairly constant ratio beldw ~ 10 erg s' cm=2 for n ~
2 x 10% — 3 x 10% cm=3, which results from an interplay between various effectsthw
ambient radiation fields constant, we find that the surfacgtratures drop with increas-
ing density in the XDR. At lower temperatures and higher derss H, is more easily
formed. Both the temperature drop itself and the enhanceflddding to more carbon
ionizations) thus suppresses the [Sill)/[CII] ratio, buistis compensated by the relatively
high critical density of the [Sill] 34.&m line.

For the highest;> 16 erg s' cm~2, radiation fields, where carbon is highly ionized,
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Figure 8.4: [Fell] 26um / [CII] 158 um ratio for PDR (left) and XDR (right) models.

we find the same trend as seen for the PDR, i.e., the ratio isymbespendent on den-
sity for the highest radiation fields, and then there is a elese® in the ratio when the
temperature drops toward the upper-state energy of [Sill].

At the lowest densities and highest X-ray radiation fields, fuad that the effect of
column density become important as well. Since we fixed ckrels, in each cloud type
the lowest density models imply also the lowest column dessiln the high irradiation
models, carbon is almost fully ionized at the XDR edge. Tlaetfonal abundance of
ionized carbon drops toward the H/lttansition and then increases again for the reasons
discussed earlier. In the lowest (column) density modeks,only produce the highly
ionized part, suppressing the ratio even more. This is leest 81 the diagram for the high
density XDR models, at densities= 10* cm~3. The ratio increases frofiy = 1.6 to
30 erg s' cm~2 and then drops again. Hence, if we increase the column denesftthese
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Figure 8.5: [CI] 369um / [CI] 609 um ratio for PDR (left) and XDR (right) models.

models by a factor of- 30, the ratios only depend on radiation field strength and not on
density.

8.4.2 [OlI] 63 um/[CIl] 158 um intensity ratio

In Fig. 8.3, we show the [OI] 6am / [CII] 158 uxm ratio. The critical density ig,, =

5 x 10° cm~3 and the upper-state energyfis'k = 228 K for [Ol] 63 um. In the PDR
models and at very high incident radiation fields, this raepends mostly on density as
in the case for the [Sill}/[CI]] ratio, since once again tezngtures are sufficiently high
to excite both upper-state levels. When the surface tertyperdrops for lower radiation
fields, the upper-state energy of [Ol] is reached first. Thi/[Qll] ratio then drops, with

a flat density dependence far < 10* cm=3 and G, < 103. The decrease in this line
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ratio is, however, less pronounced than that in the [STI}] ratio, because the upper-
state energy of [Ol] is lower than that of [Sill]. Whe#, < 10% andn>10%° cm™3, the
ratio is roughly constant at the same density for all valde§o Here, the more difficult
excitation of [Ol] at lower temperatures is counteractedHi®/C" layer becoming thinner
at lower radiation fields.

In the XDR, the [OI}J/[CII] ratio is again more complex due ts idependence on
density, radiation field, ionized carbon fraction and ta@lumn density. The ratios are
overall much higher than in the PDR models, since carbon doglsecome fully ionized.
At the largestH x /n, temperatures are high enough to create a dependence atydens
only. At lower radiation fields, the [OI])/[CII] ratio dropssatemperatures approach the
upper-state energy of the [Ol] §an line. When we decrease the radiation field even
more, we find that the Cfraction is rapidly reduced at high>(10°> cm~3) densities and
the ratio increases again. At high (16 erg s'' cm~2) radiation field strength and low
densities, a largé/ x /n is maintained throughout the whole cloud, since the reletygre
A cloud size is only one parsec. For that reason, we find hersdime effect as already
seen in the [Sill]/[CII] ratio, since column densities inase toward higher densities.
At the highest radiation fields and lowest densities, th® riatsuppressed since carbon
remains partially ionized over the full extent of the clowssidered here. We do not
find the highest ratio at the highest radiation field in thedodensity models.

8.4.3 [Fell] 26 um/[ClI] 158 pm intensity ratio

In Fig. 8.4, we show the [Fell] 26m / [CII] 158 um intensity ratio. [Fell] 26um is very
difficult to excite due to its high critical density., = 2.2 x 10° cm™ and upper-state
energyE /k = 554 K. Thus, the change in ratio with increasing density at higtident
radiation fields is much larger than that seen for the [Sidl]J&:m / [CII] 158 um ratio.
In the PDR models and at high incident radiation fields, thie raostly depends on the
density. At lower radiation field strengths, approaching tipper-state energy of [Fell],
the ratio drops.

The same trends are seen at high radiation fields in the XDRelmpdut again, we
find much higher ratios than in the PDR models. It is possibl®hize iron with Ly-
mana photons, but not carbon. At moderate radiation fields, werafijad ratios to be
more or less independent of density, for the reason that we alaeady discussed in the
[Sill}/[CII] case. At the lowest densities and highest &thn fields in each cloud type,
we find that the ratios are similarly suppressed as was theefoa$Sill] 35 m/[CII] 158
pm and [Ol] 63m/[CII] 158 um.

8.4.4 [CI] 369,m/[CI] 609 um intensity ratio

In Fig. 8.5, we show the [CI] 36@m / [CI] 609 um intensity ratio. The critical densities
of these lines are:., = 3 x 10* cm~2 for [CI] 609um andn,.. = 2 x 103 cm~2 for
[CI] 369 um, typically lower than the densities we are consideringehefhe upper-
state energies arg/k = 24 and63 K for [CI] 609:m and [CI] 369um, respectively.
In the PDR models, the [CI] lines originate from the /C/CO transition layer. The
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temperatures in this layer slightly rise with increasingident radiation field strengths
and range betweel’ = 20 — 100 K (comparable to the upper-state energies). This
explains the small increase in the ratio for larggy at the same density. The ratio does
not change much as a function of density, since we are abeveritical density. The
change we do see, however, has a temperature dependence . d@fisities are lowered,
recombination rates are lower as well. By consequencegaehidensities, the transition
layer is closer to the edge of the cloud and at higher tempegatwhich raises the ratio.

In the XDR, neutral carbon occurs throughout the cloud, andlso abundanct at
relatively high temperatures. The spread in temperatgriesge, which was already seen
in Sect. 3, and this determines for a large part differencdke ratios. The temperature
of a cloud is determined b¥ x /n, resulting in the highest ratios for lowand highFx,
opposite to the situation in the PDR models. The three clgpdg, with their different
low, mid and high density ranges nevertheless show venjaispreads in ratios. This is
caused by the difference in column densities, which als@hasy important effect. The
low, mid, and high density models have their own fixed clow sand in each standard
cloud type, column densities increase toward higher diessit the same density range.
The higher density models contain larger regions of low terafure, which suppresses
the ratio at these densities even more. This can also be stnddrby considering the
ratio atn = 10* cm=3 in the mid (type B) and high (type C) density range. The high
density model at = 10* cm~3 has a smaller cloud size and therefore a higher line ratio.

8.5 Rotational lines

Molecular rotational lines are also characteristic forphgsical condition of ISM gas and
may also be used to constrain gas densities and incideati@ufields. In the following,
we discuss a number of ratios, involving the molecular géCO, 1*CO, HCN, HNC,
HCO", SiO and CS. Although we reproduce in this Paper only a lidhitember of the
diagrams showing the calculated line intensity ratiosiradtel data are available on-line
1. Hence, the reader can determine all line ratios and integreer all possible lines
of sight as interest dictates. Here we concentrate on mialetines that we consider
particularly useful to distinguish between PDRs and XDR& have calculated the line
intensities by using a one-dimensional version of the tamharansfer code described in
Poelman & Spaans (2005, 2006).

8.5.1 CO rotational lines

In Fig. 8.6, we show the CO(1-0) line intensity for cloud tgp& (high-density), B
(mid-density) and C (low-density) for both the PDR and XDRdmbcases (cf. Table
8.1. All three cloud types are relevant for CO (al€O) since these molecules are
present ubiquitously on all galactic scales. The CO(14% has an upper state energy
E/k = 5.53 K and a critical density., ~ 3 x 10> cm™3. In the low density PDR
models ¢ = 10? — 103 cm™3), we find that the intensity increases with density only. In

1http://vwwv.strw.Iei denuniv.nl/~neijerin/grid/
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Figure 8.6: CO(1-0) intensity in erg cths~! sr-! for PDR (left) and XDR (right) models.

the mid @ = 10® — 10* cm~3) and high ¢ = 10* — 10%5 cm~3) density range, we also
find a small line intensity increase at higher incident rdrafields. At higher densities,
gas-grain interactions may significantly increase gas &atpres in the highly attenuated
part of the cloud. Although the upper-state energy is belwvgas temperature, we find
a significant increase in the line intensity. In general, lihe intensities do not vary
much in the PDR models, as opposed to what is seen in the XDRIsoth all PDR
models, the CO(1-0) lines are optically thick. In the XDR ratsdfor type C clouds
(n = 10? — 103 cm™3), the line intensities vary over two orders of magnitudec@ese
of the fixed cloud size, models at higher densities have tazgkimn densities. Even
at the point farthest from the cloud edge, the low densityigaype C clouds causes
relatively little radiation attenuation, and with high ident radiation it is at very high
temperature and in a highly ionized state throughout. Utltese conditions warm CO
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Figure 8.7: CO(2-1)/CO(1-0) ratio for PDR (left) and XDRghit) models.

gas present, but only in very small amounts. Therefore, &t points in parameter only
very weak line emission is produced and the lines are opgitaih. In the high density
range ¢ = 10* — 10%° cm™?) of type A clouds, on the other hand, the spread in intensity
is much reduced. Although at densitiesof= 10* cm~3 most of the cloud is still at a high
temperature and in a highly ionized state, there is suffietumn density to have CO
abundances large enough to produce significant line emisgibeven higher densities
(n = 10% cm=3), the column densities are high enough to attenuate thatiaxifield in
such a way that a large CO fraction is produced 0~*), but still at a temperature of
T ~ 100 K. Here, the CO(1-0) line emission produced in XDRs can bettwiour times
stronger than that in PDRs.

For the CO(2-1) line, the upper state energyjsc = 16.60 K and the critical density
isn.. ~ 1 x 10* cm=3. Although not shown, the line intensities exhibit a behavias a
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Figure 8.8: CO(4-3) intensity in erg cths~! sr-! for PDR (left) and XDR (right) models.

function of density and radiation field very similar thattlodthe CO(1-0) line. Because
of the higher upper state energy, we find a somewhat strorgmridlence on radiation
field in the PDR models. The effect of the larger critical dgns hard to see, due to
the large optical depths, but do show up when we consider ®&-Q)/CO(1-0) ratio.
This ratio is shown in Fig. 8.7. In the PDR models, the ratiesinot differ more than a
factor of two over the full density range considered herethenXDR models, very large
line intensity ratios of 30 or more are found, especially ighhncident radiation fields.
Itis, however, very questionable whether we will actualbgerve these high ratios, since
the intensity of the emitted emission is low. The CO(2-1)(CO) ratio dependence on
density and radiation field is in general weak, especialliPPRs, since the upper state
energies are not very high and the difference in criticalsitgns small.

The CO(4-3) line (see Fig. 8.8) has an upper state enBygy= 55.32 K and critical
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Figure 8.9: CO(4-3)/CO(1-0) ratio for PDR (left) and XDRghit) models.

densityn., ~ 4 x 10* cm~3. As expected, the emitted intensity shows more variatigh wi
density and radiation field. In Fig. 8.9, we show the CO(4£8)(1-0) line intensity ratio.
In the low density range (cloud type C), PDR models still progl a line ratio increase
only as function of density, but the variation in the ratislggiown to more than a factor
of two, as opposed to only 20 percent in the corresponding2€YCO(1-0) ratio. The
XDRs for this cloud type show a complex behavior with denaityl radiation field and
the ratios cover a much larger range from about 2 to 40. At lagiation fields, only a
density dependence is seen. At high radiation field strengtie effect of the column
density comes into play. In the mid density (type B) PDRs,Highest line ratios are
seen for the highest densities and radiation fields. The XiDRisis range show only a
dependence on radiation field. The effect of the higher dgisscompensated by the fact
that at lower densities relatively more gas is at high terapees. The gas temperature
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plays a large role in the density range applicable to thiaatkype. CO is present at much
higher temperatures in the XDRs. Therefore, the XDR linsdor the same density and
incident radiation field can be more than ten times largen thahe PDR. This difference

slowly disappears when the critical density of the CO(44®) Is reached and the CO(4-3)
line also thermalizes, which is seen in the high density egfetpud type A) at densities

n > 10% cm~3,
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Figure 8.10: CO(16-15), CO(10-9), and CO(7-6) intensitglig cnt 2 s~ sr-! for PDR
(left) and XDR (right) models.

8.5.2 HighJ-CO rotational transitions

In cloud type A XDRs { = 10* — 1055 cm~3), CO is present throughout the cloud, even
when energy deposition raté$y /n are large and temperatures are high+{ 200 K).
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A grid of PDR and XDR models
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This warm CO gas produces emission originating from higlatrohal transitions even
when densities are not high (e.g.,= 10* cm=3). Contrary to the situation in XDRs,
most CO in PDRs is produced beyond the Hifransition and it has on average much
lower temperaturesi/{ ~ 20 — 50 K), causing lower intensities and line ratios. Therefore,
it is very likely, that future missions such as Herschel/HMll be able to distinguish
between PDRs and XDRs, by observing high rotational trammsitsuch as CO(16-15),
CO(10-9), and CO(7-6).

In Fig. 8.10, we show the PDR and XDR intensities of the CO(7a%(10-9) and
CO(16-15) lines for the high density range (cloud type A). fidel that for both PDRs
and XDRs, the spread in intensities increases for highatiostal lines, since the critical
densities of these transitions are higher. However, thisapis much larger for PDRs
than for XDRs. The CO(16-15) line intensity ranges frem10~° (n = 10* cm™
andGy = 10®)to ~ 102 ergstcm?sr! (n = 10 cm= andG, = 10°) for
the PDR models, while thisis 107* (n = 10 cm™3) to ~ 1072 erg s' cm2 sr!

(n = 10%5 cm~3) for the XDR models. PDRs show only significant CO(16-15)ssian
at very high densities and radiation fields{ 10° cm=3 andG, ~ 10%). This very dense
and strongly irradiated gas, however, has a very small dilfactor on large (galaxy)
scales, and, the probability of observing a PDR with a veght€O(16-15) intensity is
low.

The difference between the PDR and XDR models is seen eviar bgtconsidering
the intensity ratios of these high rotational transitiossg( Fig. 8.11). A good example
is the CO(16-15)/CO(1-0) ratio, which ranges frond—3 to 10? for PDRs, and froml0
to > 10" for XDRs. Especially for densities betweéf! — 10° cm™3, it is very easy to
distinguish PDRs from XDRs.

8.5.3 13CO rotational lines

The!3CO lines have critical densities and upper state energigbéaotational transitions
almost identical to those dfCO. As we have adopted an abundance r&@'C= 40
in our models,'*CO abundances are relatively low and the lines are much |essadly
thick.

The 13CO(1-0) line intensities (Fig.8.12), show the same trenilB density and ra-
diation field as the CO(1-0) line, but there is a larger spreaidtensity. For example,
the difference in the CO(1-0) line emission in the low degnBIDRs (cloud type C) is a
factor of two and more than a factor of 3 for th&CO line. This effect is even larger for
the XDRs. We find similar results for both th&CO(2-1) (not shown) an#CO(3-2) line
intensities as is evident from the correspondit@O line ratios (see Fig. 8.13 and 8.15).
A nice illustration of the CO ané#CO behavior is supplied by the the CO(4-3)/CO(1-0)
versus thé?CO(3-2)3CO(1-0) intensity ratio for the low density PDRs (cloud typg
The CO(4-3) line is pumped due to the fact that the lower i@l lines become optically
thick. The CO(4-3)/CO(1-0) ratio changes only a factor ab twhich is a factor two and
a half for the'*CO(3-2)/*CO(1-0) ratio, despite the lower critical density'd6€O(3-2).
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Figure 8.12:13CO(1-0) intensity in erg crm? s* sr-! for PDR (left) and XDR (right)
models.

8.5.4 3CO/CO ratios

In Fig. 8.16 and 8.17, the important isotopical intensityosof 1*CO(1-0)/CO(1-0) and

13C0O(3-2)/CO(3-2) are shown. Although for all cloud typesr(si¢éy regimes) the line

intensities are larger in the XDR, the PDR isotopical ragreseed those of XDRs, which
means that the opacities of the XDR lines are larger as well.

8.5.5 [CI] 609um/ 3CO(2-1) ratio

Fig. 8.18 shows the [CI] 608m/ *CO(2-1) ratios. For the same gas density and incident
radiation field, PDRs have much lower ratios than XDRs. InRRs, the spread in
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Figure 8.13:3C0O(2-1)/*CO(1-0) ratio for PDR (left) and XDR (right) models.

the ratio is generally not very large. At low densities, @atrapidly decrease from 72
(n = 102 cm™3) to 18 (» = 10%) and then slowly fall off from 14.5/( = 10* cm™3)

to 2 (n = 10° cm=3). While the PDR ratios show a more or less steady decrease wit
density, a rather different picture is seen in XDRs. In eaghsity range (cloud type), the
ratio changes by several orders of magnitude. For the lodastity in each cloud type,
the column density is too low to attenuate the incident taahefield sufficiently to allow
large amounts of CO to be present. On the other hand, neaitiabie occurs throughout
the cloud, and, therefore, a large increase in the ratiosesa toward hight/ x /n.
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Figure 8.14:13CO(3-2) intensity in erg crm? s* sr-! for PDR (left) and XDR (right)
models.

8.5.6 HCN rotational lines

In Fig. 8.19, we show the HCN(1-0) and HCN(4-3) line intelesifor high density (cloud
A type) PDR and XDR models only. Where the CO(4-3) line hasitecat density of
Ner ~ 4 x 10* cm~3, the HCN(1-0) line has a critical density of, ~ 3 x 10 cm™3.
Higher rotational transitions such as HCN(2-4), ~ 4 x 10° cm™3, and HCN(4-3),
ne ~ 2 x 107 cm3, have even higher critical densities. The HCN rotationadi specif-
ically trace the dense gas component in galaxies, and tkaritensities from low and
medium density gas are low. The HCN(1-0) line intensitiesgefrom3 x 10! to

2 x 1078 erg s* cm~2 sr! for the low and mid density (type C en B) PDR models,
and even less for the corresponding XDR models. Becausesofgbor observational
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Figure 8.15:3CO(3-2)/*CO(1-0) ratio for PDR (left) and XDR (right) models.

prospects, we have limited ourselves to only showing theeh@bults in the high den-
sity range (cloud type A). Typically, the HCN(1-0) emissisnstronger in PDRs by a
factor of about two for densities larger thaf® cm=3. The HCN(4-3) diagrams show
behaviour very similar to that of HCN(1-0), but the PDR andX[he strengths are now
somewhat closer.

Typically, the HCN(1-0) emission is stronger in PDRs by adaof about two for
densities larger thah0® cm=3. Our results are consistent with the chemical calculations
of Lepp & Dalgarno (1996) for different ionization rates,fabows. Our depth dependent
models cause the HCN line emissivities to be the result ohedif-sight integral over
the HCN abundance pattern that results from a varying (a#tteed) X-ray flux. Lepp &
Dalgarno (1996, their Fig. 3) find a rather narrow range ofzation rates for which the
HCN abundance is high and consequently the XDR HCN line ewitiss have difficulty
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Figure 8.16:1*CO(1-0)/CO(1-0) ratio for PDR (left) and XDR (right) models

to compete with the PDR ones. The HCN(4-3) contour plots silmout the same features
as seen for the HCN(1-0). However, the PDR and XDR line strengre now somewhat
closer.

8.5.7 HCNJ/CO line intensity ratios

Intensity ratios of lines from the same species, such as O@3)/CO(1-0) ratio, vary
with column density, due to the temperature gradient thinoudjthe cloud, optical depth
effects, varying abundance etc. Intensity ratios of limeefdifferent species, in addition
vary because of abundance ratio differences, complicaieagnterpretation of such line
intensity ratios. In this section we turn our attention te tiCN/CO ratio, and start by
showing in Figs. 8.20 and 8.21 the cumulative line intensdtyos for a set of PDRs
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Figure 8.17:3CO(3-2)/CO(3-2) ratio for PDR (left) and XDR (right) models

and XDRs at densities ranging from= 10* — 10° cm~ and incident fluxes between
Gy = 10° — 10° (Fx = 1.6 — 160 erg s* cm~2). The cumulative line intensity is the
emergent intensity arising from the edge of the cloud to mwiulensityNy = nyz:

I(z) ! /OZ A(2")dZ. (8.1)

"o

In the PDR, both the HCN(1-0)/CO(1-0) and the HCN(4-3)/CQ)4atio show a
minimum. The HCN abundance shows a drop around the, tasition, while CO has
its maximum abundance beyond the CO transition. Deeperearclitud, the HCN/CO
abundance ratio is more or less constant, but the CO linenbesmptically thick and

therefore the ratio increases.
When H x /n is low in the XDR model, the gas is molecular, and the HCN/COnab
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Figure 8.18: ClI 609:m/**CO(2-1) ratio for PDR (left) and XDR (right) models.

dance ratio is more or less constant. A slow rise in the ratieden, as the CO line
becomes optically thick. When the outer part of the cloudt@srac (for high Hx /n),
HCN shows a maximum, before the Hylttansition. This also produces a maximum in
the HCN(1-0)/CO(1-0) ratio. In the PDR, the variation is twt large for column den-
sities Ny > 10?2 cm~2. In the XDRs, however, the variation betwediy = 10%? and
10% cm~2 can be rather large.

In Fig. 8.22, we show the HCN(1-0)/CO(1-0) and HCN(4-3)/@43] line ratios for a
fixed cloud size of one parsec (cloud type A). The variatiotharatios is relatively large,
due to the high critical densities of the HCN transitions.e TWDR models produce the
highest HCN(1-0)/CO(1-0) ratios, which are attained agéadensities/( > 10° cm™3)
and may exceed unity. The corresponding XDRs have ratiosrdye0.1-0.2. The inter-
pretation of the low J transitions is very difficult due to higpacities, especially in the
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PDRs. For this reason, we also show the HCN(4-3)/CO(4-8),rathich shows similar
trends with density and radiation field, but with somewhatdoabsolute ratios.

8.5.8 HCO" rotational lines and HCN/HCO™ line intensity ratios

In Fig. 8.23, we show the HC{1-0) and HCG (4-3) line intensities, with critical den-
sitiesn,,. ~ 2 x 10° and4 x 10° cm=3, respectively. These critical densities are signif-
icantly lower than for HCN, causing a smaller spread in lineemnsities. Typically, the
HCO" lines are stronger in XDRs than in PDRs by a factor of at |dastet This is a
direct consequence of the higher ionization degree in XINRsijérink & Spaans 2005),
leading to an enhanced HCGormation rate.

Note in this that Lepp & Dalgarno (1996, their Fig. 2) find ahext wide range of
ionization rates for which the HCOabundance is large. As for the HCN discussed
above, this is consistent with our results since we integtia¢ depth dependent HCO
abundance profile that results from the attenuation of thgirniging X-ray flux. The
HCO" line-of-sight integral thus picks up a large contributiamdacompetes favorably
with the PDR line emissivities.

In Figs. 8.24 and 8.25, we show the cumulative HCN(1-0)/HCI20) and HCN(4-
3)/HCO" (4-3) line intensity ratios, for the same PDR and XDR modsls&ection 5.5.
Depending on the incident radiation field, HCN or HC@ more abundant at the PDR
edge of the cloud. Around the H{Hransition a minimum in the HCOabundance is
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Figure 8.20: Cumulative HCN(1-0)/CO(1-0) line intensi&fios for PDR (top) and XDR
(bottom).

seen in the PDR. Deeper into the cloud, the HGIBundance increases again, and is then
constant. This is also the case for HCN, and the HCN/HM@Dundance ratio is larger
than unity. Therefore, at sufficiently large columns andsitées, the HCN(1-0)/HCO(1-

0) line intensity ratio becomes larger than one.

In the XDR models, HCO is chemically less abundant than HCN for very large
Hx /n (Meijerink & Spaans 2005). For larger columns HE®ecomes more abundant,
however, and eventually the cumulative column density ofCHecomes larger than
HCN (see specifically Fig. 10 in Paper I). This follows ditgdrom the fact that the
HCO" abundance is high over a much wider range of ionization thts HCN (Lepp &
Dalgarno 1996, their Figs. 2 and 3).

Fig. 8.26 clearly shows that the HCN/HCQatio discriminates between PDRs and
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Figure 8.21: Cumulative HCN(4-3)/CO(4-3) line intensi&fios for PDR (top) and XDR
(bottom).

XDRs in the density range between= 10° and10%° cm~2 (cloud type A). The HCN(1-
0)/HCO"(1-0) and HCN(4-3)/HC®(4-3) line ratios are both much larger in the PDR
models than XDR models, for columns 1f* cm~2 and larger (Paper 1). The difference
ranges between a factor of 4-10, depending on the densigyXTHR HCN(1-0)/HCO (1-

0) ratio becomes larger than unity for more modest column®®&f° cm~2 and less.

8.5.9 HNC/HCN ratios

The critical densities of HCN and HNC are almost identicaltisat the only differences in
line ratio should be due to differences in the abundance3DIRs, HCN is more abundant
in the radical region, but deeper in the cloud the abundaatie approaches unity. In
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XDRs, HCN is more abundant in the highly ionized part of theud. However, HNC is
equally or even more abundant than HCN deep into the clouda fesult, the HNC(1-
0)/HCN(1-0) line intensity ratio is around one for the PDR€e column density is larger
than 10?2 cm~2, while the HNC(1-0)/HCN(1-0) ratio is less than unity faf; < 10%*
cm~2. The XDR models, however, show low ratios for the low,10* cm=3, densities
and strong,> 10 erg s' cm~2, radiation fields. The ratios increase for lower incident
radiation fields, and at highest densities< 10%°> cm=3) the line ratios are always larger
than one, irrespective of irradiation.

In the PDRs, the HNC(4-3)/HCN(4-3) ratio quickly drops helanity at densities
belown = 105 cm™3. This density is far below the critical densities of the Enand
therefore high temperatures are needed to excite them. Kgbhtemperatures are in-
deed found in the radical regions of the PDRs, but there th€ lRundance is much
lower than the HCN abundance, which explains the drop indlhie.r In the XDRs, the
HNC(4-3)/HCN(4-3) ratios are quite similar to the HNC(I4CN(1-0) ratios, except for
densities: > 10° cm~3, where they are even high than these.

8.5.10 SiO and CS

Although SiO is usually considered to be a good tracer of kfiowe do find that the
SiO(1-0)/CO(1-0) ratio is typically larger in XDRs than ifDRs by a factor of 2-3, for
densities around0®5 cm~=3. For the higher excitation J=4-3 lines, the effect disappea
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Figure 8.23: HCO(1-0) and HCO (4-3) intensity in erg cm? s! sr! for PDR (left)
and XDR (right) models.

because CO is generally warmer in XDRs compared to PDRs.

The CS(1-0)/HCN(1-0) ratio is a factor of two larger (smgli@ XDRs for densities
above (below)l0° cm~3. Interestingly, the corresponding 4-3 ratio continues thénd
but changes in the ratio fron9* to 10° cm~3 are now as large as a factor of 10.

8.6 Column density ratios

Unfortunately, for many molecular species of interest fiabde collisional cross sections
are available. For these species we are unable to accupaglict line intensities, but we
can still calculate the column density ratios. In this sattwe discuss column density
ratios for a number of species that are of potential inteirestttempts to discriminate
between PDRs and XDRs.

8.6.1 CN/HCN column density ratio

In Fig. 8.34, we show the CN/HCN column density ratios. Theran enormous dif-
ference between the ratios for PDRs and XDRs. In the PDRs;lthal type A ratios
range from 0.54 ~ 10° cm=3) to 2.0 (» ~ 10* cm~3), while in the XDR models the
same ratio varies from 40(~ 10 cm~3) to over a 1000+ ~ 10* cm=3). We find

higher CN/HCN ratios at lower densities, where the chenmatds are lower, making it
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Figure 8.24: Cumulative HCN(1-0)/HC@1-0) line intensity ratios for PDR (top) and
XDR (bottom).

more difficult to form large molecules. The PDR ratios areyahépendent on density,
which is explained by the fact that most CN and HCN molecuteds@med beyond the
H/H, transition. This part of the cloud is shielded from FUV phw@nd the chemistry
is dominated by the cosmic ray ionization rate, which is t®es in every model. In the
XDR models, there is much less variation in the CN and HCN dhane throughout the
cloud. The variations do not exceed more than two to threersrdf magnitude, while
this is over ten orders of magnitude in the PDR models. Altgaf the cloud contribute
almost equally to the column density ratio, including thgioa with very highHx /n.
Hx /n is a major factor in the resulting ratio, and therefore theR&also show a large
dependence on incident radiation field.
In Fig. 8.35, we show the PDR and XDR cumulative CN/HCN rafiiws few specific
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Figure 8.25: Cumulative HCN(4-3)/HC@4-3) line intensity ratios for PDR (top) and
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densities and radiation fields. The variation in the cuningatolumn density ratio is

much less in the XDR models than in the PDR models. At PDR edigegas is highly

ionized (as in the XDRs), and here we find ratios resemblingetof XDRs. Abundances,
however, are very low here because of the high photo-diasonirate.

8.6.2 CH/HCN column density ratios

In Fig. 8.36, we show the CH/HCN column density ratio. Thdedénces between the
ratios in PDRs and XDRs are even larger than in the case of CN/HWhile the PDR
ratios increase from 0.2u(~ 10° cm=3) to 0.9 (2 ~ 10* cm~3), the XDR ratios range
from 20 to more than 10000. The PDR ratio does not depend aitglemly. At relatively
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XDR (right) models.

low densities¢ = 1 — 3 x 10* cm™?), we find a dependency on incident radiation field
as well. CH reaches its maximum abundance at greater dé@hdHCN, which means
that the cumulative ratio is still increasing at large cotudensities. Our model cloud
sizes are not large enough to allow the ratio to converge tmatant ratio (see Fig. 8.37).
For the XDR models, we can roughly state that the ratio irsgsdoward higheH y /n.
However, atn ~ 10° cm~2 the lowest ratio is not found at the lowest incident radiatio
field strength. At such densities, the limited cloud sizes@mparable to the depth of
the H/H, transition. This transition is included in models with tloevest radiation field
strengths, but not in those with the highest radiation figlengyths.

8.6.3 CH'"/HCN column density ratios

In Fig. 8.38, we show the CHHCN ratios for both PDR and XDR models. They range
from 107¢ (n ~ 10 cm™3) to 6 x 10~* (n ~ 10* cm=3) in the PDRs, and from(~3

(n ~ 10° cm~3) to over 10004 ~ 10* cm~3) in the XDRs. In the PDR models, the high-
est CH™ abundance is seen close to the edge of the cloud but it desrgasy quickly
beyond the H/H transition. HCN, on the contrary, reaches its highest abood beyond
this transition. This explains the decrease of the PDR catival column density ratios
with increasing depth (Fig. 8.39). The PDR models show a miggace on both density
and incident radiation field for this ratio. The decreasémratio with increasing density
is caused by the fact that on the one hand*Gsimore easily destroyed (due to higher
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Figure 8.27: Cumulative HNC(1-0)/HCN(1-0) line intensitytios for PDR (top) and
XDR (bottom).

recombination rates) and on the other hand HCN more easilydd when densities are
higher. The ratios do not converge to a constant value deeghe cloud. At identical
densities, the ratio increases with increasing radiatield fisince the HCN column den-
sities become smaller while the CHolumn densities become larger for the cloud-size
considered here. In the XDR models, the largest ratios s¥n && the highest{x /n
(low density and high incident radiation field). The flucioas in the CH and HCN
abundances are more gradual. The HCN abundance increasé¢sea@H" abundance
decreases when the X-ray photons are gradually absorbestefbine, the XDR cumula-
tive column densities ratios show less variation than th& P&dios (see Fig. 8.39).
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Figure 8.28: Cumulative HNC(4-3)/HCN(4-3) line intensitytios for PDR (top) and
XDR (bottom).

8.6.4 HCO/HCO" column density ratios

Fig. 8.40 shows the HCO/HCOcolumn density ratios. For the PDRs, we find much
larger ratios than for the XDRs. The PDRs show ratios betw@én(» ~ 10* cm=3)
and 10.0 ¢ ~ 10° cm~3), while the ratios in the XDR range fro0—> (n ~ 10* cm™3)

to 1073 (n ~ 10° cm~3). In the PDRs, the ratios depend only on density for radmatio
fieldsG, < 10*. With larger incident radiation fields, the ratio becomepetelent on the
radiation field strength as well. The HCO abundance reachesaximum and more or
less constant abundance somewhat deeper into the clouditd@n. As column density
increases, the HCO/HCOratio slowly converges to a constant value (see Fig.8.4d). F
large radiation fields@, > 10%), the cloud size considered here is too small to allow
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column densities to converge to a constant ratio. In the X[idets, the ratio depends on
both density and radiation field in all regimes. The lowetbgaare seen for high/ x /n
(n = 10* cm™2 and F'x = 160).

8.6.5 HOCT/HCO™ column density ratios

In Fig. 8.42, we show the HOGHCO" column density ratios. The XDRs show larger
ratios, ranging fromi0=* (n ~ 10% cm=3) to 0.6 (» ~ 10* cm=3), than PDRs, where the
ratios range from0~"to 10~°. The XDR ratios increase for largéfy /n (with maximum
atn ~ 10* cm=® and F'y = 160). The behavior is more complex for the PDR models.
The ratios depend on density only f6f, > 10*, but below this value there is also a
dependency on radiation field strength. This is explainethbyfact that ratios drop very
fast, when the gas becomes molecular (Fig. 8.43), but almeedaare still significant. A
large fraction of the gas at the edge of the cloud is moledatatensities: > 1035 cm™3

and radiation field§’, < 10*. Here we find a fast decrease in the ratio for lower radiation
fields.

8.6.6 NO/CO column density ratios

In Fig 8.44, we show the NO/CO column density ratios. Theosin XDRs are much
larger,10~* (n ~ 106 cm™3) to 1073 (n ~ 10* cm3), than for PDRs{0~¢ — 107%). In
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Figure 8.30: SiO(1-0) and SiO(4-3) intensity in erg ¢hs ! sr! for PDR (left) and
XDR (right) models.

the PDR the ratios are largely determined in the moleculdrgfahe cloud and depend
more or less on density only. The ratios in the XDR depend nostH x /n. The largest
ratios are seen for the largeBt; /n (n ~ 10* cm™3 and F'y = 160).

CO(1-0) lines have optical depthsofCO(1 — 0)) ~ 100. Therefore, it could be pos-
sible to observe NO(1-0)/CO(1-0) line intensity ratiosagé as 0.1, while the maximum
column density ratios are only) 3.

8.6.7 NH™/CO column density ratios

In Fig. 8.46, we show the M*/CO column density ratio. In both PDRs and XDRs the
model ratios are rather low. They decrease with densityerRBR (0~7 — 10~), which

is opposite to the behavior in XDRs. In the XDRs, we find a daseewith increasing
Hx /n. There are collisional data available fop™, but since the abundances are so
low, the line intensities are too small to be observable.

8.7 Summary and outlook
We have presented a large set of PDR and XDR models that casdaeto determine

the physical conditions that pertain to irradiated gasd#o his grid spans a large range
in densities 4y = 10 — 1055 cm~3), irradiation Gy = 10%° — 10° and Fx = 1.6 x
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models.

1072 — 160 erg cnT? s7!) and column densitiesNi; = 1.5 x 10*2 — 1 x 10%° cm™2).
We have used the results to make predictions for the iniessiind ratios of the most
important atomic fine-structure lines, e.g., [ClI], [OIE], [Sill], and [Fell], rotational
lines for molecular species such as HCAHCN, HNC, CS and SiO (up td = 4), CO
and!*CO up to.J = 16, and for column densities for CN, CH, CHHCO, HOC', NO,
and NbH™. It is not possible to to present all the results, but theyaamlable on-line at
the following URL:ht t p: / / www. st rw. | ei denuni v. nl/ ~neijerin/grid/.Here
we summarize the most important conclusions:

1.

The surface temperatures are higher (lower) in PDRs coeda XDRs for den-
sitiesn > 10* cm™3 (n < 10* cm~3). Two opposing effects play a major role in
determining the resulting surface temperature: (1) Theihga&fficiency, which is
much higher in XDRs (up to 70 percent) than in PDRs (0.5-31@q#); (2) The
absorption cross sections which are much smaller for X-tlags for FUV photons.

For the atomic lines, we find that the fine-structure linesaof [Sill] 35 um/[CII]
158um, [OI] 63 um/[Cl1] 158 um, [Fell] 26 xm/[ClI] 158 xm, and [C]] 369:m/[CI]
609,m are higher in XDRs than in PDRs, for a given density, coluamd irradia-
tion strength. Whereas PDR ratios depend on density arndlatran strength only,
XDR depend on column density as well. In PDRs, fine-struclineeemission is
only produced at the edge of the cloud, while in XDRs almdgtatits of the cloud
contribute.
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Figure 8.32: SiO(1-0) and SiO(4-3) intensity in erg ©hs ! sr! for PDR (left) and
XDR (right) models.

3.

6.

We find higher CO line ratios for XDRs. In PDRs, CO is formaydnd the H/H
transition and typically has temperatures in the raihge 20 — 50 K. In XDRs,
CO is present throughout the cloud in significant abundgreesn in the highly
ionized part. When using CO line ratios, the best way tomligtish between PDRs
and XDRs is to consider ratios such as CO(16-15)/CO(1-Ogrevkhe differences
are largest (Fig. 8.11).

HCN/HCO" ratios discriminate well between PDRs and XDRs, even in dlaet
rotational lines, and especially when densities are as aggh > 10° cm=3. At
such densities, the HCN(1-0)/HCQL-0) line intensity ratios are: 1 in XDRs,
while PDRs have ratios- 1 for column densitiesVy > 10% cm~2. Although
the HCN/HCO' line ratio in an XDR may become even larger in clouds of rel-
atively modest densityl(* cm~3) subjected to high radiation field strengths (
100 erg s'! cm~2), we find that the line intensities in this part of paramefeace
are too low to be detectable (see also Meijerink et al. 2Q06a)

For densities betweei)* and105® cm—3, HNC(1-0)/HCN(1-0) ratios in PDRs are
of order 1 & 1) for columns larger (smaller) thair?? cm~2, while the ratios range
between 0.2-1.2 for XDRs. For densities> 10° cm~3, PDR HNC(4-3)/HCN(4-3)
ratios remain of order 1, while we find XDR ratios up to 1.6.

HCN/CO ratios are typically smaller for in XDRs than in P)Ror two reasons: (1)
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models.
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Figure 8.34: CN/HCN column density ratios for PDR (left) &dR (right) models.

The HCN abundance is boosted only in high (column) densiywéh columns in

excess o10%* cm~2 and densities larger tha®* cm=2; (2) CO is warmer in XDRs,
which leads to stronger emission, and this suppresses tiNE{T ratios as well.

In PDRs, the very high HCN(1-0)/CO(1-0) ratios of orderl are only obtained at
very high column densities\y > 10?3 cm™2).

7. We find that CN/HCN, NO/CO, and HOTHCO" column density ratios are dis-
criminant between PDRs and XDRs. Molecules such as CH and @$b look
very promising. However, we urgently need reliable codiigl cross section data
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A grid of PDR and XDR models
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A grid of PDR and XDR models
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Figure 8.47: Cumulative NH/CO column density ratios for PDR (top) and XDR (bot-
tom) models.

in order to make predictions for observed line ratios.

We conclude that both atomic fine-structure and molecutatianal lines have significant
diagnostic value to allow us to distinguish between cloudsliated by star-bursts (FUV)
and by active galactic nuclei (X-ray) in the centers of gedaxNote, however, that the line
intensities (and ratios) presented in this work do not thleg likely complex, kinematics
of nuclear gas into account. For example, gas rotating ircareéion disk around an AGN
will cause the line widths of, say, HCN, HNC and HC@ansitions to differ, depending
on where their chemical abundances peak with depth.

The XDR/AGN contribution will typically be of a much small@possibly beam di-
luted) angular scale than that of a PDR/Starburst. A 10-2B9R Eontribution may al-
ready suppress our ability to recognize XDR excitation fld@N/HCO" and HNC/HCN
line ratios. A solution to this can be found in the very highQ {ihes (e.g., CO(16-15)),
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that are excellent indicators of an XDR contribution. Thesey high rotational lines will
be observable with the ESA Herschel (HIFI) space obseryacineduled for launch in
the near future; they can be seen in absorption in the néaréd with Subaru. Currently
available (sub)millimeter facilities lack the spatial o&gion to separate the PDR/stellar
and XDR/AGN contributions in distant active galaxies. Umtiw, these components can
only be spatially reslved in the Milky Way. However, the resng power of ALMA will
bring this possibility within reach for external galaxy t¢ers as well.
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CHAPTER 9

Irradiated ISM: Discriminating
between Cosmic Rays and X-rays

The ISM of active galaxy centers is exposed to a combinati@esmic ray, FUV and X-
ray radiation. We apply PDR models to this ISM with both ‘natiand highly elevated
(5 x 107 s71) cosmic-ray rates and compare the results to those obtémexDRs.
Our existing PDR-XDR code is used to construct models ovéra- 105> cm~2 density
range and for 0.16-160 erg scm~2 impingent fluxes. We obtain larger high(J > 10)
CO ratios in PDRs when we use the highly elevated cosmic tay Ibat these are always
exceeded by the corresponding XDR ratios. The [CI] 608/3CO(2-1) line ratio is
boosted by a factor of a few in PDRs with~ 10® cm~3 exposed to a high cosmic ray rate.
At higher densities ratios become identical irrespectiveasmic ray flux, while XDRs
always show elevated [CI] emission per CO column. The HCN&@ HCN/HCO
line ratios, combined with highi CO emission lines, are good diagnostics to distinguish
between PDRs under either low or high cosmic ray irradiatonditions, and XDRs.
Hence, the HIFI instrument on Herschel, which can detedgi@0O lines, will be crucial
in the study of active galaxies.
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9.1 Introduction

In centers of late-type galaxies, such as M 82, NGC 253, anifleM?, molecular line
intensity ratio$ are frequently found to be high, e.g. CO(4-3)/CO(2-@0 (Israel et al.
1995; White et al. 1994; Israel & Baas 2003) requiring high dansities. > 10%-° cm~3,

and high temperatures af > 50 K. However, FUV photons are easily attenuated by
dust and do not penetrate very deep into clouds and the galare observed with beams
covering regions typically hundreds of parsecs in size.ushdarge spatial scales, excited
dense gas is not expected to have very large filling factovsrddiation seems incapable
of maintaining very large gas fractions at temperature® of 50 — 150 K, and regular
PDR models do not explain the observed high ratios. In amlditisrael & Baas (2002)
have observed the [CI] 608m line in the centers of late-type galaxies, and measured
[CI] 609 um/*3CO(2-1) line intensity ratios in the range 20 — 60, which aehto explain

by (low-CR) PDR models. The@C/CO transition zones in these PDRs contain only a
thin layer in which neutral carbon has a high abundance. atclbud edge, carbon is
ionized, and deep in the cloud all carbon is locked up in CO.

In our Milky Way, cloud clumping is the favorite explanatiéor high [CI] 609 m/
13C0O(2-1) line intensity ratios (Spaans & van Dishoeck 199Various authors have
invoked elevated cosmic ray fluxes caused by greatly enklsswggernova rates in galaxy
centers in order to explain large molecular gas masseslatémgperatures (Suchkov et al.
1993; Bradford et al. 2003), and to explain high [CI] inteéies and column densities
relative to'2CO and'*CO (Pineau des Forets et al. 1992; Schilke et al. 1993; Flowe
et al. 1994). As most cosmic rays are produced in supernta,flux is proportional
to the star formation rate, which is abduM ., yr—! for the Milky Way. In circumnuclear
starbursts, star formation rates may be two orders of madeitigher or more. Such
galaxy centers may also contain an embedded accreting hlalekproducing X-rays.
Like cosmic rays, but unlike UV photons, these X-rays cao aksnetrate through large
column densities Ny > 10* cm~2), and can cause the observed high line ratios over
areas as large as 500 pc, when the emitted flux is high enougijefiik & Spaans 2005;
Meijerink et al. 2006b).

In this paper, we investigate whether in galaxy centraloegiPDRs with and without
enhanced cosmic ray fluxes can be distinguished from XDR&®masis of observable
atomic and molecular line ratios. To this end, we calculigte intensities for PDRs with
very different cosmic ray rates and compare the resultsdsdlobtained for XDRs with
the same radiation fields and column densities.

9.2 PDR and XDR models

We have constructed a set of PDR and XDR models from the coelesided by Mei-

jerink & Spaans (2005) and Meijerink et al. (2006b), in whweé varied both the incident
radiation field and the density. The thermal balance (with transfer) is calculated self-
consistently with the chemical balance through iteratidisorption cross sections for

LIntensity ratios of lines a to lines b are related to brigssemperature ratios by the cube of the line
frequencies: i, /vp)3
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Figure 9.1: Chemical and thermal structure of PDR and XDR ef®dt densityn =
10° cm=3 andGy = 103 (Fx = 1.6 ergs s* cm2)

X-rays (1-100 keV) are smallex; 1/E3, than for FUV photons. Therefore, PDRs show
a stratified structure while the changes in the chemical hednal structure in XDRs are
very gradual. Species like'G C and CO co-exist in XDRs, and large columns of neutral
carbon (unlike in PDRs) are produced. In the XDRs, addilio@actions for fast elec-
trons that ionize, excite and heat the gas are included. €hériy efficiency in XDRs

is much higher. Since we focus on galaxy centers, we haveresbthe metallicity to
be twice Solar. We take the abundance of carbon to be equbhtmf oxygen, since
the carbon abundance increases faster than oxygen for largellicity. The precise
C:O ratio does not affect our general results. We have catiedlPDR models for both a
‘normal’ (low: ¢ = 5 x 107" st — cf. van der Tak van Dishoeck 2000) and a high
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Table 9.1: PDR and XDR models

Density  PDR (o) XDR (F,) Size (pc)

103 10%,10%,10* 0.16, 1.6, 16 10
10* 10,104, 10° 1.6, 16, 160 1
10° 103,104, 10> 1.6, 16, 160 1

(¢ = 5 x 107 s71) cosmic ray flux corresponding to a star formation rate~ofi00
M. yr=!. The model input parameters are summarized in Table 6.1.rdige of free
parametersi( = 103 — 10° cm3, Gy = 102 - 10°/Fx = 0.16 — 160 erg s’ cm2) is rep-
resentative for the conditions in galaxy centers. Thatr@nflow-/ CO (critical density
103 — 10* cm=3) and HCN 1-0 (critical density- 10° cm~3) observations it is apparent
that gas in galaxy centers must exhibit the density rangewbanodel. The irradiation
conditions are typical for Milky Way PDRs like the Orion Bar lfigh mass star-forming
region) as well as a generi®** erg s1 Seyfert nucleus X-ray luminosity for distances
of about 100 pc and up.

9.3 Chemical and thermal structure

Higher cosmic ray (CR) ionization rates do not much affeet ¢themistry at the cloud
edge, but large effects occur beyond the Hiransition (see e.g. Fig. 9.1). As the
CR flux in the PDRs is enhanced, electron, carbon and hydragendances decrease
much less beyond the H/Hransition, due to larger ionization/dissociation ratésn
abundances also remain higher, causin@tnd OH to have higher abundances as well.
As cosmic ray ionization contributes to the gas heatindhéigncident CR fluxes raise gas
temperatures deep in the cloud, with rougfily~ ¢'/3 at low densities# ~ 10> cm™3).

At high densities, = 10° cm~3, dust acts as an effective coolantlif > T, and the
rise in the kinetic temperature is less pronounced. Bottptatures and abundances in
a PDR become higher when CR rates are increased and ratioseojent line emissions
are also modified.

9.4 CO line intensities and ratios

a. Densityn = 103 cn13 (Table 9.2). In high-CR PDR clouds, a large fraction of all CO
is dissociated, and CO is a facter 100 less abundant than in low-CR PDRs. However,
in the latter, the CO lines are optically thick and CO lineeimgities are comparible for
the same incident flux. In high-CR PDRs, the I0WzO line ratios are somewhat larger
than those in low-CR PDRs. The higher transitions show moie difference and are
diagnostically more valuable. In the XDRs, the CO gas teatpee is on average much
higher than in the PDRs, but marginally higher CO intensitecur only for the weak
radiation field 'y = 1.6 ergs s! cm2. In XDRs with stronger radiation fields, CO
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line intensities are much lower than in PDRsecause column densities are too small
to attenuate the X-rays significantly, and CO abundancevemelow throughout the
cloud. The very high CO(2-1)/CO(1-0) and CO(4-3)/CO(1#)as in XDRs, which can
be much higher than in the corresponding PDR cases, meiffidgtréhe weakness of the
lower J lines.

b. Densityn = 10* cnm3 (Table 9.3). High-CR PDRs have more intense CO lines
than low-CR PDRs, butheir high-J/low-J CO line ratiosare only marginally higher
than those of the corresponding low-CR PDRs. Again we find Xi2R CO line in-
tensities exceed those in PDRs in relatively weak radidiigids G, = 10° or Fy =
1.6 ergs s cm2). In XDRs with stronger radiation fields, the lowgrCO lines (up to
CO(4-3)) are much weaker than in PDRs, but the higher ratatitines are stronger. All
XDR CO ratios are (much) larger than even the high-CR PDR Gi0s;zand ratios at the
intermediate and highi levels above CO(6-5) are diagnostically particularly megful.

c. Densityn = 10° cnmr3 (Table 9.4). There are no longer significant differences
between low-CR and high-CR PDRs. However, the XDR CO linesapng in the lower
transitions, and even more so at the intermediate and hightetional transitions above
CO(4-3). Their ratios are always larger than the correspanchtios in any PDR model
(see Meijerink et al. 2006b for a more detailed discussi®pme highd CO intensities
and ratios are left blank, since no significant emission wasd for these lines due to the
low fractional abundances of CO and the high critical deesiof the transitions.

9.5 [CI]609 pm/*CO(2-1) ratios

XDRs, quite unlike PDRs, have significant neutral carbomadances; their [Cl] inten-
sities behave as volume tracers. At the same time, XDRs giinéiave weaker low J
CO and"¥CO lines than PDRs, far < 10* cm™2 andFx > 1 ergs s! cm~2. Thus, in
XDRs [CI] 609 m/*3CO(2-1) line intensity ratios are much larger than in cquasling
PDRs. Only at low densities, < 10° cm~2, do high-CR PDRs behave in a fashion inter-
mediate between XDRs and low-CR PDRs. In such low-densgi-&R PDRs, CO and
13CO dissociation causes simultaneétBO line weakening and [Cl] line strengthening,
resulting in [CI]#2CO line intensity ratios four times higher than seen in low-BBRs,
but still (much) lower than those seen in XDRs. Even at higlegsities ¢ > 10* cm™3)
and stronger radiation field&/( = 10°), the high-CR PDRs fail to produce [CH}CO ra-
tios more than 1.5 times those of low-CR PDRs. HoweweXDRs the [CI]/*CO ratios
remain very much largeand thus provide an excellent tool to distinguish betweeR&D
and XDRs.

9.6 HCN/CO and HCN/HCO™ ratios

Meijerink et al. (2006b) found that HCN/CO and HCN/HCdne intensity ratios distin-
guish between ‘normal’ (low-CR) PDRs and XDRs. These raiesslightly different in
high-CR PDRs. At densities of = 10* cm~3, the HCN/CO ratios are lower in high-CR
PDRs than in low-CR PDRs, especially for thie= 4 — 3 transition, but they become



162 Irradiated ISM: Discriminating between Cosmic Rays andX-rays

more or less identical at densitiesof= 10> cm3. In XDRs, the HCN/CO ratios are
almost invariably significantly lower than in either PDRgHiCR PDRs with densities of
n = 10* cm~3 have HCN/HCO ratioshigherthan low-CR PDRs in thg = 1 — 0 tran-
sition andlower than low-CR PDRs in thd = 4 — 3 transition. This opposite behaviour
reflects a cosmic ray induced shift in the HCN and HC&bundances to larger (cooler)
columns. However, at higher densities< 10° cm~?), high-CR PDRs have HCN/HCO
ratios always lower than those in low-CR PDRs, mainly beeais boost in the HCO
production. In all cases where XDRs produce HCN and H@mission observable at
all, theHCN/HCO' ratios are (much) lower in the XDR than in either PDR

9.7 Conclusions

1. CO line intensity ratios increase when cosmic ray iomweatates are enhanced, but
they remain smaller than those in XDRs. In particular higf/ > 10) CO lines
(which will become observable with HIFI in ESA's Herschelasp observatory)
allow to distinguish between (high-CR) PDRs and XDRs. Usgimg HIFI time
estimator and a beam filling factor of 0.05, we find that a lineemsity of9 x
10-% ergs~! cm™2, the largest CO(16-15) intensity produced by our PDR mqdels
will be detectable with HIFI in about 4 hours, while the vernyght lines received
from highly irradiated XDRs are detectable within minutes.

2. [CI] 609 um/3CO(2-1) ratios are much higher in high-CR PDRs than in low-CR
PDRs at modest densities of= 10 cm=3. At higher densities of, > 10* cm™3,
this difference vanishes. In XDRs, the ratios are alwaygdiathan in PDRs at the
same density, independent of incident radiation field.

3. HCN/CO and HCN/HCO line ratios are good diagnostics to distinguish between
PDRs and XDRs. As the ratios obtained for low-CR and high-CR®are differ-
ent, combination with high* CO lines is both crucial and profitable in the study of
the active galaxy centers.

4. Although our model results broadly distinguish betwesmand high CR PDRs and
XDRs, there is some degeneracy when constraining the faanpeters (density,
CR rate,Gy andFx) through individual ratios. Therefore, a combination ofigas
ratios should be considered
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Table 9.2: Line intensities (ergscm~2 sr-1) and ratios at density = 103 cm~3

Model Low-CR PDR High-CR PDR XDR
Radiation field | Gy = 102 Gp=10° Gy =10 | Gy =102 Go=10° Go=10'|F,=0.16 F,=16 F, =16
CO(1-0) 8.2(-8) 8.6(-8) 1.0(-7)| 8.4(-8) 83(-8) 81(-8)| 1.2(-7) 3.7(-10) 3.0(-10
CO(2-1) 48(-7) 51(-7) 6.6(-7)| 6.3(-7) 6.3(-7)  6.4(-7)| 1.0-6)  9.3(-9) 9.1(-9)
CO(3-2) 9.4(-77  9.9(-7) 15(-6)| 1.6(-6) 1.6(-6) 1.6(-6)| 2.8(-6)  3.4(-8) 5.2(-8)
CO(4-3) 1.4(-6) 1.6(-6) 2.8(-6)| 2.2(-6) 2.1(-6) 2.1(-6)| 45(-6) 53(-8) 1.1(-7)
CO(7-6) 3.2(-9)  1.1(-7)  7.8(-6)| 1.4(-7)  1.2(-7)  1.3(-7) - 3.4(-8)  1.1(-7)
CO(10-9) 8.4(-11) 1.7(-11) 2.3(-10) 9.2(-9)  4.7(-9)  2.4(-9) - -
CO(16-15) 1.0(-12)  1.2(-10) - 42(-9)  7.1(-11) - - -
13C0O(2-1) 21(-7)  21(-7) 2.8(-7)| 1.1(-7) 1.0(-7) 9.7(-8)| 8.1(-8) 1.8(-10) 1.6(-10
[CI) 609m 56(-6) 7.2(-6)  8.9(-6) | 1.1(-5) 1.2(-5) 1.4(-5)| 3.6(-5) 1.0(-4) 1.2(-4)
CO(2-1)/CO(1-0) 5.9 5.9 6.3 7.5 7.6 7.8 8.4 25.4 30.3
CO(4-3)/CO(1-0) 17.0 18.7 27.2 26.2 25.6 25.8 36.2 1.5(2)  3.6(2)
CO(7-6)/CO(3-2) | 3.4(-3)  1.1(-1) 52 | 86(-2) 7.9(-2) 8.0(-2) - 9.8(-1) 2.2
CO(10-9)/CO(7-6) | 2.5(-2)  1.5(-4) 3.0(-5)| 6.7(-2) 3.7(-2)  1.9(-2) - -
CO(16-15)/CO(1-0) 1.2(-5)  1.1(-3) - 5.0(-2)  8.7(-4)
CO(16-15)/CO(10-9) 6.2(-2) 0.51 - 9.0(-1)  3.0(-2) - - -
[CI) 609um/3CO(2-1)| 26.7 34.1 31.5 97.1 1.2(2) 1.42) | 4.4(2) 56(5)  7.4(5)
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Table 9.3: Line intensities (ergscm~2 sr-!) and ratios at density = 10* cm™

Model Low-CR PDR High-CR PDR XDR
Radiation field Gy = 103 Gy = 10? Gy = 10° Gy = 103 Gy = 10? Gy = 10° F,=16 F,=16 F, =160
CO(1-0) 1.6(-7)  1.9(7)  25(7)| 21(7) 24(-7) 2.7(-7)| 2.6(7) 14(-10) 3.4(11)
co(2-1) 12(-6) 1.6(-6) 2.0(-6)| 1.8(-6) 2.0(-6) 2.4(-6)| 3.5(-6) 52(-9) 1.4(-9)
CO(3-2) 3.4(-6) 4.6(-6) 6.2(-6)| 5.3(-6) 6.2(-6) 7.5(-6)| 1.3(-5) 4.0(-8) 1.0(-8)
CO(4-3) 57(-6) 85(-6) 1.2(-5)| 1.0(-5) 1.2(-5) 15(5)| 2.9(-5) 1.7(-7) 4.3(-8)
CO(7-6) 20(-6) 1.3(-5) 2.7(-5)| 1.6(-5) 2.3(-5) 3.5(5)| 9.7(-5) 1.8(-6) 6.4(-7)
CO(10-9) 24(-9)  7.4(8) 1.8(-6)| 2.4(-7) 1.0(-6) 4.9(6)| 1.1(-4) 3.5(-6) 1.6(-6)
CO(16-15) 11(-10) 6.8(-9) 2.3(-8)| 2.1¢-10) 3.1(-9) 2.9(-8)| 1.1(-7) 2.5(-6) 1.7(-6)
HCN(1-0) 52(-9) 6.8(-9) 3.8(-9)| 3.9(-9) 3.8(-9)  3.8(-9) | 49(-10) 2.2(-13) 3.1(-14)
HCN(4-3) 3.3(-7) 4.0(-7) 1.0(-8) | 9.5(-9) 1.0(-8) 1.0(-8) | 1.3(-9) 4.0(-11) 3.2(-11)
HCO"(1-0) 1.9(-8) 2.2(-8) 2.6(-8) | 1.1(-8) 1.1(-8) 1.1(-8) | 1.5(-8) 1.0(-14) 1.4(-15)
HCO"(4-3) 4.3(-7) 6.6(-7) 7.9(-7) | 6.2(-8) 7.0(-8) 7.2(-8) | 2.0(-7) 1.0(-11) 1.4(-12)
13CO(2-1) 58(7) 7.4(7) 93(-7)| 80(-7) 88(-7) 96(7)| 3.0(-7) 1.0(-10) 2.3(-11)
CI] 609 um 8.4(-6) 9.9(-6) 11(-5)| 1.2(-5) 1.4(5) 17(5)| 52(-5) 1.2(-4) 1.2(-4)
CO(2-1)/C0O(1-0) 7.8 8.1 8.2 8.4 8.6 8.8 13.3 36.9 39.6
CO(4-3)/CO(1-0) | 35.8 44.2 504 | 475 51.8 569 | 1.1(2) 1.2(3) 1.3(3)
CO(7-6)/CO(3-2) | 8.4(-1) 28 43 3.1 3.7 4.7 75 46.1 61.9
CO(10-9)/CO(7-6) | 8.3(-4) 56(3) 65(-2)| 15(-2) 44(-2) 14(-1)| 1.1 1.9 26
CO(16-15)/CO(1-0) | 7.0(-4)  35(-2) 9.2(-2)| 1.0(-3) 1.3(-2) 1.1(-1)| 41¢-1) 1.8@)  5.0(4)
CO(16-15)/CO(10-9)| 4.6(-2)  9.2(-2)  1.2(-2)| 88(-4) 3.1(-3) 6.0(-3)| 1.0(3) 7.0¢-1) 1.0
HCN(1-0)/CO(1-0) | 3.2(-2)  35(-2) 3.4(2)| 1.9(2) 1.6(-2) 14(-2)| 1.9(-3) 1.6(-3) 9.1(-4)
HCN(4-3)/CO(4-3) | 5.7(-2)  4.7(-2)  3.4(2)| 95(-4) 8.4(-4) 6.8(-4)| 44(-5) 24(-4) 7.3(-4)
HCN(1-0YHCO(1-0) | 2.8(-1)  3.1(-1)  3.3(-1)| 3.6(-1) 3.4(1) 36(1)| 32(-2) 217 22.6
HCN(4-3)HCO (4-3) | 7.6(-1)  6.1(-1) 54(1)| 15(-1) 15(1) 14(-1)| 63(-3) 4.0 22.6
CI] 609,m/3CO(2-1)|  14.6 13.4 121 | 149 16.2 176 | 17(2) 12(6) 5.1(6)
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Table 9.4: Line intensities (ergscm~2 sr-!) and ratios at density = 10° cm™

Model Low-CR PDR High-CR PDR XDR
Radiation field Gy = 103 Gy = 10? Gy = 10° Gy = 103 Gy = 10? Gy = 10° F,=16 F,=16 F, =160
CO(1-0) 31(7) 41(7) 55(-7)| 33(-7) 43(-7) 56(7)| 7.6(-7) 1.4(6) 1.2(-6)
Co(2-1) 27(:6) 3.5(-6) 4.7(-6)| 2.8(-6) 3.7(-6) 4.9(-6)| 7.1(-6) 1.4(5)  1.5(-5)
CO(3-2) 85(-6) 1.2(-5) 16(-5)| 9.1(-6) 1.2(-5) 1.7(-5)| 25(-5) 5.2(-5) 6.2(-5)
CO(4-3) 1.8(5) 25(-5) 3.6(-5)| 1.9(-5) 2.7(-5) 3.7(-5)| 5.6(5) 1.2(-4) 1.7(-4)
CO(7-6) 36(-5) 8.0(-5) 14(-4)| 4.4(-5) 88(5)  14(-4)| 2.1(-4) 6.6(-4 1.0(-3)
CO(10-9) 43(-6) 7.7(-5) 24(-4)| 12(-5) 9.0(5) 2.7(-4)| 3.7(-4) 1.6(-3) 2.9(-3)
CO(16-15) 21(-8) 7.8(-7) 51(-6)| 2.2(-8) 7.9(-7) 88(6)| 51(-6) 4.3(3) 8.6(-3)
HCN(1-0) 76(-8)  1.2(-7) 15(-7)| 82(-8) 12(-7) 15(7)| 4.0(-8) 7.2(-8) 1.7(-8)
HCN(4-3) 2.5(-6) 3.2(-6) 3.7(-6) | 2.6(-6) 3.2(-6) 3.7(-6) | 1.4(-6) 2.2(-6) 7.0(-7)
HCO"(1-0) 5.8(-8) 8.4(-8) 1.1(-7) | 9.6(-8) 1.5(-7) 2.3(-7) | 1.6(-7) 5.2(-7) 1.7(-7)
HCO" (4-3) 1.8(-6) 2.9(-6) 4.0(-6) | 3.3(-6) 5.0(-6) 6.8(-6) | 4.2(-6) 8.9(-6) 9.8(-6)
13CO(2-1) 1.3(-6) 1.9(-6) 4.7(-6) | 1.4(-6) 2.0(-6) 2.6(-6) | 2.8(-6) 4.9(-6) 2.3(-6)
[Cl] 609 m 7.4(-6) 8.7(-6) 9.8(-6) | 9.1(-6) 1.1(-5) 1.3(-5) | 4.1(-5) 1.1(-4) 4.4(-4)
CO(2-1)/CO(1-0) 8.6 8.5 8.5 8.6 8.6 8.7 9.3 10.0 122
CO(4-3)ICO(1-0) 56.6 61.1 646 | 57.8 62.3 66.2 | 73.1 91.1  1.3(2)
CO(7-6)/CO(3-2) 4.2 6.9 9.1 4.8 7.14 8.8 8.9 12.9 16.5
CO(10-9)/CO(7-6) | 1.2(-1) 1.0 17 | 2.6(-1) 1.0 1.8 1.7 2.4 28
CO(16-15)/CO(1-0) | 6.6(-2) 1.9 92 | 6.7(-2) 1.8 156 | 67  31Q3) 6.903)
CO(16-15)/CO(10-9)| 4.8(-3) 1.0(-2) 2.1(-2)| 1.9(-3) 87(3) 3.3(-2)| 1.4(-2) 2.7 3.0
HCN(1-0)/CO(1-0) | 2.4(-1)  2.8(-1) 2.8(1)| 25(-1) 27(-1) 2.7(1)| 52(2) 51(-2) 1.3(-2)
HCN(4-3)/CO(4-3) | 1.4(-1)  1.2(-1) 1.0(1)| 1.3(-1) 1.1(1) 1.0(-1)| 25(-2) 1.7(-2) 4.2(-3)
HCN(1-0YHCO (1-0) | 1.3 1.4 14 | 85(1) 80(1) 6.7(-1)| 25(-1) 1.4(1) 9.9(-2)
HCN(4-3)/HCO' (4-3) 14 1.1 9.3(-1) 7.8(-1) 6.3(-1) 54(-1) | 3.2(-1) 2.5(-1) 7.1(-2)
[CI] 609 m/*3CO(2-1) 5.7 4.5 3.6 6.3 5.5 4.8 14.7 24.0 1.9(2)
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CHAPTER 10

Interpretation of observed sub-mm
emission of nearby galaxies

We assess the presence of star-forming regions, activetgataiclei, and enhanced cos-
mic ray rates in the centers of nearby galaxies through mtdeemission of HCN,
HCO', HNC, CO,'¥CO, CS andClI]. We use a grid of photon dominated region and
X-ray dominated region models, where density, impinging/Fuhd X-ray flux, and col-
umn density are varied for homogeneous slabs. We derivehilga €¢osmic ray) PDR
and XDR components for individual galaxies, and define aratjc table, which can
be applied to other galaxies, e.g., (U)LIRGS, as well. Inggah we find that XDRs or
elevated cosmic ray PDRs are necessary to explain CO(2{J/0) and [CI]*CO(2-1)
ratios, which are tracing the diffuse part of the ISM. In parar, we find that NGC 1068,
often viewed as a pure AGN, needs a dense PDR component.

R. Meijerink, M. Spaans, and F.P. Israel, A&A, in preparatio
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168 Interpretation of observed sub-mm emission of nearby daxies

10.1 Introduction

Gas in the centers of (active) galaxies is often exposed @ &ab/or X-ray radiation.
FUV photons originate mostly from the O and B stars producestarbursts, while X-
rays dominate the radiation from accreting black holes (AGHe thermal and chemical
structure of gas exposed to FUV radiation (Photon Domin&egions: PDRS) is quite
different compared to gas irradiated by X-rays (X-ray Doatéd Regions: XDRs). The
processes relevant in PDRs and XDRs, and how these cauderamtithemical/thermal
structure of gas clouds are extensively discussed in Mei&& Spaans (2005). The dif-
ferences in the cloud’s thermal and chemical structurdtesudifferent atomic finestruc-
ture and molecular rotational line emission and line ratindvieijerink et al. (2006b), we
show the line emission and the line ratios for a set of PDR ab& Xnhodels, where both
density and impinging fluxes are varied. Models with density 10* cm~3 have a cloud
size of 10 pc. For higher densities we adopt 1 pc for the clizedsThe metallicity in
galaxy centers is expected to be 2-4 times higher than in ¢ker Sleigbourhood (Zarit-
sky et al. 1994; Vila-Costas & Edmunds 1992). In the cloud el®dve have adopted a
twice Solar metallicity, and a carbon abundance equal t@Xygen abundance (see, for
instance, Garnett et al. 1999; Kobulnicky & Skillman 1998pte that the [C]/[O] ratio
affects the abundances of, @nd HO. See for example Spaans & van Dishoeck (2001)
and especially Fig. 2 in Bergin et al. (2000). Here, we appste models to the observed
sub-mm emission of nearby galaxies.

10.2 Observations

We use observations of atomic finestructure and molecutatiomal emission lines (CO,
13CO, HCOf, HCN, HNC, CS, and [CI]) in the centers of a sample of neardgdes,
obtained with the James Clerk Maxwell Telescope (JCMT),Itistitute de Radio As-
tronomie Millimétrique (IRAM) 30m telescope, and SwediEBO Submillimetre Tele-
scope (SEST), and supplemented these with observatiomstfre literature (see Tables
10.2, 10.4 and 10.3). All observations have been reduced2#’ abeam to obtain
proper line ratios. Where large velocity-integrated mapiste we obtain the central
(0" ,0" ) velocity-integrated line intensity, and convolve to”2Xesolution, using the
Specx-interpole function of the DAS data reduction sofevatUnfortunately, these large
maps are only available for a limited number of lines. Fordtieer lines we use a differ-
ent method. For some lines we have either observations ataeesolutions or we can
obtain an intensity at the needed resolution using the Speexpole function. Then, it
is possible to compute the ratig,;; ... /217, wherel is the velocity-integrated intensity
at a given resolution. When enough points are available amdita powerlaw function:

Y = Ax X5, (10.1)

From this function, we can compute convolved values for,datavhich we only have a
single observation available assuming, in effect, sinsfatial distributions of the species

1See the JCMT website: http://docs.jach.hawaii.edu/JCMT/
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involved. For a more detailed description of the fitting colowion method, we refer to
Bayet et al. (2006).

10.3 Angular scales and their consequences

The list of observed galaxies is given in Table 10.1, togethth their coordinates, esti-
mated distance, angular scale, and properties such asdtioh, X-ray flux, and galaxy
type. For the smallest angular scale, which i$ #pc for NGC 3079 at an estimated
distance of 18.0 Mpc, we observe a region as large as 2 kpe¢h&dargest angular scale
(113’ /kpc for IC 342 at an estimated distance of 1.8 Mpc), thisiikst190 pc. Since we
observe such large regions at once, the beam is not filleduatlone homegeneous com-
ponent, as is often the case in our Milky Way. The observesldimission originates in an
ensemble of several different components, which can bedrhg different species. While
CO rotational lines better trace the more diffuse compoifent 10> cm=3) of gas in
galaxies, species such as HNC, HCN and HGface dense regions best{ 10° cm™3).
For all species, the actually observed emission, howevegntributed to all components.
Previous investigations suggest that the diffuse gas oentbout 50-80 percent of the
mass seen in the beam, which leaves 20-50 percent for the gans(Israel et al. 2006
and references therein).

10.4 Comparison to model ratios

In tables 10.7 through 10.21, we list the observed intematigs for CO,'*CO, CI, HCN
and HCO'. We fit every ratio with a single component, and never obtaimigue solu-
tion, but always a range of possible solutions. When a soiuXists in our parameter
space, we give the solutions for both PDR and XDR models. vB&le discuss the ra-
tios obtained for the galaxies for each species, followed byrief discussion of each
individual galaxy.

10.4.1 CO-ratios

The CO(2-1)/CO(1-0) intensity ratios range from 5.7 (NGAB® 9.5 (IC 342), and are
summarized in Table 10.4. Low ratios (5.7-6.0) can be reypced with low density PDRs
(n = 0.5 — 1.5 x 103 cm~?), and moderate incident radiation fields,(= 10%5 — 103).
Ratios as high as 9.5 require very high densities-(10%° cm~2) and high radiation fields
(Gy > 10%). We find the same for some CO(4-3)/CO(1-0) ratios of whicinea@re as
large as 64, requiring more or less the same set of solut®fsrahe CO(2-1)/CO(1-0).
However, it does not seem very plausible that a region as lasg00 pc is dominated by
such a high density and strongly FUV irradiated gas (Israal.4995; White et al. 1994,
Israel & Baas 2003). Note that in the centers of galaxiesckhare actively forming stars,
global interstellar radiation fields ranging frof#, = 10? — 10® are not uncommon.



Table 10.1: Observed galaxies

Galaxy R.A. (2000) Dec. (2000) Type Bar AGN CSBLx/10% Lp;g/10*  Orientation D Scale
(ergs™) (Mpc)  ("/kpc)
NGC 253 0047736.0° -25°1700" Sbc + + + 4.3 42 highly inclined 2.5 81
(outflow) 3.9
NGC 4945 1805"26.2 -49°2815" Scd (+) + ? 47 67 highly inclined 3.9 52
M 82 09'55"52.2 +694049" Ir - - + 29° 76 edge-on ? 3.3 62
(outflow) interacting
IC 342 0346m49.% +680547" Scd ? +) + 1.9 6.6 face-on 1.8 113
Maffei 2 02'41m54.9¢ +59°3614" Sbc + + - 6.5 inclined 2.7 75
M 83 13'37"00.8 -29°51'59"  Sc + ? + 4.5 25 mostly face-on 3.5 58
7.2
NGC 6946 2034"51.4 +60°0918 Sd - - + 12 32 face-on 55 37
M 51 13129"52.4 +471141"  Sc - + - - 55 face-on 9.7 21
(small outflow) interacting
NGC 891 0222732.F +42°2046' Sb? ? ? - - 49 edge-on 9.5 21
NGC 1068 0242m40.8 -00°0048" Sb  + + (+) 870 350 face-on 14.4 14
(outflow) 527
124
NGC 1365 0833736.3 -36°0828’ Sb + + - 38 110 inclined 13.7 15
NGC 2146 0618"37.5 +782121" Sab ? ) +) 11 232 edge-on 12.2 17
recent merger
NGC 3628 1%#20716.9 +13¥3514’ Sb ? ? (+) 8.6 17 edge-on 6.7 30
interacting
NGC 2903 0932709.7 +21°3003’ Sc + (+) - 1.4 34 inclined 8.9 23
14
NGC 3079 1001m58.5 +55°4050’" Sc (+) + + 264 112 almost edge-on  18.0 11
(outflow) 23

IRosat satellite (0.1-2.4 keVjEinstein satellite (0.2-4.0 keVJEXOSAT satellite (2-10 keV)
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Table 10.2: Transitions normalized to”leam [K km/s)

Transition N253 N4945 M82 1C342 Maffeiz M83 N6946 M51 N891 (6B N1365 N2146 N3628 N2903 N3079

12c0(1-0) 910 1185 677 130 163 194 220 49 127 174 270 166 201 80 218
12cO(2-1) 1033 990 649 154 192 218 230 53 90 185 205 181 142 60 191
12c0(3-2) 947 700 639 136 166 154 107 54 36 122 188 154 142 62 144
12cO(4-3) 906 - 540 121 160 131 118 24 - 85 - 105 94 - 120
BCO(1-0) 86 80 45 13 16 18 20 7 16 13 24 13 18 7.0 14
BCO(2-1) 95 74 50 18 22 20 15 8 11 11 20 21 10 6.4 14
13CO(3-2) 87 60 54 15 11 14 11 7 - 10 18 12 11 - 23
CS(1-0) 46 - 29 43 <5 - 12 <3 - - - - - -
CS(2-1) 38 45 24 54 2.7 8 4 27 4 10 - 7 <1 2 -
CS(3-2) 24 22 12 24 4.7 1 3 - - - 7 <2 - - 2.3
CS(4-3) 10 - - - - - - - - - - - - -
CS(5-4) 11 50 10 0.8 - - <11 - - - - - - -
HCO*(1-0) 76 111 63 12 125 26 13 51 24 33 - 5 5 3 <3
HCO*(3-2) 56 16 18 - - - - - - - - - - -
HCO*(4-3) 50 9 14 35 - - - - - - - - - -
HCN(1-0) 95 87 35 17 17 37 11 6.0 4.0 35 25 6 8 7 12
HCN(3-2) 49 25 14 5 5 26 17 <16 - 5.4 3 - <3 <8
HCN(4-3) 70 53 11 6 - - - - - - - - - - -
HNC(1-0) 63 58 17 8 47 53 52 1.7 12 16 - 2 4.5 1.8 8.7
[Cl] 60um 305 - - 35 18 55 39 14 - 27 - - 50 - 142

IReferences for molecular line observations are given in€Ta0.3
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Table 10.3: References for molecular line observations

Line

References

12CO

Bayet et al. (2004); Curran et al. (2000, 2001); Dumke et28l0(); Eckart et al. (1990); Gao & Solomon (2004)

Gusten et al. (1993); Harrison et al. (1999); Helfer & Bli1293); Henkel & Bally (1985); Henkel et al. (1993)

Houghton et al. (1997); Hurt et al. (1993); Irwin & Avery (120 Israel (1992); Israel et al. (1995, 2006)

Israel & Baas (2001, 2003); Israel (unpublished); Kramexl ef2005); Mao et al. (2000)

Mauersberger et al. (1995, 1996a,b, 1999, 2003); Meier. €2@00); Meier & Turner (2004); Olofsson & Rydbeck (1984)
Sage et al. (1990, 1991); Sage & Isbell (1991); Sandqvidt €1288, 1995); Sorai et al. (2000, 2002)

Steppe et al. (1990); Wall & Jaffe (1990); Wall et al. (1990)ng et al. (2004); Wild et al. (1992)

13CO

Curran et al. (2001); Eckart et al. (1990); Harrison et 89Q); Henkel et al. (1993); Israel (1992); Israel et al. @00
Israel & Baas (2001, 2003); Israel (unpublished); Krameal ef2005); Mao et al. (2000)

Mauersberger et al. (1991, 1996a, 2003); Meier et al. (20@@)er & Turner (2004); Sage et al. (1991)

Sage & Isbell (1991); Sandqvist et al. (1988); Wall & Jafféq@); Wall et al. (1991); Wang et al. (2004)

CI]

Bradford et al. (2003); Harrison et al. (1995); Israel (ublghed); Israel et al. (1995, 2006)
Israel & Baas (2001, 2003); Kramer et al. (2005)

HCO"

Curran et al. (2001); Henkel & Bally (1985); Henkel et al. 9B9; Israel (1992); Jackson et al. (1995)
Nguyen-Q-Rieu et al. (1989); Nguyen et al. (1992); Soral.g2802); Wang et al. (2004); Wild et al. (1992)

HCN

Curran et al. (2000, 2001); Gao & Solomon (2004); Helfer &B(1993); Henkel & Bally (1985)
Huttemeister et al. (1995); Israel (1992); Jackson etl&l9%); Nguyen-Q-Rieu et al. (1989); Nguyen et al. (1992)
Sorai et al. (2002); Wang et al. (2004)

HNC

Israel (1992); Huttemeister et al. (1995); Henkel et @93); Wang et al. (2004)

CS

Baan et al. (1990); Curran et al. (2000, 2001); Helfer & B{t293); Henkel & Bally (1985); Henkel et al. (1993)
Martin et al. (2005); Mauersberger & Henkel (1989); Maberger et al. (1989, 1991, 2003)
Paglione et al. (1995); Nguyen-Q-Rieu et al. (1989); Sage. €1990); Wang et al. (2004)
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Table 10.4: Line intensity ratios

Ratio N253 N4945 M82 IC342 Maffei2 M83  N6946 M51 N891 N1068 38% N2146  N3628 N2903  N3079
CO(2-1)/CO(1-0) 9.1 6.7 7.7 9.5 9.4 9.0 8.4 8.7 5.7 8.5 6.1 8.7 5.7 6.0 7.0
CO(3-2)/CO(2-1) 3.1 2.4 3.3 3.0 2.9 2.4 1.6 3.4 1.3 2.2 3.1 29 34 35 2.5
CO(4-3)/CO(3-2) 2.3 - 2.0 2.1 2.3 2.0 2.6 1.1 - 1.7 - 1.6 1.6 - 0 2.
CO(4-3)/CO(1-0) 63.7 - 51.0  60.0 62.8 43.2 34.3 31.3 - 31.3 - 054 30.0 - 35.2

13CO(2-1)A3CO(1-0) 8.8 7.4 8.9 11.1 11.0 8.9 6.0 9.1 5.5 6.8 6.7 12.9 44 3 7. 80
13CO(3-2)A3C0O(2-1) 3.1 2.7 3.6 2.8 1.7 2.4 2.5 3.0 - 3.1 3.0 1.9 3.7 - 5.5
13CO(3-2)A3CO(1-0) 27.3 20.2 324 311 18.6 21.0 14.8 27.0 - 20.8 202 025 165 - 44.4
[C11609 um/F3CO(2-1) 37 - - 22 9 31 30 20 - 28 - - 57 - 116
13C0O(1-0)/CO(1-0) 0.082 0.059 0.058 0.087 0.086 0.081 0.079 .120 0.11 0.065 0.077 0.068 0.078 0.076 0.056
13CO(2-1)/CO(2-1) 0.080 0.065 0.067 0.10 0.10 0.080 0.057 30.1 0.11 0052 0.085 0.10 0.061 0.093 0.064
13C0O(3-2)/CO(3-2) 0.080 0.075 0.074 0.096 0.058 0.079 0.090 .110 - 0.072  0.084 0.068 0.068 - 0.14
CS(2-1)/CS(1-0) 6.61 - 6.62  10.05 >4.32 - 267 >7.20 - - - - - - -
CS(3-2)/CS(2-1) 2.13 1.65 1.69 1.50 5.87 0.42 2.53 - - - - <0.96 - - -
CS(4-3)/CS(3-2) 0.99 - - - - - - - - - - - - - -
CS(5-4)/CS(4-3) 2.15 - - - - - - - - - - - - - -
CS(5-4)/CS(1-0) 29.9 - 43.1 23.3 - - <115 - - - - - - - -
CS(1-0)/CO(1-0) 0.004 - 0.003  0.003 <0.002 - 0.004 <0.005 - - - - - - -
CS(2-1)/CO(2-1) 0.003 0.003 0.003 0.003 0.001 0.003 0.001.0040 0.003 0.004 - 0.003 <0.001  0.003 -
CS(3-2)/CO(3-2) 0.002 0.002 0.001 0.001 0.002 0.001 0.002 - - - 0.003 <0.001 - - 0.001
CS(4-3)/CO(4-3) 0.001 - - - - - - - - - - - - - -
HCN(4-3)/HCN(1-0) 421 5.2 14.2 18.7 - - - - - - - - - - -
HCN(4-3)/HCN(3-2) 2.12 1.33 1.84 - - - - - - - - - - - -
HCO*(4-3)/HCO" (1-0)  47.2 3.9 20.1 22.6 - - - - - - - - - - -
HCOt(4-3)/HCO™ (3-2)  3.40 0.50 1.86 2.84 - - - - - - - - - - -
HCN(1-0)/HCO' (1-0) 1.23 0.77 0.55 1.39 1.33 1.40 0.83 1.15 1.64 1.04 - 118 571 229 >3.93
HCN(3-2)/HCO (3-2) 0.86 1.53 0.76 - - - - - - - - - - - -
HCN(4-3)/HCOt (4-3) 1.37 0.58 0.77 1.68 - - - - - - - - - - -
HCN(1-0)/CO(1-0) 0.047 0.033 0.024 0.059 0.047 0.087 0.0230.056 0.014 0.091  0.042 0.016 0.018 0.040 0.025
HCN(3-2)/CO(3-2) 0.024 0.016 0.010 0.017 0014 0.008 0.00%0.013 - 0.020 - 0.009 - <0.022 < 0.025
HCN(4-3)/CO(4-3) 0.035 - 0.009 0.023 - - - - - - - - - - -
CS(1-0)/HCN(1-0) 0.082 - 0.14 0.043  0.050 - 0.18 0.084 - - - - - - -
CS(3-2)/HCN(3-2) 0.083  0.15 0.14  0.081 0.16 0.065  0.30 - - - - 011 - - 0.049
CS(4-3)/HCN(4-3) 0.024 - - - - - - - - - - - - - -
HNC(1-0)/HCN(1-0) 0.71 0.71 052  0.50 0.30 0.15 0.51 0.30 320. 0.49 - 0.36 0.60 0.28 0.78
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174 Interpretation of observed sub-mm emission of nearby daxies

Table 10.5: Possible components explaining CO ratios
Galaxy low CR PDR highCR PDR XDR

NGC 253 very highn  very highn y

NGC 4945 y y y
M 82 y y y
IC 342 n n y
Maffei 2 n n y
M 83 very highn ~ very highn y
NGC 6946 very higm y y
M 51 very highn y y
NGC 891 y y y
NGC 1068 very higm y y
NGC 1365 y y y
NGC 2146 very higm y y
NGC 3628 y y y
NGC 2903 y y y
NGC 3079 y y y

One solution can be an elevated cosmic rays rate caused atygeehanced super-
nova rates in starforming regions (Suchkov et al. 1993; Bradet al. 2003). Especially
for low density gas it is then possible to obtain somewhah&igatios (Meijerink et al.
2006a). For a cosmic ray rate of= 5 x 107'° s7!, corresponding to a star-formation
rate of~ 100 Mg, yr=1, the ratio at» = 10® andG,, = 10? increases from 5.9 to 7.5, and
forn = 10* andG,, = 10% from 7.8 to 8.4. CO ratios for high density gas£ 105 cm~3)
are not affected by a higher cosmic ray rate and ratios asdsgh5 cannot be obtained.
High (~ 64) CO(4-3)/CO(1-0) ratios still require densitiesof= 10° cm3.

XDRs models, however, easily produce ratios CO(2-1)/CQL-5.7—9.5 and CO(4-
3)/(1-0)~ 30— 64, and do not need extreme radiation fields and high densitlesefore,
itis very well possible that the diffuse gas component irags such as NGC 253, IC 342
and Maffei 2 is dominated by X-rays. Pietsch et al. (2001 nfbX-ray emission from
both an active nucleus and binary stars in NGC 253, and Badwaér(@003) found a large
number of X-ray binaries in IC 342, that can account for sueta)irradiation. In Table
10.5, we summarize which components can reproduce thedtrasrof CO.

We also compared théCO(2-1)/*CO(1-0) and3CO(2-1)*CO(1-0) ratios with the
Meijerink et al. (2006b) model grids, and get almost the saamge of PDR and XDR
models as for the CO ratios discussed above.

Note that we need to be careful in interpreting CO ratios ftbe large regions we
consider here. The low-CO rotational lines trace diffuse gas and are opticallykhic
while also large velocity gradients occur. Maloney & Bladleg88) studied the effect of
cloud parameters such as density, temperature and eldrabatalances on the estimated
H, mass derived from the CO emission, and already pointed this o
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10.4.2 [CI] 609m/3CO(2-1)

The observed [Cl] 60@m/*3CO(2-1) ratios range from 9 for Maffei 2 to 115.6 for NGC 3079
(see Table 10.4). High ratios are difficult to explain witivloosmic ray PDRs. Various
studies (Pineau des Forets et al. 1992; Schilke et al. F36®&er et al. 1994) postulate en-
hanced cosmic ray rates to reproduce these high ratiosinidléed possible to obtain the
ratio 116 for¢ = 5x 107 s71, densityn = 10® cm~2 and impinging fluxG, = 10%—10%.
However, it is very questionable, whether cosmic rays renrathe galaxy center where
they are produced, since their absorption cross sectianseay small. A better option
is an XDR model, which capable of reproducing these higlosatiith moderate X-ray
fluxes (Meijerink et al. 2006a). This is a direct consequesfdbe fact that CO, €, and
C co-exist to large depths in XDRs, and large columns of éetrbon are present. In
PDRs, however, there is only a small carbon layer in théGQZCO transition.

10.4.3 HCN/HCO' ratios

The observed HCN(1-0)/HC{1-0) line intensity ratios, range between 0.55 for M 82 to
>3.9 for NGC 3079 (see Table 10.4). Comparing this to the PDIREPR model results,
we find that both model sets give solutions. In XDRs, HCN/HG@tios are high$ 1)

in highly ionized regions, and the HCGabundance is suppressed compared to HCN due
to additional recombination reactions. However, the alameés of both HCN and HCO
are small & 10719 in these regions and little emission is produced. TheefXDR
models with low densitiesy 10* cm~2 and high radiation field; 10 erg s cm=2 (where
the ionized fraction is high all throughout the cloud), shHavge ¢~ 1) integrated ratios,
but are hardly detectable. Thus, observed ratios larger timity probably correspond
to a region dominated by FUV photons. For a low HCN/HCftio (<1), we cannot
discriminate between a PDR and an XDR. However, the XDR neeligher density
than the PDR to produce the same ratio. In that case, anathsitg tracer would give a
solution. In Table 10.6, we summarize which components eproduce the HCN/HCO
line ratios.

10.4.4 HCN/CO ratios

The ratios for HCN(1-0)/CO(1-0) range from 0.014 for NGC 881D.091 for NGC 1068
(see Table 10.4). Both PDR and XDR models give solutionstHmitensities found for
the XDR models are systematically higher.

The densities obtained from HCN/CO ratios are lower thattfetHCN/HCO' ratios,
since the critical density,., = 3 x 10% cm=3 for CO(1-0) is much lower tham,, =
2 x 10° cm~3 for HCO*. When we assume that CO traces both low and high densities,
while HCO" traces only the high density, we can make an estimate of theilsotion
of the high and low density component to the ISM in each gal&®igst, we determine
from our grid the HCN/CO ratio needed to obtain the same dgasi for HCN/HCO',
and than calculate how much CO should be in the low densitypom@nt to obtain this
ratio. We find that 70 to 80 percent of the CO radiation shoelgtoduced by the diffuse
component in each galaxy. Exceptions are NGC 1068 and M 83ytiacch we find 55
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Table 10.6: Possible components explaining HCN/HG&tios

Galaxy PDR XDR
NGC 253 y  n(only lowN)
NGC 4945 vy y

M 82 y y

IC 342 y  n(only lowN)
Maffei 2 y  n(only lowN)
M 83 y  n(onlylowN)
NGC 6946 vy y

M 51 y  n(onlylowN)
NGC 891 y  n(only lowN)
NGC 1068 y  n(only lowV)
NGC 1365 y  n(only lowV)
NGC 2146 'y n(only lowV)
NGC 3628 y  n(only lowV)
NGC 2903 y n(onlylowV)
NGC 3079 'y n(onlylowmV)

percent, and NGC 891 and NGC 3079, for which we find 95 percEhnis is consistent
with the results of a more detailed analysis by Israel et28l06).

10.4.5 HNC/HCN ratios

All the observed galaxies show HNC(1-0)/HCN(1-0) ratiasslthan unity, and range from
0.15 for M 83 to 0.7 for NGC 253 and NGC 4945 (see Table 10.4). gvid of models
with fixed cloud sizes of 1 pc yield solutions only by XDR maglalith strong radiation
fields, Fx > 10 erg s! cm~2, and densitiess = 10* — 10° cm=3. This is an accept-
able answer, since galaxies such as M 82, NGC 891, and NGCG#80$pical starburst
galaxies and are probably best modelled with PDR modelgh&uconsideration shows
that the total column density of the cloud is a crucial par&mia this case. In the radical
regions of PDRs, the HCN abundance is much larger than the &i@dance, but deeper
in the cloud they are almost identical. As a consequenceRBie HNC(1-0)/HCN(1-0)
ratio is about unity for column densities larger th&lp = 10?2 cm~2 (~ 5 mag), and less
than unity, whenVy; < 10?2 cm=2. This is also illustrated in Fig. 27 of Meijerink et al.
(2006b), where we show the cumulative intensity ratios and finat the ratios increase
toward larger column densities.

Note that HNC and HCN emission lines are optically thick, podsibly also pumped
by infrared emission (Aalto, private communication), whigill make the interpretation
of the ratios more complex than it seems now. IR pumping istipoaportant for HNC
since the HCN rate is down by a factor of 100 for the same mid-infrared brightness
temperatureq;r ~ 60 — 80 K is needed for pumping).
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10.4.6 CS ratios

For a small number of galaxies, we also have CS lines, whiefakso high density trac-
ers. We compared the CS(2-1)/CS(1-0) lines with the PDR abR ¥hodels, and obtain
results consistent with the other high density tracers HEMD)™ and HCN/CO. A re-
markable result is obtained for NGC 6946, which has a rati(?€l§/CS(1-0)=2.67, and
which can only be reproduced with an XDR (= 0.6 — 2 x 10° cm™3, and F'y =

1.6 — 30 erg st cm~2). To reproduce the CS ratio with a PDR model, we need a density
n < 10° cm~3, independent of7,, but at these densities there is (almost) no CS emission
produced.

10.5 Comparison to Galactic PDRs

It not clear whether the observed emission of, e.g., HCN a@dn®ur sample is spatially
correlated, due to the lack of resolution. It is possiblewéeer, to study the spatial
distribution of emission in Galactic Giant Molecular ClauGMCs). Helfer & Blitz
(1997), studied the I(HCN)/I(CO) and I(CS)/I(CO) ratio afuaction of effective radius
in the GMCs S140, Orion B, S88 and S269. In all GMCs, they findog dh the ratios
as a function of effective radius. HCN, CS and CO emissionsaedially not equally
distributed. HCN and CS emission is only emitted by the dstysart of the cloud, while
CO is also emitted by more diffuse gas. The HCN/CO ratios #24.16 indicates a
density ofn = 0.5—1x10°% cm~2 in the center of the GMC going downto< 10* cm™ at
an effective radius of 5 pc, where the ratio is between 0.03-0Young Owl et al. (2000)
observed the distribution of HCN and HC@mission in the Orion Bar, and compared
this to that of CO. The CO emission is much more smoothly ithsted than the HCN
and HCO emission. Half of the CO emission is coming from the intemgtumedium,
while this is only a small fraction for the HCN and HC@mission. The average HCN(1-
0)/CO(1-0) line emission ratio is 0.11, resulting in adensfn = 3—4x10* cm=3, while
the average HCN(1-0)/HC§1-0) = 2.0 yields a density = 1.5 — 4 x 10° cm~3. Both
papers confirm our conclusion that CO emission is partiatiynf diffuse and partially
from dense gas.

10.6 X-ray versus FIR emission

In Table 10.1, the X-ray and FIR luminosities are shown. Weioled both X-ray and
FIR fluxes from the NED database and consequently convdrésd to luminosities for a
more convenient comparison. The X-ray fluxes are observatid¥instein and ROSAT
satellites. The FIR emission are results obtained by IRA&ther poor resolution. The
FIR luminosity is always larger than the X-ray luminosityhi3 is expected, however,
due to the fact that FIR emission is produced throughout axgalvhile the X-rays are
mostly produced in the center. Another reason for the smaliy{FIR luminosity ratio,
is that X-rays can be absorbed by foreground gas clouds aechitted by dust in the FIR
regime. It is therefore hard to say what contribution theasr make to the total emitted
radiation in the center of each galaxy.
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10.7 Discussion

Below we briefly discuss each galaxy separately, and edpettiase for which we have
obtained remarkable results. Then, we conclude with somergéremarks, and give a
diagnostic table.

10.7.1 Individual galaxies
NGC 253

In the center of NGC 253, we find indications for both a dens®RIDd a diffuse XDR
component. We need very high densities to reproduce the @O0 ratios with the
low and high cosmic ray PDR models, while XDRs with moderatesities and radiation
fields easily reproduce these ratios. Itis not very likebttthense highly irradiated gas has
very large filling factors. Itis also consistent with thetfdtat NGC 253 contains an AGN
and an outflow emitting X-rays (Einstein: Fabbiano et al. Z,9®0SAT: Brinkmann et al.
1994). The HCN(1-0)/HCO(1-0)ratio, however, favours a PDR model. XDR models
with low column densities can reproduce the ratio, but theneot much line emission
produced and thus XDRs cannot account for the observed iemissem these species.

NGC 4945

The center of NGC 4945 contains an embedded active galastieus, which was ob-
served by e.g., BeppoSAX (Guainazzi et al. 2000). Both PDIRADR models, however,
reproduce the observed ratios within reasonable parame@are problem is the resolu-
tion of our observations (21) and the distance to NGC 4945 (3.9 Mpc). Therefore, a
region as large as 400 kpc is observed at once, which cary dadé the very specific
properties that are common to XDRs.

M 82

M 82 is a starburst galaxy, but also X-rays are observed, waie produced in an out-
flow (Einstein: Fabbiano et al. 1992). Low cosmic ray PDRgrepgite high densities to

reproduce the CO ratios, but an enhanced cosmic ray rateljvmight indeed be appro-
priate in a starburst galaxy) gives reasonable results. Xidels also reproduce the line
ratios very well.

IC 342

IC 342 shows both PDR and XDR components. The CO ratios arepyoperly re-
produced with XDR models. PDR models reproduce the ratiosif@acceptably large
densities. The HCN/HCOratio is only properly reproduced with a PDR model, while
the CS(2-1)/CS(1-0) is again requires an XDR model. It ig/\dely that the diffuse
component is dominated by X-rays (e.g, XMM-Newton obseovest Bauer et al. 2003
confirm X-ray emission), but this is not clear for the denseponent of the galaxy.
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Maffei 2

The CO ratios of Maffei 2 can only be reproduced by the XDR nt&dd his would
indicate that the diffuse component is dominated by X-rayswever, Maffei 2 is not
detected in the X-ray regime. This is very probably causethbyarge amount of extinc-
tion, which has is as large a&, = 7.3. PDRs with an elevated cosmic ray rate would
come close to the observed CO ratios. When we considé€th609um/*CO(2-1) ratio,
which is consistent with a lack of X-rays, it seems very piblgsthat the FUV (aided by
cosmic rays) photons dominate the chemical structure ofj#ise and the same holds for
the high density tracers.

M 83

The starburst M 83 contains X-ray emission from point sosicmnected to star-formation
(e.g., ROSAT: Ehle et al. 1998). We again find that the CO sadi@ best produced by
a diffuse X-ray component, while the high density tracess lagst reproduced by PDR
models.

NGC 6946

The starburst galaxy NGC 6946 contains both signs of disgetirces connected to star-
formation (Holt et al. 2003), but also shows indicationsddmot ionized halo (Ehle 2005).
Although the CO ratios can be reproduced with high cosmid@BR models, the CS(2-
1)/CS(1-0) can only be reprduced with an XDR model.

M 51

Fukazawa et al. (2001) observed M 51 with BeppoSAX, and fawndence for a heavily
obscured AGN. The CO ratios can both be reproduced by highicaay PDRs or XDRs.
The high density tracers, however, favour PDR models.

NGC 891

Although X-ray emission is observed from the supernova @mSN 1986J (Bregman
& Pildis 1992), there is no evidence that NGC 891 is domin&gX-rays. The diffuse
component (CO lines) is easily reproduced by both PDR and Xmiels, while the
dense component is only reproduced by PDR models.

NGC 1068

NGC 1068 is the nearest strong Seyfert 2 galaxy, but althoughy people view this
galaxy as a pure XDR (Einstein: Fabbiano et al 1992; ROSAInKBnann et al. 1994;
EXOSAT: Turner and Pounds 1989), this is not unambiguouggrdrom the observa-
tions. The diffuse component (CO lines) can be modelled iy kenhanced cosmic
ray) PDR and XDR models. The dense component can be modgiladPBDR or a very
strongly irradiated XDR. It is not very likely that a largeda is filled with very strongly
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X-ray irradiated gas, since at the 14.4 Mpc distance, tha eogered is 1.5 kpc in size,
and the PDR model is favoured. High resolution observatafrisgh-J CO lines, which
are produced by warm CO gas, are very good indicators of an XD&jerink et al.
2006a), but these emission lines can only be observed inIfReé¥ Herschel (HIFI).

CO absorption at 4/m gives no sign of the presence of warm CO gas in the core of
NGC 1068 (Nakagawa, private communication).

NGC 1365

Although NGC 1365 contains an X-ray nucleus, which is obsery, e.g., BeppoSAX
(Risaliti et al. 2000), we find no indication in the ratios thauld favour an XDR. The
reason is that the 21beam covers a very large region of 1.5 kpc at 13.7 Mpc.

NGC 2146

NGC 2146 is a starburst galaxy with strong diffuse hard X-eayission (Matsumoto
2003). This could be a possible explanation for the CO ratgpecially for the ratio
13C0O(2-1)*C0O(1-0)=12.9. The dense component, however, is best neatley PDRs,
since very dense, highly irradiated XDRs would be needeceproduce the HCN(1-
0)/HCO"(1-0) line ratio.

NGC 3628

Dahlem et al. (1995) observed NGC 3628 with ROSAT, and fintdttlfenuclear souce is
either a very low luminosity AGN or the brightest X-ray bigdmown. This source is not
powerful, and this is also seen in the ratios. All ratios carekplained by normal PDRs
over an acceptable parameter range. The very [@h609.m/*3*CO(2-1) indicates that
the diffuse part of the gas is very prominent.

NGC 2903

Tschoke et al. (2003) find hot extraplanar gas in NGC 2908icating a galactic super-
wind, which is very common in edge-on galaxies with a cerdtatburst. We can easily
fit the ratios with normal PDRs, and especially the high dgnsacer ratio, HCN(1-
0)/HCO"(1-0)=2.29, strongly hints toward a PDR chemistry.

NGC 3079

Pietsch et al. (1998) find, based on ROSAT observationsitieatmount of X-rays pro-
duced in NGC 3079 is 10 times higher than for other galaxidh thie same luminosity.
lyomoto et al. (2001) find with BeppoSAX that NGC 3079 consaam highly obscured
AGN (Ny ~ 10%° cm™3) with high luminosity Cx ~ 10*? — 10*® erg s'!). This might
explain the high ratio ofCI] 609um/'3CO(2-1)=116. The CO ratios are also consis-
tent with an XDR. The ratio HCN(1-0)/HCQ1-0)> 3.93 hints in the direction of an
XDR. When almost no HCOis observed, it is possible that we have an highly irradiated
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(Fx > 10 erg s'* cm~2) XDR with densities between = 10* — 10° cm=3. The dense
part is also (maybe even better) explained by a very dense PDR

10.7.2 General remarks

In Table 10.22, we give representative values for often nlegeratios, which can also
be applied to other galaxies, such as (U)LIRGS. Below we lcolecwith some general
remarks.

1. X-rays and enhanced cosmic ray rates are crucial to exfflaiemission line ratios
(particularly those of the CO lines) emitted by the diffuses gomponent of galaxy
centers.

2. The nearby galaxies in our sample often require high d¢REIR models to explain
ratios between HCN and HCO The ratios are high density tracers, and therefore
a strong indication of embedded active star-formation.

3. To velocity separate the PDR and XDR components in gadawie need a spatial
resolution< 40 pc, which will be readily obtained with ALMA.

4. Ratios that cannot be explained by our models might be altleet nature of the
global velocity field (i.e., radiative transfer) and the ooence of shocks.



Table 10.7: NGC 253

ratio PDR XDR
n [cm—3] Go n [cm=3] Fx [ergs!cm?
CO(2-1)/CO(1-0) 9.1 1—3x 10 10° — 103 102 — 10* 0.2
1—3x10° 1-4
CO(3-2)/CO(2-1) 3.1 |2x 10" —2x 10° 10° — 102 2 x 102-10* 1-0.2
CO(4-3)/CO(3-2) 23 |1x10°—3x10° 105 —2 x 103 1.5 — 10 x 103 10
10* — 3 x 109 1-10
CO(4-3)/CO(1-0) 63.7 | 10° —3 x 106 10° — 103 1.5 x 102 — 10* 1-0.3
1—3x10° 1.6-3
BCO(-1)MBCO(1-0) | 88 | 10°—3x10° 4x10*—3x 103 102 — 103 0.15-0.04
1BCO(3-2)PCO(1-0) | 27.3 | 10* — 3 x 10° 10° — 2 x 10° 102 — 103 0.3-0.15
4—10 x 10° 0.16-0.25
[CI] 609:m/*3CO(2-1) | 36.6 3—9x10? 10°% — 103 4 x 10% — 10* 0.16-5
4 x 10* — 3 x 10° 1.6-160
HCN(1-0)/HCO (1-0) | 1.23 | 9 x 10* — 2 x 10 105 — 102 109 100
HCN(1-0)/CO(1-0) | 0.047| 1.5—2 x 10* 10° — 102 0.9 — 1.5 x 10° 1.6-160
CS(2-1)/CS(1-0) 6.6 3-5x 10 102 — 10° 104 — 2 x 10° 1.6-40
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Table 10.8: NGC 4945

ratio PDR XDR
n [cm=3] Go n[cm—3] Fx [ergs ! cm™?]

CO(2-1)/CO(1-0) 6.7 2 — 6 x 10 101 — 10! 102 — 103 0.1-0.04
CO(3-2)/CO(2-1) 24 | 2-10x10° 101 — 102 102 — 103 1.0-0.01
BCO(2-1)IPCO(1-0) | 7.4 | 4x10°—10* 10°—2x10%| 102— 103 0.12-0.03
1BCO(3-2)FCO(L1-0) | 20.2 | 5x 107 —2x 10* 10" — 10? 102 — 10° 0.2-0.1
HCN(1-0)/HCO'(1-0) | 0.77 | 5—5.5 x 10* 10° — 102 5% 107 20-160

5—10 x 10° 20

1—3x10° 20-160
HCN(1-0)/CO(1-0) | 0.033| 1—1.5x 10* 10— 102 | 0.6 — 1.5 x 10° 1.6-160

4—8x10° 10* — 10!
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Table 10.9: M 82

ratio PDR XDR
n [cm=3] G n [cm=3] Fx [ergs!cm™?
CO(2-1)/CO(1-0) 7.7 8 — 10 x 10? 10* — 10° 102 — 10° 0.15
CO(3-2)/CO(2-1) 3.3 | 6x10*—-3x10° 10° — 103 2 x 102 — 10% 1-10
1—3x 106 1-4
CO(4-3)/C0O(3-2) 20 | 2x10* -3 x10° 10° — 102 103 — 10* 4-0.4
CO(4-3)/CO(1-0) 51.0 | 2 x 10* — 1.5 x 10° 10° — 102 2 x 10?2 — 10* 1.0-0.1
13C0O(2-1)/3C0O(1-0) | 8.9 10 — 3 x 106 6 x 10* — 6 x 10? 102 —10® 0.15-0.04
13CO(3-2)/°CO(1-0) | 32.4 | 5x 10* —3 x 10° 10° =5 % 10* | 1.5 —10 x 10? 1.6-0.2
2.5 —10 x 103 0.16-1
HCN(1-0)/HCO (1-0) | 0.55 3—3.5x 104 10° — 102 4 % 10° 1.6-160
2 — 3 x 106 1.6-5
HCN(1-0)/CO(1-0) 0.024 3—6x10° 10 — 103 0.5—1x 10° 1.6-160
CS(2-1)/CS(1-0) 6.6 3—5x 10 102 — 10° 10* — 2 x 10° 1.6-40
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Table 10.10: IC 342

ratio PDR XDR
n [cm—3] Go n [cm—3] Fx [ergs ! cm™?]
CO(2-1)/CO(1-0) 9.5 > 1065 > 10* 102 — 10* 0.2
105 — 10%5 1-7
CO(3-2)/CO(2-1) 3.0 3-8 x 10 105 — 102 4% 102 — 101 1-0.3
CO(4-3)/CO(3-2) 2.1 4 x 10 — 108 10° — 102 10° — 10 10-2
2 —3x 108 1-2
CO(4-3)/CO(1-0) 60.0 | 5x10°—3x10° 10°—3 x 102 102 — 10* 1.0-0.5
2 x 108 1.6-3
13CO(2-1)*CO(1-0) | 11.1 - - 102 — 10° 0.4-0.1
3—10 x 104 0.16-0.55
10° — 3 x 106 1.6-6.5
1BCO(3-2)CO(1-0) | 31.1 | 5x 104 -3 x 106 10°—2x 10| 1.5— 10 x 102 1.6-0.2
2.5 —10 x 103 0.16-1
[CI] 609um/3CO(2-1) | 22.2 | 4.5 x 102 =2 x 10*  10%5 — 10* 5.5 x 103 — 104 0.16-1.5
4 x 10* — 2 x 106 1.6-160
HCN(1-0)/HCO (1-0) | 1.39 1-2x 10 10° — 102 - -
HCN(1-0)/CO(1-0) | 0.059| 2 — 2.5 x 10 10° - 102 | 1.3—1.9x10° 1.6-160
CS(2-1)/CS(1-0) 10.05 - - 101 — 3 x 106 1.6-160
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Table 10.11: Maffei 2

ratio PDR XDR
n [cm—3] Go n[cm—3] Fx [ergs ! cm™?]
CO(2-1)/CO(1-0) 9.4 > 1095 > 104 102 — 10* 0.2
10° — 1065 1-7
CO(3-2)/CO(2-1) 2.9 1—5x 10 2% 10" —10% | 4 x 102 — 2 x 103 1-0.1
CO(4-3)/CO(3-2) 2.3 1x10°—3x10% 10°—2x10%| 1.5—10x 10 10
10* — 3 x 1095 1-10
CO(4-3)/CO(1-0) 62.8 10° — 3 x 106 10° — 103 1.5 x 10? — 10* 1-0.3
1—3x106 1.6-3
BCO(2-1)*CO(1-0) | 11.0 - - 102 — 10? 0.4-0.1
3 —10 x 10* 0.16-0.55
10% — 3 x 106 1.6-6.5
1BCO(3-2)*C0O(1-0) 1.7 |3.5x10°—2.5 x 10* 10* — 102 102 — 103 0.18-0.08
[CI] 609um/3CO(2-1) | 9.33 7.5—10 x 103 10* — 7 x 102 1—3x 106 1.6-7
2 — 3 x 104 10° — 10?
HCN(1-0)/HCO (1-0) | 1.33 1-2x10° 105 — 102 - -
HCN(1-0)/CO(1-0) | 0.047 1.5 —2x10* 105 — 102 0.9 — 1.5 x 10° 1.6-160
CS(2-1)/CS(1-0) >4.32 > 10? 10% — 10° 10* — 3 x 106 1.6-160
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Table 10.12: M 83

ratio PDR XDR
n [cm=3] Go n [cm=3] Fx [ergs!cm™?]
CO(2-1)/CO(1-0) 9.0 | 8x10°—3 x 10 10° — 10° 102 — 10° 0.2
1-4

CO(3-2)/CO(2-1) 2.4 2 —10 x 10° 10* — 102 10% — 10° 1.0-0.01
CO(4-3)/CO(3-2) 20 | 2x10* =3 x 10° 105 — 102 10% — 10* 4-0.4
CO(4-3)/CO(1-0) 432 | 7x10° — 4 x 10* 101 — 102 2 x 102 — 2 x 103 1-0.1
13CO(2-1)P*CO(1-0) | 8.9 101 —3x 106 6x 10" — 6 x 10° 102 — 10° 0.15-0.04
13CO(3-2)*CO(1-0) | 21.0 | 6 x 10° — 4 x 10* 104 — 102 102 — 103 0.2-0.1
[CI] 609um/**CO(2-1) | 31.3 | 4 x 10* — 1.5 x 10* 10%° — 104 4.5 x 103 — 104 0.16-3

4 x 10* — 4 x 10° 1.6-160
HCN(1-0)/HCO (1-0) | 1.40 1—2x 10° 105 — 102 - -
HCN(1-0)/CO(1-0) | 0.087| 3 —3.5x 10 10° — 102 2 x 107 1.6-160
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Table 10.13: NGC 6946

ratio PDR XDR
n [cm=3] n [cm=3] Fx [ergs!cm™?]
CO(2-1)/CO(1-0) 8.4 26 x 10° 102 — 10* 0.15
CO(3-2)/CO(2-1) 1.6 92— 3 x 102 1005 — 10° 1—5x 102 0.2-0.01
CO(4-3)/CO(3-2) 2.6 - 15— 8 x 103 10
10" — 1.5 x 10° 2-160

CO(4-3)/CO(1-0) 343 | 4x10° -2 x 10 5 x 102 — 103 1-0.1
13CO(2-1)M*CO(1-0) | 6.0 1.5 — 2 x 10 1— 5.5 x 107 0.09-0.02
13CO(3-2)M*CO(1-0) | 14.8| 1.5— 10 x 10° 102 — 10° 0.15-0.06
[Cl] 609uM/3CO(2-1)| 29.6 | 4 x 102 — 1.5 x 10* 10°° — 104 4.5 x 10% — 10* 0.16-3

4 x 10* — 4 x 10° 1.6-160
HCN(1-0)/HCO'(1-0) | 0.83 | 5.5 —6 x 10* 6 x 10° 30-160

6 x 10° — 2.5 x 106 30-160
HCN(1-0)/CO(1-0) | 0.023| 3 —6 x 103 0.5—1x 10° 1.6-160
CS(2-1)/CS(1-0) 2.67 < 1037 5x 101 — 2 x 10° 1.6-30
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Table 10.14: M 51

ratio PDR XDR
n[cm=3] Go n [cm=3] Fx [erg st cm™?]

CO(2-1)/CO(1-0) 8.7 2 x 10° 102 — 10° 102 — 10* 0.15
CO(3-2)/CO(2-1) 34 [2x10°-3x10°  10°—10° 2 x 10% — 10* 1-10

2 x 10° — 3 x 106 1-6
CO(4-3)/CO(3-2) 1.1 5 % 102 1095 — 10° 1— 7 x 102 0.3-0.01
CO(4-3)/CO(1-0) 313 [3x 103 —2x 10" 10* — 102 102 — 103 1-0.1
BCO(2-1)/CO(1-0) | 9.1 | 10'—3x 105  10°—2 x 10* 102 — 103 0.15-0.04
13CO(3-2)CO(1-0) | 27.0 | 10*—3x10°  10° —2 x 10° 102 — 10 0.3-0.15

4—10 x 10° 0.16-0.25

[CI] 609um/**CO(2-1)| 19.9 | 7 x 10* -3 x 10> 10 — 10* 7—10 x 103 0.16-1

6 x 10* — 1.5 x 109 1.6-160
HCN(1-0)/HCO (1-0) | 1.15| 8 — 10 x 101 105 — 102 106 90
HCN(1-0)/CO(1-0) | 0.056| 1.8 —2.2 x 10* 10° — 102 1.2 — 1.5 x 10° 1.6-160
CS(2-1)/CS(1-0) >7.2 > 10* 102 — 10° 10* — 3 x 10° 1.6-160
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Table 10.15: NGC 891

ratio PDR XDR
n[cm—3] Go n [cm—3] Fx [ergs!cm2
CO(2-1)/CO(1-0) 5.7 5 x 102 10%% — 103 102 — 103 0.09-0.03
CO(3-2)/CO(2-1) 1.3 | 1.5—-2x10> 10% —10%| 1—4x 10* 0.1-0.01
13CO(2-1)*C0(1-0) | 5.5 9 x 10? 1095 — 103 | 1 —4.5 x 10? 0.08-0.02
HCN(1-0)/HCO (1-0) | 1.64 | 1.5 —2.5x 10° 10° — 10? - -
HCN(1-0)/CO(1-0) |0.014| 1.5—3x10® 10*—10' | 2.5 —9 x 10* 1.6-160
Table 10.16: NGC 1068
ratio PDR XDR
n [cm—3] Go n[cm—3] Fx [ergs*!cm™?
CO(2-1)/CO(1-0) 8.5 7 % 104 102 — 10° 102 — 10* 0.15
CO(3-2)/CO(2-1) 2.2 1—5x 103 5x10° —10" | 1.5 —7 x 102 1-0.01
CO(4-3)/C0O(3-2) 1.7 103 — 10* 10% — 103 1—-15x10? 0.15-0.01
1—4x10 10% — 102
CO(4-3)/CO(1-0) 31.3 | 3 x10°—-2x 10 10* — 102 102 — 10° 1-0.1
BCO(2-1)CO(1-0) | 6.8 2 -85 x 10° 10 — 10 102 — 103 0.1-0.01
13CO(3-2)/3C0O(1-0) | 20.8 | 6 x 103 —4 x 10* 10% — 102 102 — 103 0.2-0.1
[CI] 609um/*3CO(2-1) | 28.0 | 4 x 10> — 1.5 x 10*  10%5 — 10* 4.5 x 10% — 104 0.16-3
4 x 10* — 4 x 10° 1.6-160
HCN(1-0)/HCO (1-0) | 1.04 7.5 -9 x 10* 10° —10% | 7 x 10° — 2 x 106 70-160
HCN(1-0)/CO(1-0) 0.091 3—4x 10% 105 — 102 1.6 —2x10° 1.6-160
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Table 10.17: NGC 1365

ratio PDR XDR
n[cm=3] Go n [cm=3] Fx [ergstcm™?]
CO(2-1)/CO(1-0) 6.1 1—2x10° 10" —10*| 102 —10° 0.1-0.05
CO(3-2)/CO(2-1) 3.1 |2x100—2x10° 10°—102| 2 x 102-10% 1-0.2
1BCO(2-1)CO(1-0)| 6.7 | 15-—7x10° 10*—10 | 102 —103 0.1-0.01
13CO(3-2)1*CO(1-0)| 20.1 | 5x 103 —2 x 10 10*— 102 | 102 — 103 0.2-0.1
HCN(1-0)/CO(1-0) | 0.042| 1.2—1.6x 10* 10° —10% | 0.8 — 1.4 x 10° 1.6-160
Table 10.18: NGC 2146
ratio PDR XDR
n[cm=3] Go n [cm=3] Fy [erg st cm™2?]
CO(2-1)/CO(1-0) 8.7 2 x 10° 102 — 10° 102 — 10 0.15
CO(3-2)/CO(2-1) 2.9 1—5x 10 2% 104 — 102 | 4 x 102 — 2 x 10° 1-0.1
CO(4-3)/CO(3-2) 1.6 103 — 10* 103 -5x 102 | 1-—2x103 1.5-0.1
1—3x 10 6 x 102 — 102
CO(4-3)/CO(1-0) 405 | 7x 103 —4 x 10* 104 — 102 |2x 102—2x 10° 1-0.1
13CO(2-1)CO(1-0) | 12.9 - - 1.5 — 10 x 102 1.6-0.16
2 —10 x 103 0.16-2.0
5x 101 — 8 x 10° 1.6-160
13CO(3-2)PCO(1-0) | 25.0 | 10" —3x 105 2 x 10* — 102 102 — 103 0.25-0.15
HCN(1-0)/HCO (1-0) | 1.18 | 8.5—10 x 10* 105 — 102 106 100
HCN(1-0)/CO(1-0) | 0.016] 1.7—-3.5x10°  10*— 10" 3.2 - 10 x 10 1.6-160
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Table 10.19: NGC 3628

ratio PDR XDR
n [cm~3] Go n[cm=3] Fx [ergs!cm™?]

CO(2-1)/CO(1-0) 5.7 5 x 102 1095 — 10 102 — 10° 0.09-0.03
CO(3-2)/CO(2-1) 34 [2x10°-3x10° 105 —10° 2 x 102 — 10* 1-10

2 x 105 — 3 x 108 1-6
CO(4-3)/CO(3-2) 1.6 103 — 10* 103 —5x 10| 1—2x 10 1.5-0.1

1—3x10* 6 x 10* — 10?

CO(4-3)/CO(1-0) 30.0 | 3x 10°—2x 10*  10* — 102 5% 102 — 103 1-0.1
13CO(2-1)/3CO(1-0) | 4.4 | 3—3.5x 10 1005 — 103 1—25 x 102 0.04-0.02
13CO(3-2)3CO(1-0) | 165 | 2.5 x 103 —10*  10* — 102 102 — 103 0.1-0.07
[CI] 609um/*3CO(2-1)| 57.0 3.5 — 5 x 102 109 — 103 3—10x 103 0.16-10

3 x10* —2 x 10° 1.6-160
HCN(1-0)/HCO (1-0) | 1.57 | 1.2—2.2 x 10° 10° — 102 - -
HCN(1-0)/CO(1-0) | 0.018| 1.9—4 x 103 10* — 10! 3.8 — 10 x 10 1.6-160

Table 10.20: NGC 2903
ratio PDR XDR
n [cm—3] Go n [cm—3] Fx [ergs'cm™?

CO(2-1)/CO(1-0) 6.0 | 1-—15x10° 10* — 10! 102 — 10° 0.1-0.0.05
CO(3-2)/CO(2-1) 35 [6x10°—3x10° 10°—3x103| 2x 102—10% 1-10

2 x 105 — 3 x 108 1-6
BCOQR-1)PCO(1-0) | 7.3 | 4-10x10° 10 —2 x 102 102 — 103 0.12-0.03
HCN(1-0)/HCO (1-0) | 2.29 2 -8 x10° 10° — 102 - -

2 —3 x 106 10* — 10° - -

HCN(1-0)/CO(1-0) | 0.040| 1.2—1.8 x 10% 10° — 102 0.8— 1.5 x 10° 1.6-160
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Table 10.21: NGC 3079

ratio PDR XDR
n [cm=3] Go n [cm=3] Fx [erg st cm™2]

CO(2-1)/CO(1-0) 7.0 3-9x10 10! — 10 102 — 103 0.1
CO(3-2)/CO(2-1) 2.5 2 — 10 x 103 104 — 102 102 — 103 1.0-0.01
CO(4-3)/CO(3-2) 20 |2x101—3x 105 10° — 10 10% — 10% 4-0.4
CO(4-3)/CO(1-0) 35.2 | 4x 103 —2x 10" 10" — 102 102 — 10° 1-0.1
1BCO(2-1)CO(1-0) | 80 | 1-35x10"  10%— 102 102 — 10° 0.12-0.03
13CO(3-2)*CO(1-0) | 44.4 - - 7 x 10* — 3 x 10° 1.6-20
[Cl] 609:m/3CO(2-1) | 115.6| 2—3x 10>  10%°—103 | 2 x 103 — 10* 0.16-10

2 x 10* — 2 x 10° 1.6-160
HCN(1-0)/HCO (1-0) | 3.93 | 3 x 10° —2 x 105 10% — 10° - -
HCN(1-0)/CO(1-0) | 0.025| 3 —6 x 103 10— 10" | 0.5—1x 107 1.6-160

Table 10.22: Diagnostic diagram

| Density [cn?] | ratio | low CR PDR| high CR PDR| XDR (N > 10% cm~2) | XDR (N < 10*2 cm?) |
10% — 10° CO(2-1)/CO(1-0) 6-8 7.5-9.0 8-40 ]
CO(4-3)/CO(1-0) 17-50 2555 35-1300 -
[CI] 609um/*CO(2-1)|  12-32 15-140 10-10° 102 — 107
~10° HCN(1-0)/HCO' (1-0) > 1 0.5-1.0 0.1-0.25 0.1-10
HCN(1-0)/CO(1-0) 0.1-0.3 0.1-0.3 0.01-0.05 <0.02
HNC(1-0)/HCN(1-0} <1.0 <1.0 >1 >0.5
CO(16-15)/CO(1-0) 0.1-10 0.1-15 10-7000 >10000

In general, the HCN(1-0)/CO(1-0) ratio will be 3-4 times kenysince diffuse gas adds to the total CO line emission.
2The HNC(1-0)/HCN(1-0) ratio is less than unity in PDRs foluron densitiesV < 10?2 cm—2.
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CHAPTER 11
Highlights & Outlook

In this study, we have made substantial progress in undhelisitg the thermal and chemi-
cal balance in the centers of active galaxies. Prior to tlhuskponly classical PDRs were
applied to galactic centers. However, it turns out that tioduision of an XDR component
is necessary for a number of galaxies to understand the atamai molecular line ratios.
PDR models only consider photons in the far-ultraviolega(FUV:6 < E < 13.6 eV),
which are produced by O and B stars in starburst regions. X@&sgradiated by photons
with energiestl > 1 keV, and are produced by, e.g., an accreting central blatk ¢mo
intermediate-mass pre-main-sequence stars. XDRs haveitngated by using an ele-
vated cosmic ray ionization rate in PDRs. However, as we Bheg/n in Chapter 9, this
does yield results significantly different from those ob&a for XDRs. The cross sec-
tions for the absorption of X-ray photons are much lower tharse for FUV photons.
The variations in the thermal and chemical balance as aiimof column density in
an XDR are more gradual than in PDRs, where a very stratifietttsire is seen. For
example, PDRs show a very clearr C—CO sequence, but in XDRs these species
co-exist, and large column densities of neutral carbonikarih PDRs) are produced.
In PDRs, most ionizations are through direct absorption sihgle FUV photon, which
gives at most a fractional electron abundance of about. lonization in an XDR yields
a very energetic electron, which can cause multiple ioroma{dissociations and excita-
tions, and also heat the gas, resulting in a fractional @acbundance as high as0.1.
Consequently, more molecules are formed at high tempes{iir~ 300 K) due to the
higher ion-molecule reaction rates, leading to more rotedl line radiation from high/
transitions. This is illustrated in Fig. 11.1, where we shbe line intensities for the CO
molecule as a function of upper rotational level at density 10° cm—3 andGy = 10°
(Fx = 160 ergs s' cm™2).

11.1 Identification of diagnostics

Sure: We have calculated line intensities for the atomic finedtrce lines of [Sill], [CII],
[CI], [OI], [S], [Fell], and [Si]. Lines emitted by XDRs areemerally brighter
than those from PDRs, and the ratios obtained for the sam&tgeand imping-
ing flux are quite different. Especially the [CI] lines are chubrighter in XDRs,
since neutral carbon is present throughout the cloud. Asnaempuence, the [CI]
609um/*3CO(2-1) ratios are high as well, as they are thus a valuahlgndistic spe-
cially to distinguish between PDRs and XDRs. We have alscutated molecular
rotational line intensities for CO$CO, HCN, HNC, HCQ, SiO, and CS. We find
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Figure 11.1: Line intensities for the CO molecule as a fuorcof upper rotational level
at densityn = 10° cm~3 andGy = 10° (Fx = 160 ergs s! cm2)

Mabye:

that the HNC/HCN and HCN/HCOratios are also very helpful in the constraining
the physical properties of the dense gas part of the ISM.

CN, CH and NO are possible diagnostics to discriminate betMRDRs and XDRs.
Evaluating their column density ratios relative to HCN an@,@ve find that CN,
CH and NO are enhanced by more than an order of magnitude riunégely, it is
very difficult to obtain accurate line intensities from ouodels, since there are no
(reliable) collision rates available for these moleculesm our point of view, these
are urgently needed. The transient molecules'@@d CH" might likewise serve
as diagnostics to discriminate between PDRs and XDRs, #iiecenlumn densities
obtained in XDR models are much higher. The problem for tmeskecules, how-
ever, is not only that we have no reliable collision rateg,they are also formed
and destroyed at a rate comparable to the collision ratea.cdssequence the exci-
tation of the molecule also reflects the distribution of &alae translational energy
over its internal degrees of freedom during the formaticocpss.

It would also be very interesting to have data for electratisions with H,O. This
molecule has a very high dipole moment and its excitatiomesdfore very sensitive
to collisions with electrons. This would especially affdat excitation state of $D
in XDRs, since the electron abundances can be as highd¢d @02 where HO
has a significant abundance.

In general, the klgas is on average warmer in XDRs than in PDRs. Spitzer cur-
rently observes the pure rotational lines, e.g., S(0) 28.2and 17.@¢m lines of H,.
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These emission lines should be brighter in XDRs than in P[2R4,also the ratios
between the lines should differ.

Finally, it would be interesting to observe HCO (which uniéorately also does
not have collisional data). HCO lines have been observed B2Mnd NGC 253,
and the HCO/HCO column density ratios calculated in Chapter 8 suggest that
the combination of both molecules might have diagnosticinmrediscriminating
between PDRs and XDRs.

Nope: Some molecules turn out to have no direct diagnostic valuesdgeral reasons.
The sulfur chemistry is very uncertain due to the presencenefgy barriers in
the collision rates. As a consequence, line emission frorfecates such as SO
and SQ is hard to interpret in terms of excitation only. Although Vied that the
SiO(1-0)/CO(1-0) ratio is typically 2-3 times larger in XBRSIO is much more
useful as a shock tracer. We have also included somewhat larglecules in the
chemical network, such as,B0 and CHOH. We know, however, that their bulk
is formed on grains. They typically trace hot cloud cores aary dense clouds
in starforming regions. Although molecules agH\ and HCN™ are enhanced in
XDRs, they have very low abundances leaving even enhanciegiemvery weak.
N,H* is also probably formed on dust grains in dense dark clouds.

In Chapter 10, some of these diagnostics have been usecetpriit data and estimate
impinging fluxes and densities. However, some discrepameiain between models and
observations. In the coming decade, much progress will lmkenmethe observations of the
interstellar medium in galaxies with the advent of the netigration of telescopes, such
as Herschel and ALMA. The new data will contain much moreitlegtgquiring significant
improvement of the models used in their interpretation. He following sections we
discuss some of the issues that can be improved upon in ouglmdife also summarize
possible diagnostics for future observations.

11.2 Model extensions

In our modelling of the observed data, we use a convolutiamofor more separate ho-
mogeneous one-sided slab PDR and/or XDR models to detetherghysical properties
of the gas in galactic centers. However, the distributiothef molecular clouds relative
to sources of radiation (the AGN and star-forming regioresy Important effects on line
intensity maps. This was already discussed in papers hy,Hogerheijde et al. (1995),
Jansen et al. (1995) and Spaans & van Dishoeck (1997). Wathdient of, e.g., ALMA
it is important that models with 2/3D physical represeiutasi of the ISM are constructed
to interpret the observed line intensity maps of active xjaa This would also improve
the agreement with*CO/2CO and HNC/HCN ratios. The large optical depths in these
lines found by our models would be significantly reduced wiveninclude clumpiness.
For the same column density, the effective optical deptimialker, when a cloud consists
of low and high density components, because photons pémetaper into the cloud and
easier escape the cloud through scattering.
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So far, we only considered steady state models. These kimdedels have been very
succesful in describing diverse ISM environments in galdisis, such as cold and dense
clouds, quiescent diffuse and translucent clouds, andohoton-dominated regions. Al-
though feedback processes such as, e.g., supernova exgosay cause local distur-
bances, disk cloud physics and chemistry derived from elsiens are well-described
by time-independent models. In galactic centers, howeateady-state models are often
not fully adequate to explain observed molecular line gtiGentral regions in galaxies
experience frequent changes on relatively short time scaéhat static equilibrium may
not be an appropriate assumption. Time scales for chenicaépses at low density such
as H, formation, occurrence of star-bursts, and orbiting mol@cgas in the central few
hundred parsecs, turn out to be similar and of the ordel0éf— 107 years. Due to the
orbital periods of ; = 3 — 15 x 10° years, the fast-rotating molecular clouds in the cen-
tral few hundred parsecs encounter (inner spiral) shoclesaat every few million years.
These shocks cannot be ignored since the presence of skoitgeemolecular hydrogen
is already known for some time (Moorwood & Oliva 1990; Kooee & Israel 1996),
and the effects of orbital shocks on molecular chemistreh@en observed in centers of
spiral galaxies such as, e.g., IC 342 and NGC 253 (Meier & @u905; Martin et al.
2003). To take into account these mechanical effects, thHe/RDR code needs to be
incorporated into a hydrodynamical code, and needs to be tivae-dependent.

11.3 Future observatories

In Chapter 8, we have indentified a number of molecules trafpassible diagnostics
to discriminate between PDRs and XDRs. The I6wZO lines are able to discriminate
between normal PDRs on the one side, and enhanced cosmiateay DRs and XDRs
on the other side. High- CO lines are much brighter, however, in XDRs compared
to (elevated cosmic ray) PDRs (see Chapter 8 and 9). Withutugef Herschel (HIFI)
telescope, it will be possible to observe these higBO lines. It is claimed that the
CO 4.7um absorption band has already traced warm CO gas in, e.gbgwieed AGN
IRAS 08572+3915 (Shirahata et al. 2006). However, the gitisor features can also be
originating from atmospheres around supergiants. NGC 1@6&h is viewed as a pure
AGN by many people, does not show any signs of these Cod absorption (Nakagawa,
private communication).

When ALMA comes on-line, it will be possible to obtain highasial resolution £
25 pc for ~ 1”7 beam and at a distance bf = 5 Mpc) line intensity maps. Then, we will
be able to resolve regions dominated by FUV and X-ray photamg to better understand
the scale-dependent geometry and (time-dependent) lsotibms of the radiation sources
(star-burst versus AGN) in galactic centers. The ALMA fregay bands range from 30
to 950 GHz. It will be possible to observe rotational line sswn up toJ = 9 for CO.
For galaxies at redshift = 1, it is possible to observe up t6 = 18 and to detect warm
CO gas that probably indicates an XDR.
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Nederlandse samenvatting

De bouwstenen van sterrenstelsels

Het zichtbare materiaal in een sterrenstelsel bestaaasjtof en sterren. Het gas bestaat
uit atomen en moleculen en het stof is samengesteld uidatien koolstofverbindingen.
Sterren hebben massa’s die uiteenlopen van één hone¢oddtonderd maal de massa
van onze zon. Ons melkwegstelsel bevat ongeveer hondgatdrskerren en zijn in to-
taal goed voor ongeveer negentig procent van de zichtbassan®e andere tien procent
bestaat uit gas en stof, en dit geheel wordt ook wel het leikas Medium (ISM) ge-
noemd. Deze percentages kunnen verschillen in anderersséetsels. Het ISM kan zich
in een scala van condities bevinden. Het kan dichthedenemetdn €én tiende deeltje
tot tien miljard deeltjes per kubieke centimeter. Ter véjgag: in de lucht om ons heen
is de dichtheid van het gas ongeveer een miljard maal hogededoogste dichtheid in
het ISM. De temperaturen in het ISM variéren van ongeve@s &t 10 miljoen graden
Celsius. Het grootste gedeelte van de ruimte tussen steiedt gevuld met gas, dat
een zeer lage dichtheid heeft. Het warme geioniseerde me(hll) heeft een dichtheid
van ongeveer één tiende deeltje per kubieke centimet®yjjt dit voor het warme neu-
trale medium (HI) ongeveer €én tiende tot €één deeltjekpbieke centimeter is. In die
gebieden waar nieuwe sterren worden geboren, is het gasigatnekken onder invioed
van de zwaartekracht. Hier lopen de dichtheden uiteentugseduizend en een miljoen
deeltjes per kubieke centimeter. Gas met temperaturen @afuizend graden Celsius
kan worden gevonden in een planetaire nevel. Dit vertegertigd het laatste stadium
in de evolutie van een middelzware ster (met een massa tagsééan en vier maal de
massa van de zon), waarbij de buitendelen worden weggebtazeodoende een nevel
ontstaat. De hoogste dichtheden worden gevonden in ggsestinond pas gevormde
sterren, ongeveer 100 miljoen tot 10 miljard deeltjes pdridéke centimer. Onder de juis-
te omstandigheden worden hieruit later planeten gevornogwé| we de laatst genoemde
dichtheden als hoog beschouwen in astronomische zin, isatihet geval voor aardse
begrippen. Het beste vacuum dat we op aarde kunnen bereileemilaboratorium is net
goed genoeg om deze “hoge” dichtheden te representeren .

Stof

De variatie in de omvang van stofdeeltjes is heel erg groan, @.2% tot 0.25m, en
deze kunnen daardoor zeer verschillende eigenschappéemekosmische stofdeeltjes
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Zijn meer dan tien maal kleiner dan het zogenaamde “fijn stidt wordt geproduceerd
door bijvoorbeeld dieselauto’s. Hoewel we weten dat steljEs bestaan uit silicaat-
en koolstofverbindingen, is de exacte samenstelling erctstur van stof nog niet goed
begrepen. Deze samenstelling verandert ook als het staft\wtootgesteld aan verschil-
lende omstandigheden. Ondanks het feit dat deze deelyjgstslongeveer 1 procent van
de totale massa van het ISM vertegenwoordigen, houden kl@teneeste zichtbare en
ultraviolette licht tegen. Het blokkeren van straling wioobk wel extinctie genoemd.
Voor een bepaalde samenstelling van stof, kan er een zogelesaxtinctiekromme wor-
den afgeleid. Deze geeft aan hoeveel licht op welke golfeemgirdt tegengehouden.
Omdat de samenstelling van stof nogal moeilijk te bepalernijis de onzekerheden hier-
in vaak een factor twee, iets wat voor sterrenkundige bpgnmiet eens zo ontzettend
groot is. Stof zorgt er ook voor dat het gas wordt verhit. Gihlgeschieden door botsin-
gen tussen stof- en gasdeeltjes. Bij deze botsingen wondjegeelte van de thermische
energie van het stof overdragen. Een andere manier is daaleetron te bevrijden van
een stofdeeltje dat een lichtdeeltje absorbeert. Dit losgkte electron heeft kinetische
(bewegings) energie, die dan door botsingen overgedragembkrden aan het gas. Dit
wordt foto-electrische verhitting genoemd. Stof is ooklHesangrijk voor de vorming
van moleculair waterstof (§). Stof is bij deze reactie een soort katalysator. In de gasfa
gaat de reactie voor de vorming van erg langzaam.

Gas

Gas in sterrenstelsels bestaat voor het grootste gedeeltaterstof (90 procent) en he-
lium (8.5 procent). Alle zwaardere elementen, zoals kobd|dtikstof en zuurstof, zijn
slechts anderhalve procent van het geheel en worden doonasten metalen genoemd.
Afhankelijk van het stralingsveld en de dichtheid, hebbasvgplken een bepaalde che-
mische en thermische structuur. Zij stralen allemaal Jellende zogenaamde atomaire
fijn-structuur en moleculaire (zoals,HCO, HCN en HO) rotationele en vibrationele
liinen uit. De lijnen worden als volgt geproduceerd. Eemsink een deeltje (zeg Hlin
botsing met een ander deeltje (zeg CO). Als gevolg hiervané8én van de deeltjes in
een toestand komen die een hogere energie heeft. Zo’nal&ahj door het uitzenden
van een lichtdeeltje weer in de oorspronkelijke toestangigi@comen. Deze lichtdeeltjes
worden uitgezonden op een golflengte die wij met onze ogdrkarmen zien, namelijk
in het (sub)-millimeter gebied, maar zij kunnen wel wordesiavgenomen met telesco-
pen als de James Clerk Maxwell Telescope (JCMT) en de Itestitel Radio Astronomie
Millimétrique (IRAM) 30m telescope. Wanneer de conditiesschillen, wordt ook een
verschillende set lijnintensiteiten en lijnverhoudingg@produceerd. Zij kunnen daarom
gebruikt worden om de fysische eigenschappen van het gadgerhbepalen.

Extreme omstandigheden in centra van sterrenstelsels

Ons zonnestelsel draait op een afstand van 26000 lichadrtret centrum van de Melk-
weg. De hoeveelheid sterren per volume eenheid is erg laagaa directe omgeving.
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Proxima Centauri, de ster die het dichtste bij is, staat opadgstand van iets meer dan
vier lichtjaar. De dichtheid van sterren en de gemiddelddtiieid van het gas in het
centrum van een sterrenstelsel is veel hoger dan in de omgygain de zon. In het cen-
trum is het daarom makkelijker om gas om te vormen naar st@meals gevolg daarvan
is de gemiddelde hoeveelheid geproduceerde straling wgmrh Sterke stralingsvelden
worden niet alleen geproduceerd door de nieuw gevormdeestemaar ook door een
zwart gat, dat vaak aanwezig is in het centrum van eem sstaisel en dat gas en sterren
opslokt. Bij deze aanwas (accretie) van materie komt veelgea vrij. Hoewel er veel
straling geproduceerd wordt, is het centrum vaak moeiligameembaar met optische
telescopen. De reden hiervoor is dat de grote hoeveelhaidezage stof het merendeel
van het licht tegenhoudt. Op langere golflengtes, zoalstisuite millimeter gebied, is de
extinctie door stof veel minder. Hier straalt stof over eeelhspectrum van golflengtes
en atomen en moleculen op heel specifieke golflengtes, ookmiskielijinen genoemd.
Deze emissielijnen, die geproduceerd zijn door bijvooldh&®, HCN en HCO, kunnen
als diagnostiek dienen. Deze lijnen willen we gaan reprederic met modellen. Hierbij
gaan we ervan uit dat straling de dominante factor in de egpaan de chemische en
thermische structuur is. Deze modellen heten zogenaamde-fredomineerde gebie-
den (PDRs) als de lichtdeeltjes voornamelijk ver-ultrégsfie straling (FUV) betreffen,
en X-ray-gedomineerde gebieden (XDRs) als het stralifgdwestaat uit rontgen foto-
nen. FUV fotonen worden geproduceerd door hete zware stagrvijl rontgen fotonen
voornamelijk worden geproduceerd door het zwarte gat. Degée van de fotonen is
verschillend en heeft daardoor ook andere eigenschappatgen fotonen dringen veel
dieper door in wolken dan FUV fotonen, omdat atomen, mokatein stof rontgen foto-
nen moeilijker kunnen absorberen. Het proces waarmee FdVarigen fotonen het gas
verhitten is ook verschillend. Als gevolg hiervan is de thesche en chemische structuur
in PDRs and XDRs anders. PDRs hebben een duidelijke gelembdBr is een duide-
lijke overgang van atomair naar moleculair waterstof{H,), als ook voor geioniseerd
koolstof naar neutral koolstof en koolstofmono-oxide (EC—CO). In XDRs is deze
overgang niet zo duidelijk en bestaan deze atomen en melecdast elkaar. Deze ei-
genschappen, die worden bestudeerd in dit proefschiidigtetot een diagnostiek die de
effecten van massieve sterren (FUV fotonen) en een zwadajagas en sterren opslorpt
(rontgen fotonen) kan onderscheiden in de centra varesistelsels.

Dit proefschrift

Dit proefschrift is opgedeeld in drie delen. In het eerstel deordt specifiek ingegaan
op de waarneming van de stofcomponent in M 51. In deel twealevode PDR en
XDR modellen gepresenteerd en vergeleken met andere kbachimodellen. In deel
drie rekenen we een groot rooster van modellen uit, dat Vgewns wordt toegepast op
waarnemingen. Hieronder wordt kort ingegaan op de inhounddeaverschillende hoofd-
stukken.
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Deel |

In hoofstuk 2 geven we een introductie op waarnemingen vahds¢ zijn gedaan in
sterrenstelsels. We gaan in op problemen, zoals het bepaltede stoftemperatuur, de
bepaling van de opaciteit (hoe makkelijk laat het licht Ja@n stof en de onzekerheden
die hieruit volgen.

In hoofdstuk 3 laten we een waarneming van het melkwegs$téldel zien, dat is
waargenomen met de JCMT op een golflengte van;880 De spiraalarmen zijn duide-
lijk te zien op deze golflengte. De structuren van de armendfogoed overeen met de
straling die is geproduceerd door koolstofmonoxide (COatemair waterstof (HI). Het
meest bijzondere aan deze waarneming is echter de ondmtiggexponentiéle schijf, die
de straling op de golflengte van 8pth domineert. Het is niet mogelijk deze schijf te ver-
klaren met alleen een radiéle gradiént in de temperattiervoor is ook een exponentiéle
verdeling van het stof nodig.

In hoofdstuk 4 gebruiken we de waarneming van M 51 op 860om op een on-
afhankelijke manier de CO-naar;tdonversiefactor te bepalen. CO wordt vaak gebruikt
om de hoeveelheid He bepalen. De reden hiervoor is dat et een lage temperatuur
moeilijk is waar te nemen, omdat het dan bijna geen stralingyceert. CO kan worden
gebruikt om H te traceren. De waarden die wij vinden voor deze converdi@f&komen
overeen met waarden die zijn gevonden met andere methoden.

Deel lI

In hoofstukken 5 en 6 behandelen we de numerieke methode®&m®R XDR modellen
uit te rekenen, die ons in staat stelt de thermische en cleamgructuur van het ISM in de
centra van sterrenstelsels te bepalen. Er wordt diep irsgeg de processen die we mee-
nemen. Vervolgens rekenen we met beide numerieke methaelegiepte-afthankelijke
modellen uit, om hiermee een vergelijking te maken tussefysiea in PDR en XDR
modellen. We laten cumulatieve lijnintensiteiten zien vatomaire fijn-structuurlijnen
van koolstof, zuurstof, silicium en ijzer. Ook laten we cuatieve kolomdichtheden en
verhoudingen tussen kolomdichtheden van CQ,HCN, HCO" en HNC zien. Hierbij
valt op dat de veranderingen voor de PDR modellen als funatiadiepte veel groter zijn
dan voor XDR modellen. Dit valt te begrijpen uit het feit d@neXDR geen gelaagde
structuur heeft.

In hoofdstuk 7 worden kort de resultaten besproken van eageligkingstest voor
PDR modellen. Het doel van deze vergelijking is om de vehgrhiussen de PDR codes
en de effecten op de fysische en chemische structuur tejjipegen om te convergeren
naar een eenduidige oplossing.

Deel Il

In hoofstuk 8 worden modellen berekend met de humerieke adethdie zijn gepresen-
teerd in hoofstukken 5 en 6. Hiermee gaan we de fysische ttesdiepalen die beho-
ren bij gaswolken die dichtbij bronnen van straling staaez®worden vaak gevonden



211

in de centra van zogenaamde actieve sterrenstelsels.vAdierrenstelsels worden ge-
kenmerkt door een hoge mate van stervorming of door een aeiegd zwart gat. Met
deze modellen kunnen we dan iteratief bepalen wat de thelnesn chemische structuur
wordt van gas dat is blootgesteld aan rontgen of FUV sigali?it levert een diagnostiek
op die onderscheid maakt tussen XDR and PDR modellen. Weekuooncluderen dat
verhoudingen tussen HCN en HCrg bruikbaar zijn in het maken van onderscheid
tussen PDRs en XDRs. Deze zijn met de huidige generatiectglea goed waar te ne-
men. Het beste zou echter zijn om te beschikken over CO liineneen hoge excitatie
energie. Deze lijnen worden alleen geproduceerd in warm @©em dat wordt alleen
gevonden in XDRs. Helaas kunnen we deze lijnen pas goed medtde Herschel (een
ver-infrarood/submillimeter satelliet, lancering 20@8) het instrument HIFI (The Hete-
rodyne Instrument for the Far-Infrared) dat hierop is getaerd. Verder worden er een
aantal moleculen gevonden die ook diagnostisch zijn, 2é@sCN, CH en CH. Op dit
moment is het echter niet mogelijk om voor deze moleculenespreauwkeurige manier
lijnintensiteiten uit te rekenen.

In hoofdstuk 9 wordt ingegaan op de verschillen in invioed dintgen fotonen en
kosmische straling op het ISM hebben. Kosmische stralinglisampornamelijk geprodu-
ceerd in overblijfselen van Supernova’s. Een Supernova isrdploffing van een zware
ster (meer dan acht maal de massa van de zon) aan het eindgnveaven. In gebie-
den waar veel stervorming is, zijn veel van deze zware staasmwezig en wordt meer
kosmische straling geproduceerd. Met een hogere inténgiie kosmische straling kan
de thermische en chemische structuur van een gaswolk \v@emdDaarom bekijken we
wat er gebeurt met PDR-modellen als we de hoeveelheid kobmistraling verhogen
en vergelijken dit met normale PDR-modellen en XDR-modtellen sommige gevallen
kunnen zowel PDR-modellen met een hoge intensiteit van ioastys als XDR modellen
waargenomen verhoudingen verklaren. Onderscheid tussda kan echter worden ge-
maakt door te kijken naar de hoog energetische lijnen vandi@Omet de Herschel (HIFI)
kunnen worden waargenomen.

In hoofdstuk 10 schatten we de relatieve aanwezigheid wamsimingsgebieden, ac-
tieve kernen en verhoogde cosmic ray straling in de centiasterrenstelsels met behulp
van moleculaire emissie van HCN, HECHNC, CO,'3CO, CS en [CI]. Hiervoor gebrui-
ken we het rooster van modellen dat is besproken in hoofst\M#eBherleiden vervolgens
de aanwezige PDR (met verhoogde kosmische straling) en Xddiponenten. We defi-
niéren een diagnostisch diagram dat kan worden toegepastdere sterrenstelsels, zoals
(U)LIRGs (sterrenstelsels die veel straling producerehaninfra-rood). We zien vaak
dat de lage, diffuse component kan worden verklaard door XB@RPDRs met verhoogde
cosmic ray straling. We zien ook dat het sterrenstelsel NG&31dat vaak wordt gezien
als een stelsel met een actieve kern (XDR), een PDR compueaeiioge dichtheid nodig
heeft.

In hoofstuk 11 wordt een blik op de toekomst geworpen. We tedgm mogelijke uit-
breidingen voor de modellen. Deze zullen nodig zijn om wearimgen van toekomstige
telescopen, zoals Herschel en ALMA (een millimeter intenfeeter van~ 50 telescopen
in Chili), te kunnen begrijpen. We bespreken ook enkele riatische moleculen voor
toekomstige waarnemingen.






Syatu pisi fu na buku in Sranan

Den bowston fu den sérstelsel

San yu e si fu den sterstelsel na gas, stof nanga ster. degfasden atoom nanga molecuul
en a stof meki nanga silicaat nanga koolstoftai. Ster assa san kan de wan hondertse
fu te kon miti wan hondru tron a massa fu unu son. Konmiti wandno miljarti ster de
na ini unu melkwegstelsel en makandra den e gi negitentepefs ala massa san wi e
si. A tra tin persent na gas nanga stof, en dati wi e kari nerstellair Medium (ISM).
A ISM kan de wan bradi ipi fasi. A kan abi wan dichtheid fu wandg pisi te kon miti
tin miljard pisi ini wan kubieke centimeter. Wan ayersi: ifoétu pe wi e libi a dichtheid
fu gas de wan miljard tron moro hei leki na moro hei dichtheidSM. Den temperaturu
na ini ISM kan waka fu -263 te 10 miljun graden Celsius. Na niaigp pisi fu na presi
na mindri den ster lai nanga gas san abi wan tumsi lagi déetiti A waran medium (HII)
di ioniseer abi wan dichtheid fu konmiti wan tinde pisi ini w&ubieke centimeter, pe
fu na waran neutraal medium (HI) a de wan tinde te kon miti wan pisi na ini wan
kubieke centimeter. In den presi pe nyun ster e gebore a grakdm makandra ondro
hebi fu zwaartekracht. Dya so den dichtheid e waka fu tinddgan miti wan miljoen
pisi na ini wan kubieke centimeter. Wan eksempre pe a gas katemperaturu fu wan
dusun graden Celsius na wan planetaire nevel. Disi na ddastedium in a evolutie fu
wan mindri hebi stér (hanga massa fu wan konmiti fo tron nasadu son) pe den dorosé
pisi e bro gwe en so fasi wan nevel e kon. Wi e fini den moro hédittieid na ini gas-
schijven lontu nyun ster, wan 100 miljoen te kon mitit 10jaridl pisi na ini wan kubieke
centimeter. Efu den kondisi de bun moro lati planeet e kmotdrdpe. Awinsi wi e denki
dati den dichtheid di un kari leki laatste de hei in wan astraisch fasi, a no de so fu
wan grontapu begrip. Den “hei” dichtheid disi e tenapu gi aertmun vacuum san wi kan
Kisi na grontapu ini wan laboratorium.

Stof

A kenki ini na bigi fu den stofpisi bigi tru, fu 0.26 te kon miti 0.25:m, en dati meki
den kan habi furu difrenti maniri. Kosmische stofpisi piknoro leki tin tron a kon meki
un taki “fini stof” san disel oto e gi. Unu sabi dati den stéfpneki fu silicaat- nanga
koolstoftai ma toku unu no e ferstan so bun san na a semperaseja strukturu fu stof.
A seti disi e kenki tu efu stof e kon na ini difrenti kondisi. Wansi den pisi disi de
konmiti wan persent nomo fu na heri massa fu ISM den e tapu ma faou ultraviolet
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faya nanga faya di wi e si. Tapu pasi gi straling we kari extencGi wan spersrutu seti
fu stof un kan hari wan kon meki un taki extinctie kromme. Akme disi e meki unu
syi osortu golflengte e tapu o meni faya. Fu di a de tranga fuefeeti fu stof, somentron
den onzekerheid de wan factor tu, wan sani di no de tumsi Bgninsterrekunde. Stof
e sorgu dati gas e waran. Disi kan spa bika stof nanga gagedeelboks makandra. Na
den boks disi wan pisi fu na thermische energie fu stof e gm@bra. Wan tra fasi de
dati wan stofpisi e absorbeer wan fayapisi en dan a de frielectron. A electron di lusu
now habi kinetische (bewegings) energie san kan djompotaprana gas te den boks.
Disi wi e kari foto-electrische waran. Stof de tumsi presa$fiu na meki fu moleculair
watrastof (H). Stof na wan sortu katalysator na a reactie disi. Ini ndagesa reactie te
H, e meki de tumsi saffri.

Gas

Gas naini den sterstelsel meki fu na moro bigi pisi fu wab&@0 persent) nanga helium
(8,5 persent). Ala moro hebi element leki korostof, stikstanga zuurstof de soso 1.5
persent fu ala sani. Astronoom e kari den metaal. A e angartagasi fa a stralingsveld
nanga na dichtheid de fa den gaswolku e abi wan spesrutu stieennanga termische
strukturu. Den ala e seni difrenti san wi e kari atomaire $imitcturu nanga moleculaire
(leki Hy, CO, HCN, nanga kD) rotationele nanga vibrationele lini. Den lini e meki
sofasi. Fosi wan pisi ( kon un takiJie boks nanga wan tra pisi ( kon un taki CO). A
boks disi kan meki wan fu den pisi kon na ini wan sitwasi di hahn moro hei energie.
A pisi disi efu a seni wan fayapisi go na doro a kan kisi en knpepsitwasi baka. Den
fayapisi disi e seni go na doro tapu wan golflengte san wi nosgananga un ai bika a
de ini na (sub)-millimeter presi, ma den telescoop leki Ja@kerk Maxwell Telescoop
(JCMT) nanga na Institute de Radio Astronomie Millimétigg(IRAM) 30m telescope
kan syi den wel. Te den kondisi e difrenti, owktu wan difresgt lini-intensiteit nanga
linihori e meki. Fu dati meki un kan gebroiki den fu jepi fererdfysische maniri fu na
gas.

Extreme sitwasi ini centra fu den serstelsel

Unu sonstelsel e drai tapu wan distantia fu 26000 fayajatuloa mindri fu na Melkweg.
Na ini un sjatu kontren na omeni ster na ini wan volume eahtai fu tru. Proxima
Centauri na moro krosbei ster de tapu wan afstand fu moliddékyajari. Na dichtheid
fu den ster en na gemiddelde dichtheid fu gas in na mindridn sterstelsel de bun furu
moro hei efu yu kék en na a birti fu na son. Dati meki ini na nmirdde moro makriki fu
kenki gas kon tron ster en so fasi na gemiddelde omenisgydiie meki de bun furu moro
hei. Tranga stalingsveld no e kon soso fu den nyun meki sééswktu ini wan blaka holo
di de drape nofotron en di eswari den gas nanga ster. A gadie) fu materi e gi furu
energie. A winsi furu straling e meki, a mindri de tranga fukivaanga den optische
telescoop. Dati e kon bika na bun furu stof di de e tapu na migjigpisi fu na faya. Na
tapu moro langa golflengte so leki ini na sub-millimeter pnea extinctie bika fu stof ede
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no de so furu. Dat hede wel un kan kisi diagnostiek fu den litkoth un taki CO, HCN
nanga HCO meki. Den lini disi wi wani meki baka nanga den model. Djas@Wiuderi
dati straling na a dominante factor fu feni a chemische nanganische strukturu. Den
model disi wi e kari kon meki un taki foton gedomineerde p(€4DRs) te den fayapisi
de moro furu far-ultraviolette straling (FUV) en wi e karirdX-ray gedomineerde presi
(XDRs) efu na stralingsveld de fu rontgen foton. Den FUWbfoe komoto fu faja hebi
ster, nadi moro furu fu den rontgen foton komoto fu blakéoho

Na energie fu den foton de difrenti en dati meki a abi tra mariRontgen foton e
go bun furu moro dipi na ini den wolku leki den FUV foton, bikden atoom abi moro
muiti fu absorbeer den molecuul nanga den stof rontgemfdifa procesi fa FUV nanga
rontgen foton & waran na gas de difrenti tu. Fu dati ede emtisch nanga chemische
strukturu ini PDRs nanga XDRs de tra fasi. PDRs habi wan k@ ltapu laag strukturu.
Yu kan si wan krin abra fu atomair go na moleculair watrastbf{H2), so leki fu korostof
di ioniseer go na neutraal korostof nanga korostof monal@¥C™—C—CO). Na ini den
XDR a kenki disi no de so krin en den atoom nanga molecuul digistan sei makandra.
Den maniri disi fu di stuka de meki na ini na proefskreft e tyaru na wan diagnostiek
di kan ondroschei den effect fu den massief ster (FUV fotpmanga wan blaka holo di
e swari gas nanga den ster (rontgen foton) na ini a mincitefu sterstelsel.

Na proefskreft disi

Na proefskreft disi prati na ini dri pisi. In a fosi pisi we gpesrutu na ini waki fu na
stofcomponent ini M 51. A di fu tu e sori unu den PDR nanga XDRiei@n kék den
nanga tra model di un habi. Ini pisi nomru dri we reken wan bogi fu den model uit,
dan we poti en tapu den waki di un du. Bilo we luku na inibere én diffrenti kapitri
sjatu.

Pisi |

Ini kapitri 2 we tyari un kon na ini waki fu stof di ben du na ineul sterstelsel. We go
na ini problema so leki feni na temperaturu fu stof, feni na@feit fu stof en san no de
seiker na ini.

Na ini kapitri 3 we sori wan waki fu na melkwegstelsel M 51, @nbwaki nanga a
JCMT tapu wan golflengte fu 850 um. Tap na golflengte disi um &aden spiraalanu
krin. A strukturu fu den anu e kruderi bun nagna na stralingatostofmonoxide (CO)
nanga atomair watrastof (HI) meki. A moro aparti fu na waki da a exponentiéle schijf
ondro den, di e basi na straling tapu na BB0golflengte. Un no sa man ferkrari na schijf
disi soso nanga wan radiéle gradient in a temperaturu. bodia wan exponentieel prati
fu na stof owktu.

Na ini kapitri 4 we gebroiki a waki fu M 51 tapu 850 um fu kan fexai conversiefactor
fu CO go na H tapu wan srefidensi fasi. Nofotron we gebroiki CO fu feni ofiit; de.
We du dati bika a tranga fu wakighanga wan lagi temperaturu, bika bijna a no e gi
straling. Un’ kan gebroiki CO fu feni HH Den waarde di we kisi fu a conversiefactor disi
e kruderi nanga den waarde di ben feni nanga tra fasi.
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Pisi Il

In kapitri 5 nanga 6 we broko broko den numeriek fasi fu kareken wan PDR nanga
wan XDR model, di e meki dati unu kan feni a thermisch nanganeeh strukturu fu na
ISM ini den mindri fu den sterstelsel. We go dipi na ini deongesi di wi e stuka. Baka
dati we reken fo diepte afhankelijk model uit gi alla tu nurakrfasi fu kan meki wan
kék mindri na fysica ini PDR nanga XDR model. We meki un sym demulatieve lini-
intensiteit fu atomaire fini-strukturulini fu korostof, atstof, silicium nanga isri. Owktu
wi e sori den cumulatieve kolomdichtheden nanga na fasi fa@kdichtheid fu CO, H,
HCN, HCO' nanga HNC e drai nanga den srefi. Dan a de fu syi dati, efu wiedudipi,
a kénki gi den PDR model de bun furu moro bigi leki den XDR modién kan ferstan
dati, bika a de so dati wan XDR no habi wan gelaagde strukturu.

In kapitri 7 we taki syatu abra den kbapisi fu wan agersitasién PDR model. Na
dorope fu na kek disi na fu kan ferstan den difrenti mindn ¢8R code nanga de effecti
tapu na fysische nanga chemische strukturu en fu kan cos@ergyo miti wan wanfasi
lukufasi.

Pisi Il

Ini kapitri 8 we bereken den numeriek model nanga den nuégig di un presenteri
na ini den kapitri 5 nanga 6. Nanga disi we go bepaal den figsigondisi di e fiti den
gaswolku di tenapu krosbei den bron fu straling. Somentrgrkan feni den na mindri
fu den sotaki aktief sterstelsel. Un’ kan sabi den actiefstelsel bika den e form bunfuru
stér noso wan blaka holo san e gro. Nanga den model disi ubdgamal iteratief san na
thermische nanga chemische strukturu fu gas di opo en borkisifrontgen noso FUV
straling. Sofasi we kisi diagnostiek di e meki difrenti minden XDR nanga PDR model.
Un’ konkruderi dati ratio mindri HCN nanga HCCkan meki wan tru bun difrenti mindri
den PDR nanga XDR. Nanga den telescopu fu tide un kan waki alen4 moro betre
wan ben sa de fu habi CO lini nanga wan hei excitatie faya. emlisi e meki soso
na ini waran CO gas en unu kan feni dati soso na ini den XDR. Brkan marki den
lini disi fosi bun nanga a Herschel (wan fara-infraredifsulbmeter satelliet di sa lanceer
ini 2008) nanga a wrokosani HIFI (The Heterodyne Instrunfenthe Far-Infrared) di
fasi na en tapu. Moro fara un’ kan feni wan nomru molecuul dktowde diagnostich,
soleki NO, CN, CH nanga CH Now now so un’ no man reken uit lini-intensiteit gi den
molecuul disi na tap wan kweti fasi.

Na ini kapitri 9 wi e go na ini den difrenti kénki die rontgéoton nanga kosmische
straling e trakti fu meki tapu na ISM. Kosmische straling ekifeunamku na ini san
tan abra fu den Supernova. Wan Supernova na te wan hebiatéinioro aiti tron a
massa fu son) na a keba fu en libi. Ini den presi pe furu st@rm furu fu den hebi
ster disi de, en owktu moro kosmische straling e meki. Namga moro hei intensiteit
fu kosmische straling a thermisch nanga chemisch struktuwan gaswolku kan kenki.
Fu dati meki w'e luku san e pesa nanga den PDR model efu w'e apofurumarki
kosmische straling en owktu w’e kék dati nanga den gewooR PRiddel nanga XDR
model. Ini son sitwasi PDR model nanga wan hei intensitekbsmische straling, soleki
XDR model kan ferkrari den ratios di ben waki. Ma un kan mekietditi mindri den tu
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efu un luku den hei energetisch lini fu CO, die un kan waki reaHgrschel (HIFI).

Ini kapitri 10 we schat relatief omeni presi pe den ster e indek den actief ini bere
nanga den kon moro hei kosmische straling na a mindri fu dersteisel nanga jepi
fu moleculaire emissie fu HCN, HCQO HNC, CO,*CO, CS nanga [CI]. Fu disi we
gebroiki a losi di un ben tja kon na fesi ini kapitri 8. Bakaidat e herlei den PDR di
de (nanga kon moro hei kosmische straling) nanga den XDR ooergi. Wi e definieer
wan diagnostisch diagram di un kan gebroiki owktu gi trastisel so leki (U)LIRGs
(sterstelsel die egu furu infra-rood straling). Nofotrehe si dati na ferkrari fu a lagi
difuus component didon na ini den XDR so leki den PDR nangankonhei kosmische
straling. Owktu wi e si dati a sterstelsel NGC 1068, di un kamofotron leki wan stelsel
nanga wan actief inibere (XDR), fanodu wan hei dichtheiddlPDR componenti.

Kapitri 11 e gi wan luku na ini futuru. W’e tja kon na fesi derallr fu den model.
Den disi sa de fanowdu fu kan ferstan den waki fu den kontesst¢elpu leki Herschel
nanga ALMA (wan millimeter interferometer fy 50 telescopu na ini Chili). W’e tja
kon na fesi owktu wan tu diagnostisch molecuul gi waki di unduoete.
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de voorkant van dit boekje anders doet vermoeden. Op zoweldétenschappelijke als
het sociale vlak heb ik de afgelopen vier jaren de nodige &telening gehad.

Ik heb de Sterrewacht als een prettige en stimulerende angyevvaren. Discus-
sies met stafleden, promovendi en studenten waardeerdgdkzalker. De buitengewoon
gerespecteerde personen, waarmee ik gezamenlijke mojeeb gedaan, staan vermeld
bij ieder hoofdstuk in dit boekje. Zonder de hulp van het s&niaat - Kirsten, Jeanne,
Elise, Liesbeth en Laura - en de computergroep - David, Higkho en Aart - zou mijn
promotie lang niet zo soepel zijn verlopen. Ook ben ik ergpt&lijk voor de financiéle
ondersteuning die ik heb ontvangen van het Leids Kerkh@®@sscha Fonds voor het
bezoeken van conferenties in onder andere Brazilié en ten\dgle Staten.

Ontspanning was er ook natuurlijk, bijvoorbeeld tijdensmgekken bij de koffie en
lunch of het sporten met Jelle, Koen, Sijme-Jan, Francd-dan, Remko, Dominic en
Inti. Ook heb ik altijd met plezier een kamer gedeeld met lagdater Lottie en Eveline.
Buiten de Sterrewacht waren er ook een hoop vrienden metugstierend oor en veel
geduld, zeker de laatste zes maanden van mijn promotie. Bedde plaats mijn zeer
gewaardeerde hofgenoten, onder andere, Joost, Rebe¢gsaMa@ik, Steven en Sigrid,
maar zeker ook Sjoerd en Thijs.

Verder wil ik mijn ouders bedanken, voor het feit dat ze meldesbvrijgelaten in het
maken van mijn keuzes en dat ze me altijd hebben onderstgdenlst mijn studie. Ik ben
Paul en Christina zeer erkentelijk voor het vertalen vanateenvatting in het Sranan.

Samora, ik snap af en toe niet waar ik je aan verdiend heb,exgod had ik het
schrijven van dit proefschrift nooit voor elkaar gekregen.
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